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Chapter 1

Introduction and summary

1.1 The evolution of single stars

Stars are formed in clouds that are predominantly found éngihiral arms of galaxies. If

such a cloud contracts, its temperature rises and it fraggrieto several hot cores. Such
a condensation contracts in its turn, until the circumstsna its centre allow hydrogen

fusion to take place. The condensation has become a zenmaigesequence star and the
mass and composition of the young star determine how it wéhsl the rest of its life.

The main sequence is the longest phase in the active evolttio star (about 80%), so
that most stars we observe are main-sequence stars. Dhrnphase the luminosity and
surface temperature of the star change only little, but wtherstar runs out of hydrogen in
its core, it will change drastically. Because the core cstssif helium only, nuclear fusion
stops and the helium core will contract and heat up. The lyatrerich layers just outside
the core become sufficiently compressed and heated thabdggdifusion can take place
in a shell around the core. The hydrogen-burning shell casveydrogen into helium,
and the core becomes more massive, more compact and hogtleulaions show that a
more compact core causes the density in the burning shellojp b that the density in
the envelope must drop as well to maintain hydrostatic dgjiiin. The envelope of the
star expands and cools, so that the opacity in the envelspg and the envelope becomes
convective. The star becomes a red giant and keeps expaasliogg as the helium-core
mass grows and becomes more compact. Because red giantsremeuis and the surface
gravity is low, they are thought to have strong stellar witttst blow appreciable amounts
of gas into the interstellar medium, although the exact ress rates due to stellar wind
are unknown.

For all stars that evolve within a Hubble timé/( = 0.8 M) the core pressure and
temperature become sufficiently high to start helium fuslanthe case of stars with masses
< 2.4 Mg the helium core is degenerate, therefore isothermal anddhe grows up to
0.47 M, before helium is ignited. Because the core is degeneratajgh in temperature
due to the helium fusion does not lead to a rise in pressuredendity, so that a ther-
monuclear runaway ensues, in what is called the *helium flastil the rising temperature
eventually lifts the degeneracy. The helium cores in stassermassive thad.4 M., are
non-degenerate, so that helium fusion begins at a loweninetiore mass, hence a smaller
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radius, and without a helium flash. These stars ascend thgiaad branch only little and
as a consequence lose relatively little mass in a stellad &drthis stage.

While helium is ignited in the core, the core expands and asrsexjuence the star
shrinks again. The star is now on the horizontal branch afithelium has been converted
to carbon and oxygen and the star expands again. Stars mesiveshan about0 M,
can have many burning phases in which they produce incrglgsimore massive elements,
until their core consists of iron and further nuclear fusiamlonger releases energy. The
core of such a massive star collapses to a neutron star oapeenblack hole, while the
outer layers are blown off the star in an explosive eventigilahown as a supernova.

In this thesis we discuss the evolution of stars that arerfesssive than aboud0 M.
When helium is exhausted in the core of such a low- or intefateemass star, it develops
a degenerate carbon-oxygen core surrounded by a heliumrAgushell which is in turn
surrounded by the hydrogen-burning shell. These two barshrells come closer to one
another while they move out and when they come very closeaied thermal pulses occur.
Meanwhile, the star has expanded again, onto the asympgfiaiit branch (AGB). These
large stars experience Mira pulsations, which typicallyehperiods on the order of a year.
At the moment of maximum radius during such a pulsation, théase temperature of the
star drops sufficiently to allow the formation of dust. If tthest couples to the gas, the high
radiation pressure will cause the star to rapidly lose itgetope. The star loses enough
mass that a supernova is prevented and ends its life as a dvhdté consisting of carbon
and oxygen or, for the more massive stars, oxygen and neanfofimer envelope of the star
is visible for some time as a planetary nebula surroundiegtioto-white dwarf, irradiated
by the intense radiation of the hot central star. The whitardwo longer produces energy,
save for a possible thermonuclear shell flash when the whitefds still young, but cools
and becomes less luminous. The cooling rate is determindokbyass of the white dwarf,
the thickness of the hydrogen layer on its surface and tharomece of shell flashes. A
computer model for a star of M, is shown in Figl.1

1.2 Binary-star evolution

Of the about 5000 stars that we can see with the naked eyet 2000 are actually binary

or multiple-star systems and it is thought that this frati® representative for the stars in
our Galaxy. The star closest to our Sun, Proxima Centaua,issmber of a triple system
and it seems reasonable to assume that more than half ddigllese in a binary or multiple

system.

Stars in a binary evolve in a potential that is determinedhagydravity of the stars and
the orbital motion in the binary. The surface that definesdpleere of influence within
which a particle is bound to one of the two stars in the fram®teding with the binary
is called the Roche equipotential surface and the two drehlaped spaces it confines are
called the Roche lobes of the two stars. The point where thd@che lobes touch is called
the first Lagrangian point.

Stars in a binary with an orbital period in excess of 10 yr &ely to spend their lives
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Figure 1.1: A computer model for the evolution of a star a¥/3, with wind mass loss,
calculated with the evolution code of P. Egglettipper panela): A Hertzsprung-Russell
diagram for the model. The dashed line is where the heliurh fisurs; the code replaces
the pre-helium-flash model (E) with a post-helium-flash mdég The dotted lines are
lines of constant radiud.ower panel(b): A Kippenhahn diagram that shows the internal
structure of the star as a function of time. Grey areas areewiive regions, in hatched
areas intense nuclear burning takes place. The thick litleeigotal mass of the star, the
dotted lines are the masses of the helium and carbon-oxyages and often coincide with
the burning shells. Notice the changes in scale of the tine &he labelled points are A:
zero-age main sequence, B: terminal-age main sequenc&s€:df the giant branch, D:
first dredge-up, E: helium flash, F—G: core helium burningsgh&l: early asymptotic giant
branch, and I: point where the hydrogen envelope has beamtdway and the star starts
contracting.
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effectively as single stars, well inside their Roche lobl@scloser binaries, at least one of
the stars may expand up to the size of its Roche lobe, forrinst# the star becomes a
giant. If this happens, gas from the giant can funnel thrahgtirst Lagrangian point into
the Roche lobe of its companion, which may or may not accteféhus, in a close-enough
binary, mass can be transferred from one star to the othemaadater stage of evolution
the reverse process may take place. Since the mass of a #t@r d®minant factor that
determines the evolution of the star, mass transfer betwtsa can change the evolution
of the two stars in a binary appreciably. A star af/k, on the red-giant branch could lose
its envelope prematurely due to mass transfer, so that aeromassive helium white dwarf
is formed, rather than the more massive carbon-oxygen wdwtef that would be the end
product of such a star if it were single. In addition, the tabperiod of the binary usually
changes during mass transfer, because the transferredrmatties angular momentum
from the donor to the accretor.

If the companion of the donor star is large enough and the 4tmassfer rate not too
high, the transferred matter will be accreted by the commanif the companion is very
small compared to the orbit, like in the case of a neutron garmatter carries too much
angular momentum to be accreted directly. In this case thigenwaill form an accretion disc
around the neutron star and if the mass-transfer rate ishidjan the Eddington accretion
limit, some or most of the matter could be driven out of theeysrather than accreted by
the compact object. The gas in the accretion disc is hea@dmits copious X-rays. Such
systems, with a neutron star or black hole as accretor, agerebd as X-ray binaries.

In the solar neighbourhood, the average distance betwasnistrather high~ 1 pc) so
that it is unlikely that a binary interacts with other statds therefore reasonable to assume
that binaries in the galactic disc are primordial binaridsewever, this is not true for dense
stellar environments, like the galactic centre and globalasters. The stellar density in
the core of a globular cluster can be on the order of one miltimes higher than in the
solar neighbourhood and hence the probability that anastem between stars or between
a star and a binary occurs is abdgt? times larger in the core of a dense globular cluster
than in the solar neighbourhood. The fact that many lumintuay binaries are observed
in globular clusters can probably be explained by this highgity, for instance if these
binaries are formed by the collision of a neutron star andib)@ant star (see Sedt.3.J).

1.3 Summary of this thesis

In this thesis we study the formation and evolution of contficaries. Chapte? and3
deal with the formation of luminous, ultra-compact X-rayaiies in globular clusters and
rule out one of the proposed formation scenarios for thestesys. In Chaptefwe look in
detail at observations of one particular X-ray binary ingladactic disc that is believed to be
ultra-compact. Based on the observation of a long X-raytbamd a high neon-to-oxygen
ratio in the X-ray spectrum, we show that the donor of thisabjris probably the remnant
of a helium white dwarf that was produced by a star no more ivagisan about 2.25/,.

In Chapteb we discuss the formation of double white dwarfs. We preseodets that
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Cluster Position 38 Indirect indication
low fopt/fx burstmax. spectrum

NGC 1851 0512-40 ? U U U

Terzan 2 1724-31 ? — ] N

Liller 1 1730-33 ? — — —

Terzan 1 1732-30 ? — — —
NGC 6440 1745-20 ? — — N

Terzan 5 1745-25 ? — — U
NGC 6441 1746-37 5.7hr — N N

Terzan 6 1751-31 12.4hr — — N
NGC 6624 1820-30 11.4min U U U
NGC 6652 1836-33 ? U U U
NGC 6712 1850-09 20.6 min U U U
NGC 7078 2127+12a 22.6min — U —

NGC 7078 2127+12b 17.1hr —

Table 1.1: Luminous X-ray binaries in the galactic globudaisters. The columns list the
name of the cluster, the position of the source, the orbiailoel and three indications for
an ultra-short (U) or normal (N) period, based on the opttcaK-ray luminosity ratio,
the maximum luminosity in bursts and the X-ray spectrum. ®eemain text for more
explanation. Adapted fronderbunt & Lewin (2004).

describe the evolution of a binary through two mass-trandfases in which the two white
dwarfs are formed. We conclude that we can explain the obganasses and periods well,
but that it is more difficult to find a model that also explaine bbserved age difference of
the two components.

1.3.1 The formation of luminous X-ray binaries in globular dusters
(Chapter2 and?3)

Thirteen luminous X-ray sources are detected in the glolallsters of our GalaxyMerbunt
& Lewin 2004; Verbunt 200%. All of these sources are low-mass X-ray binaries in which
a low-mass star transfers mass to a compact object. Twelteest systems are X-ray
bursters and hence the compact object must be a neutrorigténe 13th source this is
not certain. For 6 of these 13 systems the orbital period iasmed and 3 out of these 6
have an ultra-short{ 40 min) period. These systems are 4U 1820-30 in NGC 6624 which
has an 11.4min periodSfella et al. 198y, 4U 1850-087 in NGC 6712 with a 20.6 min
period Homer et al. 199B6and recently a 22.6 min orbital period was found for M15 X-2
(in M 15/NGC 7078) Dieball et al. 200%(see Tabld..1).

The other 7 X-ray sources have no detected orbital periodsiader, indirect methods
are available that give an indication as to whether an X-fagdy is ultra-compact or not.
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The first method uses the fact that most optical light fromihous low-mass X-ray binaries
comes from re-processing of X-rays in the accretion disc.hérsorbital period means a
small disc and hence a relatively low optical luminositytwieéspect to the X-ray luminosity
(Van Paradijs & McClintock 1994 The second method was foundKyulkers et al(2003
and is based on the peak luminosity reached during X-raytduriis maximum luminosity
is compatible with the Eddington luminosity for hydrogeoep material for two systems
with measured ultra-short periods, whereas it is compatibth the Eddington luminosity
for hydrogen-rich material for a source with a normal peridtie third method comes from
a simple two-component model to explain the X-ray spectth@de systems bidoli et al.
(2001). This model gives realistic and self-consistent soldifor three systems believed to
be ultra-compact, and non-consistent solutions with Uisteaparameters for sources with
normal periods. For more details on these methodsVedaunt & Lewin (2004); Verbunt
(2009H. The last three columns of Tallel show for each of the luminous X-ray sources in
the globular clusters whether they are ultra-compact ((Wamal (N) according to these
indirect methods. From the Table one can infer that of theet@n luminous X-ray sources
in globular clusters, certainly 3, probably 5 and possibhg @&re ultra-compact binaries.
This is in sharp contrast to the much-lower fraction of ultanpact binaries in the field
(Deutsch et al. 1996

There are three explanations for the formation of ultra-paot X-ray binaries in globu-
lar clusters. The first formation scenario starts with a bjred a neutron star and a massive
companion. If the companion becomes a giant its envelopergulf the neutron star and
cause a spiral-in. The core of the companion thus forms & dlogary with the neutron star
and the orbital period will become shorter due to gravitaiaadiation until mass transfer
starts. If the companion had a helium core and the orbit #itespiral-in is very close, there
may be no time to burn the helium so that helium is the maintitoesit of the transferred
matter. If the star had a helium core and the orbit is widex,abre would become a helium
star and convert most of its helium to carbon and oxygen. Wbigld be similar to the case
where the companion had a carbon-oxygen core at the timeeadtinal-in. Although stars
of sufficient mass for a spiral-in with a neutron star do nggenexist in the galactic globu-
lar clusters, it can take some time before gravitationaktiah causes Roche-lobe overflow
to occur so that this could explain the observed systemseig#ifactic disc and in globular
clusters today. A second formation scenario is likely toggponly in dense stellar envi-
ronments, such as (the cores of) globular clusters. In tésario the neutron star collides
with a (sub)giant star, the envelope is expelled and theroestar forms a binary with the
core of the giantVerbunt 1987. Since the probability of such a collision is largest if the
star is on the sub-giant branch, the companion to the nesteoris likely to be a helium
white dwarf. It has recently been found that this scenarddgrovide for a sufficiently
large formation rate to explain the observed numbers of homs$ sourcesl{anova et al.
2005.

A third mechanism to explain the ultra-compact X-ray bieartarts with a neutron star
and a main-sequence star that loses angular momentum dtrerig snagnetic braking.
The angular-momentum is lost from the orbit due to spin{ocbiupling and causes the
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orbit to shrink. We call such a system converging. When tlitelrorbital period is short,
the minimum period lies around 70 miPdczynski & Sienkiewicz 1991 At this point
the donor becomes degenerate and the orbit starts expaadaig. If the initial period

is long, a helium core develops and mass transfer becomesrfasgh to overcome the
effect of angular-momentum loss, so that the orbit expamtis the donor has transferred
all of its mantle and a low-mass helium white dwarf is formédepbink et al. 1988 Such a
system diverges. For a narrow range of initial periods adthe bifurcation period between
converging and diverging systems the donor star fills itsfiedobe around the terminal-age
main sequence. Such a star becomes degenerate at smallsrdad to the high helium
abundance while a pure helium core is not yet formed. In thgecthe period minimum
can be much smaller than 70 min (Tutukov et al. 198band ultra-short orbital periods
of 11 min can be reached¢dsiadlowski et al. 2002 We will refer to this mechanism as
magnetic capture Pylyser & Savonije(1988 investigated the magnetic-capture scenario
and found no periods lower than about 38 minutes. They stbper calculations at the
Hubble time, whilePodsiadlowski et a2002 only show the time that elapsed since mass
transfer started.

The interesting feature about the magnetic-capture steisathat for an X-ray binary
with an orbital period of 11 min the period derivative can hiner positive or negative,
depending on whether the system has already passed thd pgnionum or not. A negative
period derivative has been observed several times for thenih binary in NGC 6624\(an
der Kilis et al. 1993pChou & Grindlay 200} and this suggests that the binary evolved
along the lines of the magnetic-capture scenario. Howekrernegative period derivative
could be apparent due to acceleration of the binary in thstetypotential Van der Klis
et al. 19935 Figurel.2 shows that the acceleration at the projected distance dfitteey
from the centre of the cluster seems insufficient to explaedbserved period derivative,
especially if the gravitational acceleration should becenas strong in case the intringit
is positive. However, observations with HST of the opticalicterpart of the X-ray binary
place it six times closer to the cluster centikeng et al. 1993, which makes it again more
probable that the negative period derivative is due to acaton.

We investigate the magnetic-capture scenario in Cham@ed3. In Chaptel we inves-
tigate the magnetic-capture scenario along the lineBanfsiadlowski et al(2002), using
the magnetic-braking law byerbunt & Zwaan(1981) and assuming that half of the trans-
ferred mass is lost from the system. In addition we do notwakwolution beyond the
Hubble time. We calculate models starting with a binary tlatsists of a neutron star and
alow-mass(.7 Mo < M; <1.5 M) zero-age main-sequence star. We vary the initial mass
of the donor, the initial period and the metallicity of therst and produce several grids
of models. We use these grids and interpolate between tvaxaalj models to derive an
evolutionary scenario for a binary with an arbitrary initggeriod. This way we calculate
the distribution of a simulated population of one millioarst with an age between 10 and
13 Gyr for each initial donor mass in our grid. Next we add ¢hdsstributions to produce
a period distribution for a population of 10 million of thestars at the age of the globular
clusters. The distribution foZ = 0.01 thus obtained shows us that oneli®’ binaries
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that evolved this way should have an orbital period of 11 nmid that for each such system
there should be about 100 binaries with an orbital pego®0 min. We conclude that the

initial period of a binary must be very close to the bifurcatperiod in order for it to evolve

to an ultra-compact system. Furthermore, such a systerweveokry rapidly through the

period minimum, so that there is only a small probability tiserve it in the ultra-compact
regime. We also find that there is no contribution from the mnoassive donors in our grid

(> 1.2 M) to the ultra-compact binaries.

In ChapteB we expand these grids of
NGC BEZ4 models by varying more parameters. We
T B e reduce the strength of the magnetic-braking
1 law that we used in Chapt@rand in ad-
1 dition we use a more modern law, based
t 1 on the measured ranges in rotational veloc-
] ities of stars in the Hyades and Pleiades
| and including saturation of the angular-
i momentum loss at a certain critical rotation
| velocity (Sills et al. 2000. We show that
our results from Chapt& depend strongly
on the magnetic-braking law we used. If
we reduce the strength of magnetic brak-
ing by simply scaling down this law with
l\\ a factor of 4, the shortest orbital period
- | found in our models increases from about
I ] 10min to 23 min. This is due to the fact
. that since magnetic braking is weaker, the
systems need more time to reach the ultra-
compact regime. Thus many systems may
only reach this regime after the Hubble
time, so that they do not contribute to the
simulated population at 10 to 13 Gyr. Sec-
. . . ondly, because the evolution needs more
Figure 1.2: The maximum acceleration alongme' a small offset in initial period has

the line of sightamax as a function of the |50t consequences for the evolution than
projected distance from the cluster centrigyefore This basically means that the range

according to a cluster model for NGC 6624y jnitia| periods that lead to ultra-compact
(curve) compared to the measured POSItiqhnaries is even narrower than before. If

and acceleration of the 11.4min binary (do}qare is no magnetic braking at all, or if

with error bars). In more recent observationg. ,se the saturated magnetic-braking law

the binary is closer to the c_entrKi(wg et al. by Sills et al.(2000, the shortest periods
1993. Taken fromvan der Klis et al(19933. found lie around 70min. Reducing the

strength of the magnetic braking used in
our models to perhaps more realistic values

=15

7]

NI N

|Er':| "'-l“lr"'
=1

0.5 1

I
|
=
w
(=N =

ra(pe)



Introduction and summary 9

thus changes the probability of forming an ultra-compacet¥{-binary with the magnetic-
capture scenario from very improbable to impossible.

The conclusions of these two chapters have important colesegs for our understand-
ing of the formation of the observed low-mass X-ray bingribey cannot have been formed
by the magnetic-capture scenario. Interestingly, thidatbe confirmed observationally, as
we mention in Chapted. Our models for magnetic capture predict that donors in &a-ul
compact binary with a negative period derivative still hbydrogen on their surface and this
surface hydrogen vanishes around the period minimum. Thgdrogen were observed in
the 11.4 min binary this would prove that the orbit is shrirkkiwhereas conclusive evidence
of the lack of hydrogen at the surface would suggest thatritvnsic period derivative is
positive. Furthermore, if in such a study carbon and oxygenld/be found abundantly,
this would suggest that the binary was formed long ago in ki caused by a massive
star and the white dwarf was brought to Roche-lobe overflograyitational radiation only
recently. Most probably, helium will be the most abundaatent which would allow both
the the spiral-in scenario and the collision-scenario far the formation of this binary.

1.3.2 The presumed ultra-compact X-ray binary 2S5 0918-549
(Chapterd)

The object 2S50918-549 is an X-ray binary with a low opticaXtoay flux ratio (Chevalier
& llovaisky 1987). As shown byVan Paradijs & McClintock(1994, this is an indica-
tion that the system might be an ultra-compact binary witlodoital period less than 1 hr.
The object also has an unusually high neon-to-oxygen almosdatio. Juett et al(2001)
show that of a set of 56 low-mass X-ray binaries, there are $ources that display this
phenomenon. Two of these four systems have measured httraggeriods of 18 min (in
4U 1543-624, se®Vang & Chakrabarty 2004and 21 min (in 4U 1850-087, sédomer
et al. 1996. This observation therefore provides an extra indicatioat 2S 0918-549 is
an ultra-compact binary. Because such a binary cannot beefbby stable mass transfer
(ChapteR and3) and a collision between a neutron star and a (sub)giarttisranprobable
in the galactic disc, 2S5 0918-549 probably formed from aajir following dynamically
unstable mass transfer by the companion to the neutron sthteaving the core of that
companion exposed.

Optical spectroscopy of 2S5 0918-549 shows a lack of spdutes from hydrogen and
helium (Nelemans et al. 2004 This suggests that the donor is a carbon-oxygen or neon-
magnesium-oxygen white dwarf. However, like two other LMxXBentified byJuett et al.
(2001, this system shows type-lI X-ray bursts caused by thermeaushell flashes on
neutron stars (see Sedtl). Such bursts, of duration 10s to several minutes, can only
be explained by the presence of helium, possibly in comiinavith hydrogen Juett
& Chakrabarty 2003Nelemans et al. 20Q4nd the duration of the burst is proportional
with the hydrogen content. 2S 0918-549 experienced a thastasted almost 40 min (see
Sect4.3) which would suggest a high hydrogen content, in blatantregiiction to the op-
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tical spectrum and the presumed ultra-compact nature dfittegy.

Because 2S0918-549 is a persistent source with a low ameretie ¢ 1% of the Ed-
dington accretion limit, se@onker et al. 2001we argue that pure helium has been accreted
slowly but for a long time by the neutron star. Thus, a thigleleof helium has accumulated
on the surface of the neutron star, which explains the lomgtcan of the burst. The donor
could therefore be a helium white dwarf, although it is netelwhy lines of helium should
be missing from the spectrum. My contribution to this chajstenainly in Sect4.5.2 where
we present a number of progenitor models for the donor of 286949. We assumed that
the star that is now the donor in 2S5 0918-549 was the core gfdgenitor and exposed
after a spiral-in. First we argue that the donor cannot be ssima carbon-oxygen white
dwarf or a neon-magnesium-oxygen white dwarf. Such stare haasses that are higher
than about 0.4-0M&,, which is thought to be the upper limit to the mass of a whitaudw
that can have stable mass transfer. Thus, any white-dwadrdeith stable mass transfer
should be either a helium white dwarf or a low-mass carboygexr white dwarf, once the
core of a giant star. We therefore consider the cores of outatstars that evolve from the
zero-age main sequence (ZAMS), via the red giant branch (RGBie asymptotic giant
branch (AGB).

Stars of 1M, or more on the RGB have a helium core that was formed by hydroge
fusion at least in part via the CNO cycle. In this process themabundance does not
change, but the oxygen abundance drops because oxygenverisahto nitrogen in the
CNO cycle. Thus the neon-to-oxygen abundance ratio in aitmetiore is higher than it
was at the ZAMS. The precise number depends on the temperattwvhich the burning
takes place and thus, among others, on the mass of the staur stellar models this ratio
increases to about twice the ZAMS ratio for a star d¥/}, and to almost 20 times the
ZAMS ratio for a 5M, star.

A star on the AGB has a carbon-oxygen core, the ‘ashes’ ofifreburning. In a side
reaction to the helium-burning process some nitrogen ivexad into neon-22, but this
happens on a much smaller scale than the production of oxyglkee oxygen abundance
therefore rises much more than the neon abundance and thelssbew a neon-to-oxygen
ratio that is much lower than it was initially: 13—-16% of thAMS value. We conclude that
the donor of 2S5 0918-549 that we observe today is probablgehéal part of a helium-
white dwarf, the former core of a progenitor no more masdiamtabout 2.28/,. This is
compatible with the observations of long X-ray bursts arelhliigh neon-to-oxygen abun-
dance ratio, although it is unclear why helium lines are ilaghn the optical spectrum.

1.3.3 The formation of double white dwarfs
(Chapterb)

Double white dwarfs, binaries in which both components anéevdwarfs, are sought for
systematically by the SPY (ESO SN la Progenitor surveY)gubg.g. Napiwotzki et al.
200)). If these systems have short enough orbital periods andss that exceeds the
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Figure 1.3: Observations of WD 0316+76&ft panel:Spectrograms (left-most) and the fit
to these dataRight panel:Radial velocities measured for both components (symbald) a
least-squares fits of sine functions to these points (salide). Adapted fronMaxted et al.
(20021.

Chandrasekhar limit, they might produce supernovae of tgpgben & Tutukov 1984.
Furthermore, they may be the dominant source of low-frequegravitational radiation
(Evans et al. 198'Hils et al. 1990. Ten double white dwarfs have been observed as double-
lined spectroscopic binaries to date. These systems tiypltae orbital separations of a
few solar radii or less and component masses between al3an6.0.8V/ (see Table 6.1).
Since these white dwarfs were once the cores of stars on #m branch with radii of
several tens to several hundreds of solar radii, a drastitabishrinkage must have taken
place around the formation of the youngest white dwarf. lugsially assumed that the
progenitor of this white dwarf filled its Roche lobe while é&idha deep convective envelope,
so that the ensuing mass transfer was dynamically unstabléh& envelope of the donor
engulfed the white dwarf that was already formed. The two gach objects would then
spiral inwards due to drag forces inside this common enwelapile the orbital energy that
is liberated is used to expell the envelope from the sysiébpink 1984,

In Chapteb we try to find an evolutionary scenario for these 10 obserwesesns.
We follow the lines ofNelemans et al(2000 who did very similar work, but based on 3
observed systems rather than 10 and with use of many aralgpproximations where we
use a stellar evolution code for more detailed calculatiéimsong the advantages of the use
of an evolution code is that we can calculate for a set of pridgemodels the radius of the
star and the binding energy of its envelope at every momeits @volution. This enables
us to calculate the efficiency parameter for a common eneeldth spiral-ina... Another
difference is that we consider more-massive progenitodsstars on the asymptotic giant
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branch as possible progenitors.

We confirm the conclusion dfelemans et a(2000 that the formation of the observed
systems cannot be explained by the scenario where the fiits divarf is formed after con-
servative mass transfer and the second white dwarf in a conameelope with spiral-in, or
by the scenario in which two occurrences of such a spiradde pplace. A different mecha-
nism in which a donor star can lose its envelope is therefegeired and we again follow
Nelemans et al(2000 in their prescription of envelope ejection with angulasmentum
balance, rather than energy balance. This prescriptios aseefficiency factoty to re-
late the angular momentum that is carried by the ejectedl@pedo the average angular
momentum of the progenitor system. This prescription wae aked for this purpose by
Nelemans & Tout(2005, but again with approximations for the stellar parametéfge
share their conclusion that all observed masses and og#tadds can be explained with
this mechanism, il.5 < v < 1.75. However, this would imply that the envelope matter
somehow gains extra angular momentum from the binary béfisrost and at this moment
there is no physical explanation for this.

We therefore introduce two slightly different prescriptgfor the scenario of envelope
ejection with angular-momentum balance. In the first pipsion it is assumed that the mat-
ter is transferred from the donor to the companion and thesrmigted isotropically. The
second prescription is for an isotropic wind from the dontar.sThese two prescriptions
can explain the masses and periods of all observed systarmmaoty with an efficiency
parameten.9 < v < 1.1. These prescriptions therefore need no additional phlysica
planation for the high angular-momentum losses. The olesemasses and periods can be
explained with either an envelope ejection with-grescription followed by a spiral-in with
the a-prescription, or with two subsequemtenvelope ejections. However, if we want our
models to explain in addition the difference in cooling agéAeen the two components of
a binary, found by the observers by comparing their obsematto white-dwarf cooling
models, we find that this is more problematic. Some systemsstithbe explained with
the same values foy, while for others we must allow values that are much farttoemf
the desired values than before. We list the best solutiosiote 6.5 and one of them is
schematically displayed in Fig.4.

Among the solutions that can explain the observed doubléeavawarfs there is one that
could explain the observation that the oldest white dwathm system PG 1115+116 is a
DB white dwarf,i.e. has no hydrogen in the spectruidxted et al. 2002a The scenarios
for stable mass transfer or envelope ejection predict tietietis a thin layer of hydrogen
at the surface of a white dwarf produced this way so that iukhbe a DA white dwarf,
i.e. with hydrogen in its spectrumMaxted et al.(20023 suggest that the star may have
experienced a giant phase after the first mass-transfeephBsis scenario corresponds
to solution 54 in Table 6.5, in which the 0.89; helium core of a 5.42/, progenitor is
exposed due to envelope ejection with thprescription. Such an exposed core becomes a
helium star and massive helium stars can become giants. dfitis¢ mass in such a giant
is in the carbon-oxygen core and it is possible that thislsts its outer layers, either by
Roche-lobe overflow or by a stellar wind, without much chatmhe total mass and the
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WD 0136+768

Age (Gyr) M, (Mg) : M, (Mg) P (d)
0.000 1.59 O@ 1.53 75.88
2.379 1.59 O@ 153 75.88
2.379 0.34 1.53 269.50
2.678 0.34 ’ 1.53 269.50
2.830 0.34 0.43 1.41

100R,,

Figure 1.4: Schematic representation of the evolution oihéral binary that leads to the
double white dwarf WD 0136+768 with the observed massestabgieriod and age differ-
ence. This scenario corresponds to solution 22 in Tableibwhich the primary ejects its
envelope withy ~ 0.95 (from panel 2 to 3 in the Figure) and the secondary causesa-spi
in with o = 1.00 (panel 4 to 5). The Figure shows the stars and their Roches lnfié
respect to the centre of mass of the binary (dotted vertica).| The numbers are the age
since the zero-age main sequence, the two masses and tted pebbiod. The components
of the double white dwarf that is formed in this scenario havege difference of 299 Myr;
compare the observed age difference of 450 Myr accordingg@ooling models. The final
panel shows the binary at its current age, according to tbkrgpage for the youngest white
dwarf. The final orbital separation is less thaR5 and hardly visible.
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orbital period. It is interesting that such an evolutionacgnario is indeed amongst our
solutions.



Chapter 2

Creating ultra-compact binaries
In globular clusters through stable
mass transfer

M.V. van der Sluys, F. Verbunt and O.R. Pols
Astronomy and Astrophysics, v.431, p.647—658 (2005)

Abstract A binaryin which a slightly evolved star starts mass trantfe neutron star can
evolve towards ultra-short orbital periods under the infleecof magnetic braking. This is
called magnetic capture. We investigate in detail for whitial orbital periods and initial
donor masses binaries evolve to periods less than 30—4Qesimithin the Hubble time.
We show that only small ranges of initial periods and massad to ultra-short periods,
and that for those only a small time interval is spent at tdtrart periods. Consequently,
only a very small fraction of any population of X-ray binagis expected to be observed at
ultra-short period at any time. If 2 to 6 of the 13 bright X-rsgurces in globular clusters
have an ultra-short period, as suggested by recent obasrgatheir formation cannot be
explained by the magnetic capture model.
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2.1 Introduction

The globular clusters belonging to our Galaxy house thirteéght (Lx 2 103°ergs™ in
the 0.5-2.5 keV range) X-ray sources, neutron stars aogréthm a low-mass companion.
A surprisingly large fraction of these has ultra-short tabperiods of less than about 40
minutes, as first noticed Hyeutsch et al(1996. Two of the five orbital periods known are
11.4min and 20.6 min (or its alias 13.2 min) for the sourceN®C 6624 and NGC 6712,
respectively Gtella et al. 1987Homer et al. 1995 The orbital periods of eight systems
are not known, but for four of them indirect evidence poimtsah ultra-short period. This
evidence consists of the absolute magnitude of the optozatterpartYan Paradijs & Mc-
Clintock 1994, of the energy distribution of the X-ray spectruiqoli et al. 200}, and of
the maximum flux reached during X-ray burskuflkers et al. 2008 Collating this evi-
denceVerbunt & Lewin (2004 their Table 1) suggest that two more sources probably, and
two others possibly have ultra-short orbital periods (in@®I851 and NGC 6652, and in
NGC 7078 and Terzan 5, respectively). The 43.6 min perioddduy Deutsch et al(1996

is not the period of the bright X-ray source in NGC 6652, buadainter sourceHeinke
et al. 200).

Thus both among the known periods and among the suggestiedi@eabout half of
the bright X-ray sources have ultra-short orbital perio@his is in marked contrast to the
period distribution of bright X-ray sources in the galaatisk, where only one period much
shorter than 40 minutes has been suggested st\Vang & Chakrabarty 2004

Ultra-short-period binaries with a neutron star can be fedrin a number of ways. An
expanding giant star can engulf the neutron star, which $sipgnals in to form a binary with
the helium-burning core. If mass transfer starts immedtliaéer spiral-in, the donor is a
helium-burning staravonije et al. 1986 if mass transfer starts only after a long time, the
donor has evolved into a CO white dwarf or a CO white dwarf wigium mantle Yungel-
son et al. 200R The process requires a giant of higher mass than existslulgr clusters
today; but the waiting time between end of the spiral-in angeb of the mass transfer al-
lows us to observe the mass transfer stage today of systeameddong ago. Indeed, it
has been argued that this in fact is the dominant formatioegss for ultra-short-period
binaries in globular clusterdD@vies & Hansen 1998asio et al. 2000 Alternatively, it
has been suggested that in a cluster, a neutron star camasmwllision with a giant expell
its envelope and form a binary with its cordefbunt 1987. It is not obvious that this leads
to a binary sufficiently close to start mass transfer withia iHubble timeRasio & Shapiro
1997). A white dwarf donor implies an expanding orbit, and thusdicts an increasing
orbital period.

Yet another scenario starts from a binary of a neutron stdreamain-sequence star.
The evolution of this binary depends critically on the iaitorbital period. When the pe-
riod is short, mass transfer is driven by loss of angular maoma, and the orbital period
decreases with the donor mass until a minimum period is ezhokar 70 minFaczynski
& Sienkiewicz 198}. We will call this a converging system. At the minimum petidche
donor becomes degenerate, and further mass transfer exgfamdrbit. When the orbital
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period is long, mass transfer is driven by expansion of theodstar, and the orbit ex-
pands with the donor radius until the donor has transfeisefilil envelope \(Vebbink et al.
1983. These are diverging systems. However, for a narrow rafgeniods loss of angular
momentum can still shrink the orbit for a slightly evolvedndo. Due to its higher he-
lium content, the donor becomes degenerate at smallers;aalig correspondingly shorter
orbital period Tutukov et al. 198h Orbital periods shorter than 11 min can be reached
(Podsiadlowski et al. 2002 These systems therefore converge, but the process may tak
more than a Hubble time. At 11.4min, the period derivativeyrha negative or positive,
depending on whether the system is still on its way to theogeminimum, or has already
rebounded. We will refer to this scenario as magnetic captur

The repeated observation that the 11.4 min period of thénbKegray source in the glob-
ular cluster NGC 6624 is decreasingaf der Klis et al. 1993bChou & Grindlay 200}
would appear to indicate that the system evolved accordirthe¢ magnetic capture sce-
nario. However, it is not impossible that the negative mederivative is only apparent, the
consequence of an acceleration of the binary in our directiothe gravitational potential
of the innermost part of the globular cluster. A more acaupaisition of the (optical coun-
terpart to the) X-ray binary and a re-determination of thetmeof the cluster shows that
the X-ray source is much closer to the cluster centre thantivasght before, and thus in-
creases the probability that the measured period is affént@cceleration. Nonetheless, the
measurement of a period decrease is a strong incentive éstigate the magnetic capture
scenario in more detail.

A possible problem with the magnetic capture scenario igsestgd by computations
for binaries in the galactic disk, byylyser & Savonijg(1988. None of their calculated
evolutions lead to periods of about 11 minutes within the blaltime.Podsiadlowski et al.
(2002 do not address this problem explicitly, but only show tinegielapsed since the onset
of mass transfer.

In this chapter, we address the question under which cirtamoss the very short orbital
periods observed in NGC 6624 and NGC 6712 are reached whkititibble time, in the
magnetic capture scenario described above. The parantbtdrae vary are the initial
mass of the donor star, the initial orbital period (or morde®s equivalently, the orbital
period at which mass transfer starts), and the metallidithi@donor. In SecR.2we briefly
describe the code that we use, and the algorithms specifietevolutionary scenario that
we study. In SecR.3we give the results for two specific cases, to compare withieear
work and to illustrate the possible evolution paths. We tiiescribe the expected outcomes
for an initial distribution of donor masses and initial dediperiods in Sec®.4. We find
that orbital periods of 11.4 and 20.6 min are possible, bot uwalikely in this scenario. The
consequences of this conclusion are discussed in &éct.
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2.2 Binary evolution code

2.2.1 The stellar evolution code

We calculate our models using the STARS binary stellar gi@miwcode, originally devel-
oped byEggleton(1971 1972 and with updated input physics as describe®als et al.
(19995. Opacity tables are taken from OPAlglesias et al. 1992 complemented with
low-temperature opacities froddexander & Ferguso1994).

The equations for stellar structure and composition areesbimplicitly and simulta-
neously, along with an adaptive mesh-spacing equation.véline mixing is modelled
by a diffusion equation for each of the composition varigblend we assume a mixing
length ratiol / H,, = 2.0. Convective overshooting is taken into account aSéhroder et al.
(1997, with a free parametef,, = 0.12 calibrated against accurate stellar data from non-
interacting binarieschroder et al. 199Pols et al. 199) The helium core mass is defined
as the mass coordinate where the hydrogen abundance belesmésan 10%.

We use a version of the code (sBggleton & Kiseleva-Eggleto2002, hereafter
EKO02) that allows for non-conservative binary evolutiovere though the evolution of only
one component star is calculated in detail. The companiooui case a neutron star, is
treated as a point mass. With the adaptive mesh, mass logsllay sinds or by Roche-
lobe overflow (RLOF) in a binary is simply accounted for in timuindary condition for the
mass. Spin-orbit interaction by tides is treated accorthrtge equilibrium tide theoryHut
1987 with a tidal friction timescale as given by EK02. This is¢akinto account by solving
additional equations for the moment of inerfigr), the uniform stellar rotation frequency
Qot, the orbital angular momentumh,,;, and the orbital eccentricity. These equations
(of which the latter three are independent of the interiarcttire and only depend on time)
are also solved implicitly and simultaneously with the Use of equations, at little extra
computational cost. The rotation induces a centrifugaéptial that influences the stellar
structure through a reduction of the effective gravity. Tdemtrifugal potential for each
mesh point is averaged over a spherical shell. Rotatiofradlyced mixing is not taken into
account in this code.

Unlike EKO2, we do not include their model for dynamo-drivaass loss and mag-
netic braking. Rather we apply a magnetic braking law witremecompanying mass loss,
as discussed in Se@.2.2 This facilitates direct comparison to previous binarylation
calculations in which similar assumptions have been madtoAgh we follow tidal in-
teraction in detail, the effect on the current calculatistirnited because the short orbital
periods we consider ensure that the orbit is always cir@ddrand synchronised with the
stellar spin. However, exchange of angular momentum betwpimm and orbit is taken into
account.

The initial hydrogen and helium abundances of our modekstae a function of the
metallicity Z: X = 0.76 — 3.0Z andY = 0.24 + 2.0Z. In this research we use the metal-
licities Z = 0.0001 (with X = 0.7597,Y = 0.2402), Z = 0.002 (with X = 0.754,Y =
0.244), Z = 0.01 (with X = 0.73,Y = 0.26) andZ = 0.02 (with X = 0.70,Y = 0.28).
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2.2.2 Angular momentum losses

If the lower mass star in a binary fills its Roche lobe and starttransfer mass to a more
massive companion, the orbit will widen, unless there amigh angular momentum losses
to compensate for this effect. We assume three sources afamgomentum loss from the
system.

The most important source is magnetic braking. Due to maghbeiking, spin angular
momentum is lost from the secondary and eventually, dueddidtal spin-orbit coupling,
from the orbit. We use the formula given BRappaport et al(1983:

dJMB
dt
Like Podsiadlowski et a[2002), we apply full magnetic braking when the mass of the con-
vective envelope of the donor exceeds 2% of the total madseddtar, and ifj.on, < 0.02
reduce the strength of the magnetic braking inEfjby a factor ofexp(1 — 0.02/gconv),
whereqg.onv IS the mass fraction of the convective envelope of the sthie fact that the
magnetic braking removes angular momentum from the spihetar rather than directly
from the orbit is different fromPodsiadlowski et a(2002. The main difference is that our
study takes into account stellar spin at all, which influenite radius of the star and thus
the moment at which Roche-lobe overflow commences.
For short orbital periods, gravitational radiation is asty source of angular momentum
loss. We use the standard description
dJcr 32 G7/2 M2 M2 (M, + M,)'/?

it 5 o a’/? (2.2

= —3.8x 1073 My R*w? dyn cm. (2.1)

(Peters 1981

The third way of angular momentum loss from the system is by-canservative mass
transfer. We assume that only a fracti@of the transferred mass is accreted by the neutron
star. The remainder is lost from the system, carrying awayaatibn « of the specific
angular momentum of the neutron star

dJwv
dt

wherea; is the orbital radius of the neutron star ands the orbital frequency.

To keep the models simple, we applied no regular stellar windur models, so that
all mass loss from the system and angular momentum loss dbhesteesult from the non-
conservative mass transfer described above.

= —a(l-p)dw M, (2.3)

2.3 Binary models
2.3.1 Calculated grid

Using the binary evolution code described in S2@, we calculated an initial grid of mod-
els for Z = 0.01, the metallicity of NGC 6624, and Y=0.26. We choose initizdsses
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between 0.7 and 18/, with steps of 0.1M, and initial periods between 0.50 and 2.75
days, with steps of 0.25 days. Around the bifurcation pebetiveen converging and di-
verging systems, where the shortest orbital periods oeeeinarrow the steps in P to 0.05
days.

We specify the bifurcation period more precisely as the &stgnitial period that leads
to an ultra-short periodyithin a Hubble time With this definition, the bifurcation period
corresponds to the initial period of the binary that readtesinimum period exactly after
a Hubble time. This extra constraint is needed because ihaesharp transition between
converging and diverging systems, especially since evesrging system will eventually
converge due to gravitational radiation, if given the tifk@r instance, the system with an
initial secondary mass of 1/, and an initial period of 0.90 days — that is shown to run
out of the right of Fig2.2 at logP ~ —0.4 — does converge to a period of slightly more
than 5 minutes, but only after almost 32 Gyr. This system ésefore considered to be
diverging. Since the last part of the converging tracks igsk2.1and2.2is very steep, a
system that reaches an ultra-short minimum period shoftiy a Hubble time will usually
have an orbital period at the Hubble time that is on the orflépars.

The total number of calculations fdf = 0.01 is 150; 90 for the initial grid, and 60
for the finer grid. We followPodsiadlowski et al(2002) in choosinga = 1 ands = 0.5
in Eq.2.3 The orbital evolution of the systems with initial massesldf and 1.1V, is
displayed in Figs2.1and2.2

2.3.2 Interpretation of the models

Fig.2.1shows that the models with the shortest initial periods eog® to minimum periods
of about 70 minutes. After this, the stars become degenexatkthe orbits expand. Before
the minimum period is reached, the stars become fully cdiwesdhus mixing all of the
star to a homogeneous composition. These stars have natryegd a helium core, but are
still a mixture of hydrogen and helium when they become degae. The stars with larger
initial periods have a lower hydrogen abundance when thagtr¢gheir minimum period.

For the longest initial periods, the Roche lobe is filled imatet evolution stage and
the evolutionary time scale is shorter, so that the star eitpdaster and the mass transfer
rate is higher. Because of this, and the fact that the magsisdess than 1, the angular
momentum loss is not strong enough to shrink the orbit, sbitlsarts to expand shortly
after mass transfer starts. These stars are sub-gianteaaed compact helium core inside
their hydrogen envelopes. After they have transferredfalhis envelope, they shrink and
become helium white dwarfs. The systems with larger iniiziods are more evolved when
they fill their Roche lobes and produce more massive whiteridwa

In between the smallest and largest initial periods, theeeaanumber of models that
reach orbital periods that are much shorter than 70 min. Ri&gpens due to magnetic cap-
ture: the orbital period is reduced strongly under the infleeeof strong magnetic braking.
When magnetic braking disappears, the orbit is close entaughrink to ultra-short peri-
ods by angular momentum loss due to gravitational radiafiére magnetic captures come
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Figure 2.1: Evolution of the orbital periods of selectedtsyss withZ = 0.01, an initial
secondary mass of 1M and initial periods of 0.50, 0.75, 1.00, 1.25, 1.30, 1.3380].
1.45, 1.50, 1.55, 1.60, 1.65, 1.70, 1.75, 2.0, 2.25, 2.5 andl @ays. The symbols mark
special points in the evolution+ marks the start of Roche-lobe overflow (RLOK),the
minimum period,A the end of RLOF and) marks the end of the calculation. The four
dotted horizontal lines show the orbital periods of the ekibserved LMXBs in globular
clusters: 11.4 and 20.6, and in the galactic disk: 41 and BQites.

from models with a very narrow initial period range. The fanodels withM; = 1.0M
that reach a period less than 40 minutes, for instance, néied periods of 1.45 1.50, 1.55
and 1.60 days, where the last model reaches the ultra-shidotfregime only after 14 Gyr.
By interpolation, as described later in Setd.], we find that the models that reach a min-
imum period below 40 min and within 13.6 Gyr, have initial jpels in the range 34.5 —
38.1hours. These stars fill their Roche lobes when theitarperiods are in the range of
14.3 - 17.2 hours. The lowest orbital period reached, by yisees with the initial period
of 38.1 hours, is 12.0 min, after 13.6 Gyr.

If one draws a vertical line in Fi@.1at 11.5 Gyr (about the age of the globular clusters),
one can imagine that there is a distribution of observablay)binaries at that moment in
time. The lowest orbital period found at that time is abbt *7 days, or 25 minutes. All
models with orbital periods higher than about 1 day haveptdpnass transfer and will not
be visible as X-ray binaries. Because the lines in Eigjare steeper at lower periods, it is
clear that the higher periods, around one day, will dominate
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Figure 2.2: Evolution of the orbital periods of selectedteyss withZ = 0.01, an initial
secondary mass of 1., and initial periods of 0.50, 0.55, 0.60, 0.65, 0.70, 0.7800.
0.85, 0.90, 0.95, 1.00, 1.25, 1.50, 1.55, 1.60, 1.65, 1.7, 2.0, 2.25, 2.5 and 2.75 days.
See Fig2.1for more details.

Figure2.2shows the same data as Figl, but for models with an initial secondary mass
of 1.1 M. The results are qualitatively similar, but the ultra-ghpmriod regime is reached
from lower initial periods, and after a shorter period of &éinmWe find that the models that
reach periods lower than 40 min before 13.6 Gyr have initalqals of 18.0 — 20.9 hr and
fill their Roche lobes in the period range 15.1 —18.2 hr. Tretesy with the initial period of
18.0 hr reaches 40 min after 8.3 Gyr, the system with a 20 8itiali period has the smallest
minimum period: 8.0 min.

If we again imagine the period distribution at 11.5Gyr, botwnfor Fig.2.2, we see
that the period range that we expect for mass transferringrlgs is shifted downwards in
period. Orbital periods as short as 10.6 min can now occut,sgstems with periods over
9.5 hr do not transfer mass anymore at that moment. With ce$péhe tracks in FigR.1,
we see that their density is much lower here. This is paytidile to the fact that we use
linear equally spaced periods at a lower initial period, et they are more widely spaced
in log P.

Figure2.3illustrates the evolution of the convective envelope of Al star for the
grid models with initial periods between 0.5 and 0.9d. Lowgkat the models in the order
of increasing initial period we find that in the first five theust become fully convective
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Figure 2.3: Mass fraction of the convective envelopg,.{,) as a function of the total
mass of the donor, for the models with the shortest 9 initibltal periods in Fig2.2 The
numbers in the plot give the initial periods in days for thael As evolution proceeds
towards lower donor masses, the mass faction of the coneesmtivelope increases. For the
5 models with initial periods between 0.5 and 0.7 d, the toi@s$s at which the star becomes
fully convective is anti-correlated with the initial pedo At initial periods of 0.75d and
longer, the initial increase of the mass fraction of the @mtive envelope is followed by a
decrease.

at decreasing total masses. The first model that evolvegdswadtra-short periods, with
an initial period of 0.75d is also the first model in which thendr never becomes fully
convective: an initial increase of the mass fraction of thevective envelope is followed
by a decrease. For initial periods of 0.85d and 0.9d the adiweenvelope disappears
completely. The general trend with increasing initial pdrthat is visible in Fig2.3, is
the consequence of an increasing helium abundance in tiee @tre cores with a higher
helium abundance tend to be hotter and thus more stableshgainvection. The absence
of convection in the core in turn keeps the helium abundaigie A he third model, with an
initial period of 0.6 d shows a track that is slightly diffatdrom those of the neighbouring
models. This model becomes almost fully convective, butctrgral10~* M, does not,
and as a consequence the mixing from the core to the surfasepigressed. We have
repeated this calculation with a slightly different contiee mixing efficiency and find the
same results.
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P(d) Puiot () Puin (M) t(Gyr) M M>(Mg) logL/Le logTes logT. logp. logX. logY, logXs logYs

0.50 10.3 80.7 4.92 -10.31  0.060 -3.64 3.33 6.44 2.53 -0.23 .40-0 -0.23 -0.40
055 112 76.3 6.31 -10.39 0.052 -3.75 3.32 6.45 2.57 -0.31 .30-0 -0.31 -0.30
0.60 12.2 68.7 7.53 -10.49 0.042 -3.85 3.32 6.54 2.81 -1.46 .02-0 -0.53 -0.16
0.65 133 66.8 8.09 -10.31 0.038 -3.96 3.31 6.54 2.68 -0.64 .12-0 -0.64 -0.12
070 144 62.7 8.28 -10.36  0.043 -3.67 3.38 6.72 2.82 -1.32 .03-0 -0.89 -0.07
0.75 152 39.5 8.32 -9.67 0.056 -3.46 3.48 6.93 3.43 -2.34 01-0. -1.24  -0.03
0.80 15.8 17.6 9.53 -8.53 0.074 -3.97 3.45 7.01 40800 - 0.00 -1.51 -0.02
0.85 17.6 11.3 11.17  -7.76 0.101 -4.15 3.45 7.10 44300 - 0.00 -1.84  -0.01
090 191 51 31.85 -6.62 0.164 -4.89 3.34 6.81 50500 - 0.00 -1.10 -0.04

Table 2.1: Properties for the donor stars of some of our gadiets withZ = 0.01 andM; = 1.1M, at their period minimum.
The first three columns list the orbital period initially (@te ZAMS) in days, at Roche-lobe overflow,(,¢) in hours and the
minimum period £,,;,,) in minutes. The next 11 columns show stellar propertiddat: the age of the donor (since ZAMS), the
logarithm of the mass transfer rate (expressetifinyr—1), the mass and luminosity of the donor, the logarithms oftfective
temperature, the core temperature (both in K) and the detgrsity (in g cnt?3), and the last four columns show the logarithms
of the core and surface mass fractions of hydrogen and helium



Py (min)  t(Gyr) logM, log—Py,, My (Mg) logL/Le logT.s logH logHe logC logN logO
Pyanis 0.000 — — 1.100 0.17 3.79 -0.14 -059 -2.75 -3.28 -2.30
80.0 8.023 -10.11 -12.56 0.097 -2.44 3.59 046 -0.19 -5.1250 -2.36
60.0 8.147 -9.97  -12.48 0.086 -2.66 3.59 -0.57 -0.14 -5.07.42-2 -2.44
50.0 8.205 -9.81  -12.49 0.079 -2.82 3.58 -0.70 -0.10 -5.01.352 -2.53
45.0 8.236 -9.72  -12.54 0.074 -2.95 3.57 -0.82 -0.08 -4.96.31-2 -2.62
39.5 8.317 -9.67 oo 0.056 -3.46 3.48 -1.24 -003 -490 -2.23 -2.88
40.0 11.145 -9.92  -11.86 0.124 -1.64 3.88 -0.48 -0.18 -5.2250 -2.36
30.0 11.156 -9.51  -11.68 0.122 -1.87 3.86 -0.51 -0.17 -5.23.49 -2.36
20.0 11.163 -9.06  -11.41 0.120 -2.46 3.77 -0.57 -0.14 -51848 -2.37
15.0 11.165 -8.53  -11.26 0.117 -3.21 3.63 -0.68 -0.11 -5.12.47- -2.39
11.3 11.167 -7.76 oo 0.101 -4.15 3.45 -1.84 -001 -481 -231 -2.62

Table 2.2: Some properties for two of our grid models with= 0.01 and M; = 1.1M, at selected orbital periodgirst

row: Initial (ZAMS) parametersRows 2-6 The model withP, = 0.75d and Py;, = 39.5min. Rows 7-11 The model with
P, = 0.85d andP,,;, = 11.3min. M., in column3 is expressed i/, yr—! andT,.g¢ in column7 in Kelvin. The last five
columns give the logarithm of the surface mass fractionbef®iements described.
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Table2.1lists some properties of the same nine models shown ir?E3gt their period
minimum. The first five models all have minimum periods mos@th h and more than 1%
hydrogen in the core at their minimum, whereas the coreseldht four models consist
for more than 99% of helium. With decreasing minimum peritity mass transfer rates
increase rapidly and the luminosities of the donors deereds Table2.2 we list some
observational properties along the evolutionary trackswvaf of our grid models withZ =
0.01 andM; = 1.1 Mg,

Although we find that it is possible to reach orbital periodso 40 minutes without
spiral-in, but due to magnetic capture instead, it seent®tihas to select an initial period
carefully in order to actually do so. We also find that it is gibte to construct a model
that has a minimum period as low as the observed 11.4 min ime $pan smaller than
the Hubble time. The question arises, however, what thecdsaare that such a system
is indeed formed in a population of stars. In order to quarttiis, we will expand our
parameter space to the entire grid we calculated and detstaton these tracks in Se2zt4.

2.3.3 Bifurcation models

For an initial secondary mass of 1M1, the grid models with initial periods of 0.85 days
and 0.90days bracket the bifurcation period. Some timesdalat can explain this differ-
ence are shown in Fig@-4. The evolution of both models is rather similar in the beggn
except for the small difference in orbital period, that staypout constant during the main
sequence. The wider system has a larger Roche lobe and thdertlor fills its Roche lobe
at a slightly later stage of its evolution. At this point, aelutionary timescale of the donor
is shorter than that in the closer system, and it can form &dedined helium core. When
the envelope outside this core has been reduced by mastetrams 0.03 M, it collapses
onto the core, mass transfer stops, and magnetic brakiagppuksrs before the magnetic
capture is complete. Gravitational radiation is then thy ¢é@rm of angular momentum
loss and it is not strong enough to shrink the orbit to theaudinort period regime within the
Hubble time.

In the closer system, the evolutionary timescale of the d@elightly larger and its
helium core mass is slightly smaller. At approximately 9 @Gass transfer has stripped the
donor to such extend that hotter layers emerge at the sutfaeeonvective envelope of the
star becomes very thin and magnetic braking is stronglycedysee the discussion with
Fig.2.3). Fig.2.4 shows that this happens at the moment where the gravithtiadiation
timescale becomes shorter than the evolutionary timesfatke donor, so that angular
momentum loss remains sufficient to shrink the orbit fromtibar to the minute regime.
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Figure 2.4: Timescales of the models that bracket the katioo period for 1.1V .
Upper panel @): model with P, = 0.85d. Lower panel lf): model with P, = 0.90d.
The line styles represent the different timescales: Satiel: Inuclear evolution timescale
(M/Mg)/(L/Ls) x 10*%yr, dashes: magnetic braking timescalgs,/J\is, dash-dot:
gravitational radiation timescald,,,y, /jGR, dash-dot-dot-dot: mass transfer timescale
M/ M. See the text for a discussion.

2.4 Statistics

2.4.1 Interpolation between models

In order to do statistics on our models, we have to intergdiatween the calculated models
to get a time-period track, that gives the orbital period efatem as a function of time, for
a given initial orbital period?,.

Before we can interpolate between two calculated tracksnwst first divide the tracks
into similar parts of evolution. We choose three parts: @ gart between ZAMS and the
beginning of RLOF, ii) the part between the beginning of RL&% the moment where
the minimum period P.,,in) Was reached, and iii) the part betweBp;,, and the end of the
calculation. Each of these parts is redistributed into adfixember of data points, equally
spaced in the path length of that part and determined by anpatjal interpolation of the
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third degree. The path length is the integrated track in+thestP plane, and defined as

, Z \/(t(i) —Atgf—n)? . (logP(i)A—l(l)(;ng(i—l))g, 24

whereAt = tyax — tmin @aNdAlog P = log Ppax — log Puin. Thus, each part of all tracks
contains the same number of points, and each point on theterparks about the same
moment in evolution in two different tracks.

Next, we interpolate between two tracks, to calculate thektfor the given initial pe-
riod. Because the tracks differ considerably between tloetsst and longest initial period,
we use linear interpolation between two adjacent tracla,ale always rather similar. Each
track is thus interpolated point-by-point between eachgfaorresponding points from the
two adjacent tracks, to get the time and the orbital period.

Once the interpolated track is known, we interpolate witthia track, to obtain the
orbital period at a given moment in time. For this, we use gpaiial interpolation of the
fourth degree. For some models the second part of a tracksteing one point, because the
beginning of RLOF marks the minimum period. For interpaas involving this point, we
use a third degree polynomial interpolation.

A handful of models crash after they have stopped mass #gtisf instance the models
with the highest initial period in Fig&.1and2.2. These systems will not give observable
X-ray sources, but some of these tracks may be needed fantdmpolation. We continued
the orbital evolution of the most important of these modelsigtically, under the influence
of gravitational radiation only, until the orbit becomessuall that the star's Roche lobe
touches its surface. We consider the orbital period at whielss transfer recommences
as the minimum period. We assume a constant radius of theistze the last converged
model, which probably means that we overestimate the mimimeriod a bit in these cases.

2.4.2 Results for Z=0.01

In Sect2.3, we have found that we can create LMXBs with periods down toniriutes or
perhaps even less, within a Hubble time. We also saw, howthagrone has to select the
initial period carefully to create a model that reaches sauldw period, and that the system
spends very little time on this minimum period. In order teastigate how probable it is to
observeultra-compact binaries, we select random points on randaaoks like the ones in
Figs.2.1and2.2 and convert the result into a histogram. We perform this afi@n in the
following way.

For a fixed initial secondary mass, we draw a random initiaioge between 0.50 and
2.75 days, from a flat distribution ilog P. We then interpolate the time-period track that
corresponds to this initial period, using the method désttin Sect2.4.1 For each point
on this track, an estimate for the mass transfer rate is gty interpolating in the log-
arithm of the calculated mass transfer rates. For pointsowit mass transfer, we adapt a
value of M, = 10~3° Mg yr—!, so that we can take its logarithm. This introduces some
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irregularities, like the peaks aroudds P (d) = —0.5 in Fig.2.5, where interpolation be-
tween models with and without mass transfer, and interoidtetween converging and
diverging models play a role. This is usually only the casarhital periods of several hours
or more, and hence it is of no consequence for the ultra-cotiypaaries.

Once the time-period track is calculated, we draw a randormemt in time, from a
linear distribution between 10 and 13 Gyr, the approximagesaof globular clusters, and
interpolate within the track to obtain the orbital periodfzt random moment. We accept
only systems that have not evolved beyond their minimumoperiirstly because of the
negative period derivative measured for the 11.4 min systeMGC 6624, and secondly
because the evolution code we use can generally not cadalabeyond the period min-
imum. We also estimate the mass transfer rate at that moragatn by interpolating in
log My,. We reject all systems with a mass transfer tafg < 10720 M yr—!, because
it is unlikely that they have any mass transfer at that moraedtwill therefore not be an
X-ray source.

If we repeat this procedure many times, we can create a htoghat displays the
expected distribution of orbital periods of a populatiorcofiverging LMXBs (with all the
same initial secondary masses) after 10 - 13 Gyr. The refulis1 M, andZ = 0.01 are
shown in Fig2.5.

To simulate a population consisting of stars of differenss®s, one should interpolate
between the tracks as we did for the period. The tracks ardiffeyent from each other to
ensure correct results. It would require a large number tbaxodels to be able to inter-
polate between the masses correctly. Instead, we chooskl tthe period distributions of
the different masses to simulate such a population. We dddhtwo different assumptions
for the mass distribution: the Salpeter birth function, arftht distribution. The results are
shown in Fig2.6.

We see that there is little difference between the two weighmhethods. This assures
that although we do not know the initial distribution of thess, it is of little influence on
this result. Especially the short-period tails of the digttions are almost equal. In a sample
of 107 systems we find one converging system with a period of abouhihiites and 15
systems with a period of 20 minutes.

2.4.3 Results for other metallicities

The whole exercise we described in section S2étl, 2.4.1and2.4.2is also applied to
models forZ = 0.0001, Z = 0.002, andZ = 0.02, in order to see the effect of metallicity
on the expected distributions. F&gr= 0.02 we calculate the same initial grid as we did for
Z = 0.01, betweenP, = 0.5—2.75days forM; = 0.7—1.3Mg, but P, = 0.55—3.025 days

for M; = 1.4 and1.5M, since these stars even at the ZAMS do not fit in an orbit with
P = 0.5days. ForZ = 0.002 we use the same initial mass range, but it turns out that
for M; = 1.0 — 1.5M, the bifurcation period lies very close to or lower than 0.ysla
(see Fig2.7). We therefore shift the minimum initial period to 0.35ddgs M; = 1.0,1.4
and1.5M¢, and to 0.4days fod; = 1.1 — 1.3Mg. For Z = 0.0001, the minimum
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Figure 2.5: Statistics results for the IV, models. Left paneld): Results from the draw
of one million random initial periods and times. Each dotresgnts the orbital period of
the selected system at the selected time. Only models thatasaverging and transferring
mass at that time were accepted, about 10.5% of the total euriihe peaks at the higher
orbital periods are artefacts, caused by interpolatiowbeh models with and without mass
transfer. Dots below” = 30 min are plotted larger for clarity. Right pandd). A histogram
displaying the fraction of systems found at a certain otlpi&aiod, at any time between 10
and 13 Gyr. Thdog P-axis was chosen to be vertical, to correspond to the védicia

in the left panel. The thick line displays the data corresfiog to the horizontal axis,
the thin line is the short-period tail of the same data, rplied by a factor of 100 in the
horizontal (probability) direction. The dotted horizohliaes are the orbital periods of the
four observed LMXBs mentioned in FiJ1
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Figure 2.6: Probability distribution for all models withh = 0.01. The solid line repre-
sents the sum of the distributions of the different masseaghveel with the Salpeter birth
function, the dash-dotted line assumes a flat distributiomass. The thin lines below
log P (d) = —1.3 and belowlog P (d) = —1.7 are the same data, multiplied with 100
and 1000 respectively. The four vertical, dotted lines shiosvorbital periods of the four
observed LMXBs mentioned in FRy1

initial period is shifted to 0.3d fod.7 — 1.2 M, and even td).28 d for 1.3 — 1.5 M. For

Z =0.0001 andM; = 1.5 M, the initial period at which a ZAMS star fills its Roche lobe
is higher than the bifurcation period. Stars with higliehave larger radii and often do not
fit in these tight orbits. We shift the upper limit for the pmgtirange from which we took
random values accordingly, so that the size of the rangi&§j®) did not change. Since
the bifurcation period for the lower metallicity modelsdi®wer, we also have to pinpoint
better to calculate the interesting models around it. Weefloee narrow the grid to steps
of 0.01d around the bifurcation period far = 0.002 andZ = 0.0001, and even down to
0.001d for the last metallicity.

The bifurcation periods for the different masses are ptbitteFig.2.7a. There is a trend
in metallicity in the sense that the dotted line2of= 0.02 could be moved down and left to
fall over that ofZ = 0.01 and further to reach that ¢f = 0.002 andZ = 0.0001. Fig.2.7b
shows the minimum periods for the systems that have thedaifiom period for that mass
as their initial period. The trend that is shown can be ex@dithe fact that low mass stars
with a lower metallicity reach the TAMS before the Hubble ¢imnd are therefore eligible
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Figure 2.7: Bifurcation periods and minimum periods as afiom of the initial mass for
the four metallicities Upper panel@): The bifurcation period (in hours) between systems
that converge and systems that do not converge within a téuidbke. Lower panel(b):
The minimum period (in minutes) that can be reached withinudle time as a function
of the initial secondary mass. The different line stylepldig the different metallicities,
as indicated in the upper panel. The data pointfoe 0.0001, M; = 1.5 Mg, is missing

in both panels, because the bifurcation period for thestessis lower than the period at
which such a donor fills its Roche lobe at ZAMS.

for magnetic capture, whereas low mass stars of highéo not.

The results of the statistics faf = 0.0001, Z = 0.002 and Z = 0.02 are plotted
in Figs.2.8, 2.9and2.10in the same way as the results fr= 0.01 in Fig.2.6, so that
they can easily be compared. All four distributions are glkxted in a cumulative plot in
Fig.2.11, showing the fraction of systems with an orbital period betmme value, so that
they can be compared directly.

The most remarkable feature in the three distributions with higher metallicities is
the sharp drop of the number of predicted systems bétgwP (d) = —1.25, or about
80 minutes. This is due to the systems with low initial m&ss  0.9M), that reach their
minimum periods there because they evolve too slow to relidrshort periods before the
Hubble time, and remain relatively long at this period. Misdgith Z = 0.0001 evolve
more quickly, and although most models do not reach ultatgieriods, they are substan-
tially lower than 80 min and can even reach 31 min in the caseof 0.9 M. The drop
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Figure 2.8: Probability distribution of the orbital per®tbr all models withZ = 0.0001.
The characteristics of this plot are the same as inZ&).

is therefore less sharp for the lowest metallicity we used.

The lower mass stars dominate in roughly e P-range—1.25 — —0.6, as can be seen
from the fact that here the solid line for a Salpeter weighaddition of the masses that
favours low mass stars is higher than the dash-dotted lina fat mass distribution. For
the ultra-short periods, there is very little differencevibeen the two weighing methods,
and we can again conclude that the exact initial mass disiito is not important for our
results.

We also see that the lowest possible orbital period for aaybinary with.Z = 0.0001
within the Hubble time is about a factor two smaller than toe bther metallicities. This
is partly due to the fact that ultra-compact binaries are lé®ly to be formed for this low
metallicity because the initial period must be chosen moeeipely. However, we find no
minimum periods less than 16.0 min for this metallicity. Fhias probably to do with the
fact that these stars are hotter and thus have a weaker nafielet

In a sample ofl0” binaries withZ = 0.0001, we expect no converging systems with
mass transfer and an orbital period of 11.4min, and aroundtb & 20.6 min period
(Fig.2.8). For Z = 0.002 and Z = 0.02, these numbers are 7 systems with an 11.4min
period and 60 with a 20.6 min period and 4 systems with an 1in4eriod and 10 with a
20.6 min period respectively.

Fig.2.11shows clearly that there is some difference between thegédistributions for
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Figure 2.9: Probability distribution of the orbital pertbr all models withZ = 0.002.
The characteristics of this plot are the same as inZ&).

the different metallicities, the largest difference beting higher period cut-off for the lowest
orbital periods forZ = 0.0001. The largest differences for the three higher metallisitie
are found around 11 min, (a bit more than an order of magnihetereenZ = 0.01 and
the other two metallicities) and around 20 min (less than @&leioof magnitude between
Z = 0.002 and the others). Note that the line f8r= 0.01 predicts for each system with
an orbital period of 11 min about 100 systems with;, < 20 min.

2.5 Discussion

2.5.1 The importance of converging evolution for the formaion of
ultra-compact binaries

To understand why the fraction of ultra-compact binariethwlecreasing orbital period in
our computations is so small, we note that there are three faaiors contributing to this.
First, only a limited range of initial orbital periods leatdsstrongly converging orbital evo-
lution within the Hubble time, as listed in Tal#2e3. This range of periods varies strongly
with donor mass: foZ = 0.01 and for 1.0 and 1.2/ the width is about 0.1d; but for
1.2 and 1.3/ it is only 0.003d. This corresponds t05% and~0.2%, respectively, of
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Figure 2.10: Probability distribution of the orbital pedi®for all models withZ = 0.02.
The characteristics of this plot are the same as inZ&).

the range that we consider. The reason for this rapid deensathat the nuclear evolu-
tion time scale of the star increases much more rapidly wiissrthan the time scale of
magnetic braking. Thus, at higher stellar mass magnetitucapan only occur for smaller
initial orbital periods. Second, for each initial orbitaniod within the range of converging
systems, only a very short time is spent at ultra-short jpsrighile converging. Thus, the
1.1 M., system with initial period of 0.85d reaches the 20 min pedtidr 11.163 Gyr and
the 11 min period after 11.167 Gyr. If we allow a range of age3®@yr, then only 0.1% of
these systems will have an orbital period less than 20antha negative period derivative.
If we allow also positive period derivatives, the fractioihuttra-compact binaries is some-
what higher: as can be seen in I the evolution towards longer period is comparably
rapid as the evolution towards shorter period close to th@mim period. Third, as al-
ready mentioned, the range of initial periods leading toveoging systems is very small for
donors withM > 1.2M); hence only donors in a narrow range of initial masses countii
to ultra-short period systems. The combination of theseetffiactors explains why so few
ultra-short period systems are produced, as already sedbigTutukov et al.(1987).

In our computations above we have assumed an initial peigidtdition in the range
0.5d < P, £ 3d. In the galactic disk, the actual period range extends tohmtocger
periods, and accordingly our estimates of the fraction al}(-binaries that is observed
at ultra-short periods are upper bounds, for systems edaieng the scenario that we
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Figure 2.11: Cumulative plot for the distribution of the dabperiods for all models and all
four metallicities. The different line styles represert thifferent metallicities as indicated
in the lower right of the plot. The height of the lines shows thgarithm of the fraction
of all probed systems that have an orbital period equal t@wet than the period on the
horizontal axis. For all lines, a flat initial mass distrilout is used. The dotted vertical lines
show the observed orbital periods mentioned inZEly

compute. This is in agreement with the absence of large ntsviddeX-ray binaries with
periods much less than 40 minutes, in the galactic disk. dff éaly one such system has
recently been discovered; it may well have formed througiifarént mechanism, e.g. via
a double spiral-in at the end of which a white dwarf becomesdibnor of a neutron star
(Savonije et al. 1986

In globular clusters the binary period distribution is eggal to be different from that
in the galactic disk: the widest primordial binaries aresdlgsed and close binaries are pro-
duced in close stellar encounters. If the neutron star ie@xged into a primordial binary in
a neutron-star/binary encounter, the period after the emigw scales with the pre-encounter
binary period; in general the orbit after exchange will baifar in size Sigurdsson & Phin-
ney 1993. However, the range of periods is still expected to be witlan the range that
we have considered in our computations, which therefore givupper bound to the frac-
tion of ultra-compact binaries. If the neutron star is capditidally, the orbital period after
capture tends to be short. The exact description of tidaluregs highly uncertain, and we
will discuss the simplest description to provide a refeeeframe. In this description, the
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Mi Pi,l Pi,2 Prlof,l Prlof,2 Rzmns Rtmns Pzzuns Ptzuns

1.0 1477 1589 0.638 0.715 092 1.73 0.19 2.50
1.1 0.767 0.856 0.640 0.740 105 151 0.22 2.00
1.2 0.753 0.756 0.686 0.689 1.18 1.71 0.26 2.37
1.3 0.753 0.756 0.704 0.707 1.27 2.00 0.29 294
1.4 0.753 0.758 0.714 0.719 131 2.37 0.29 3.71
1.5 0.752 0.763 0.717 0.728 133 2.65 0.29 432

Table 2.3: Comparison between the orbital periods that teguokeriods less than 30 min
within a Hubble time and orbital periods that result fronatidapture with a 1.4/, neutron
star, for different secondary masses atid= 0.01. Column 1: initial secondary mass,
columns 2-3: initial period range that leads to ultra-shmatiods, columns 4-5: RLOF-
period period range that leads to ultra-short periods,ooki6-7: ZAMS and TAMS radii,
columns 8-9: orbital periods for a circularised binary wadpture distances df x R,.ms
and3 x Ri.ms. Masses are il radii in R and periods in days.

neutron star captures a main-sequence star if its clospsbaghd is within three times the
radiusR of that star, i.ed < 3R (Fabian et al. 1975 The capture rate is linear i thus
one third of the captures is a direct hit, which completelgtd®ys the main-sequence star.
Capture may lead to a binary i < d < 3R. The lower bound may in fact be higher, since
too close a capture still does serious damage to theRtayr €t al. 198Y. The orbit imme-
diately after capture is highly eccentric, and after it alexises its semi-major axis is twice
the capture distance, ~ 2d. Hence orbits formed by tidal capture have a semi-major axis
(after circularisation®R < a. < 6R, or with Kepler's law:

R\ 32 M, 1/2 R\ 32 M, 1/2
0.23d | — <SP, <1.20d( — —_— 2.5
@) Giem) spsi(z) (i) e9

Immediately after the capture, the main-sequence stagishhperturbed, but after a
thermal timescale it may settle on its equilibrium radiusg @ontinue its evolution. The
range of orbital periods depends on the radius that the atawhen it is captured. In gen-
eral, the period range is bounded below by the period founegring twice the zero-age
main-sequence radius into Efj5 and above by entering six times the terminal-age main-
sequence radius (because a star evolved beyond this p@stad evolve towards shorter
periods). In Tabl@.3we list the period ranges expected in this simplest desontf cap-
ture. Unless the central density of the globular clustehasdramatically, the probability
of capture is approximately flat in time. The period aftertcag close to the zero-age main
sequence should be compared to the initial binary periodumcomputations; the period
after capture close to terminal-age main sequence shoutttmpared to the period of a
system close to filling its Roche lobe. In either case, we katdapture leads to a period
distribution which covers an appreciable fraction of theqmdistribution that we cover in
our computations. This means that our conclusion that omlgx@eedingly small fraction
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of all binaries with a neutron star evolve towards periods lthan 30 min holds also for
tidally captured binaries.

We have taken the simplest description of tidal capturenfRtee above argument it is
clear that changing the assumptions made about tidal @&jstunlikely to change our con-
clusion, that evolution from magnetically driven convagievolution does not contribute
significantly to the population of ultra-compact binariEsen if tidal capture would mirac-
ulously focus the resulting orbits into the narrow rangeuiesf for converging evolution,
the fact would remain that each systems spends only a sraatidn of its time converging
from 20 min to 11 min.

If the binary in NGC 6624 were the only ultra-short-perioddniy in a globular cluster,
one could accept an evolutionary scenario with low proligblk is thus worthy of note that
our statistical argument depends critically on the obg@wmahat the 20.6 min (or 13.2 min)
period of the binary in NGC 6712 is real. So far, this period baen measured only once
in a single HST data set, and an independent new measureswenyidesirable, to exclude
definitely that the first measurement of a significant peditgis a statistical fluke.

2.5.2 Comparison to Pylyser & Savonije

The question arises whRylyser & Savonijg1988 andPylyser & Savonijg1989, here-
after PS1 and PS2, did not find ultra-compact systems in stadly. We tried to reproduce
their models with a 1.0/, compact primary and a 18 secondary (models A25-125
in PS1 and A25-Z25 in PS2) because these are best documemntddey find the lowest
minimum period here (38 min for A25 in PS2). We calculated eisdavith the same initial
masses, mixing length {H,, = 1.5), metallicity (Z = 0.02) and without overshooting.
Figure2.12 compares their results to our calculations as the minimuro@€r,,;,) as a
function of the period where Roche-lobe overflow stafts).

We find the bifurcation period at much larg€¥,.¢, which is due to the fact that our
stars rotate (about 25% of the difference, according todaistulations we have done) and
increased opacities. Both effects increase the radii ohwedlel stars, so that they must be
placed in a larger orbit to fill their Roche lobe at the samgestaf evolution. It seems that
shifting the two solid lines of PS1 and PS2 horizontally cppraximately compensate for
this, but the lines must be shifted over different amounené¢, a gap arises between what
at first sight appears to be a continuddg,¢c-range from PS1 and PS2. The fact that they
find the minimum period at the limit of each range, and the that these two points are
both atP, s = 0.70d, but give very different minimum periods (100 min and 38 rfan
PS1 and PS2 respectively), are supporting the evidencédoexistence of this gap. The
cause for the gap seems to be clear; in PS2 an accretion ithdatiapse (AIC) occurs when
the primary reaches 1.44,, whereas in PS1 no such event happens. The AIC decreases
the mass of the compact object and increases the orbitalcpsoi that the further evolution
can no longer be compared to that of systems without an AIC.

In our more complete series of models, shown in Big?2 the lowest minimum period
we find is 7.0 min, and is reached after 12.4 Gyr.
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Figure 2.12: Comparison of our models (dashed line) to thdetsoA25-125 of PS1 and
A25-725 of PS2 (solid lines). See the text for details.

2.5.3 Comparison to Podsiadlowski et al.

We chose the parameters of our models as similar as possiltte@s$e ofPodsiadlowski
et al.(2002 (see SecR.?2), to see if we could reproduce their results for a {4 neutron
star and a 1.0/ secondary. Indeed, the results of our calculations ardtgtie¢ly very
similar to their findings in their Fig. 16 and their statemémat binaries with an orbital
period of 5minutes can be achieved without a spiral-in,calth we need slightly larger
initial periods to get to the same minimum perio&odsiadlowski et al(2002 display
their results as a function of time since Roche-lobe overfitasted, and because of this we
cannot ascertain the total age of the binary at the minimunogeThe red and blue model
in their Fig. 16 reach minimum periods of about 9 and 7 minugéapproximately 4.5 and
5.5 Gyr after the beginning of RLOF. We find very similar respbnd in addition we find
the total ages of these systems: 14 and 17 Gyr respectivehfind that it takes 13.4 Gyr
to reach an orbital period of 11.4 minutes, the shortespbpesbserved for an X-ray binary,
and more than 35 Gyr to shrink the orbit to 5 minutes. We cathehbhat it is not possible to
create systems with orbital periods less than 10 min this wéiiin a Hubble time.
Podsiadlowski et a[2002) find that there is a rather large range of initial orbitalipds
(13 — 17.7 hr) that lead to a minimum period that is less thamiBQites. We find for
the same condition &, of 15.3 — 17.2 hr, which is considerably smaller. This is [fgrst
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because our model stars have a slightly larger radius. Pdog¢@xplanation of the increased
radius is given by the rotation of the star, although this oaly account for 20% of the
difference in theP,,s-range, and by the different helium abundaneedsiadlowski et al.
(2002 useY = 0.27, we haveY = 0.26), which explains 10%. The larger radius shifts
the wholeP,¢-range to larger orbital period. Secondly, we limit our rartg systems that
reach their minimum period before the Hubble time, so thiatdtt off above a certair, ..
What Podsiadlowski et al(2002 call theinitial period is the period at which RLOF
initiates, and which we calP,.¢. In the time before RLOF began, the magnetic braking
may have played a role in shrinking the pre-RLOF orbit of th&tems as listed in Tab®3.

2.5.4 Comparison with observations and other models

The main result from our computations is that, in a poputatidere all X-ray binaries
evolve from close detached binaries of a main-sequenceasthia neutron star, systems
with orbital periods less than 30-40 minutes and with desirgporbital periods are very
rare. If we accept that the orbital period of the X-ray sourc&lGC 6624 is decreasing
intrinsically (and not just observationally due to gratitaal acceleration), we must accept
that it is a statistical fluke, or look for a different origin.

In this respect it would be important to know more about thatal periods and their
derivatives of other X-ray sources in globular clusters.eiywshort orbital period is detected
for just one other bright X-ray source, in NGC 6712, as a ragudriation of 0.044(7) mag
in one series of 53 F300W (wide V) filter HST observations WitRPC2 in 1995; aliasing
allows two solutions at 13.2 or 20.6 minutéfimer et al. 1996 Homer et al(1996) opt for
the longer period, on the basis of the low X-ray luminositgttteflects a low mass-transfer
rate and a model in which the donor to the neutron star is aewdtarf (erbunt 1987.
We note that the same choice for the longer period would foflar the magnetic-capture
model. The period derivative of the source in NGC 6712 is muvin. The argument that
as many as half of the bright X-ray sources in globular chsskave ultra-short periods is
based on the similarity of various properties of those X-gayrces with the properties of
the X-ray sources in NGC 6624 and NGC 6712. This argumentriecbonly if the X-ray
source in NGC 6712 indeed has an ultra-short period. It isefbee important that this
period is confirmed; which will also settle between the &gagf 13.2 and 20.6 minutes.

Measurement of the period derivative will be very difficult.is therefore of interest
to know how many ultra-compact binaries one would expeetspective of their period
derivative, in the magnetic capture model. Alas, our corapoins stop a short time after
the minimum period, so that we do not have an accurate etiofitihe time spent at positive
period derivative. Nonetheless, inspection of our resastseflected in Fig2.1 shows that
the evolution away from the minimum period is only slightlpwer than the evolution
towards it. Thus, the number of systems expected at theestqeeriod range of between 10-
30 minutes would only be a factor few higher than the numb#rérsame period range with
decreasing period only. This implies that the presence @f éwo systems with periods less
than 30 minutes among 13 globular cluster systems excliiganagnetic-capture scenario
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as the dominant formation process. The conclusion is truetafi if more such systems
are discovered.

A donor in an ultra-compact system can also be a helium-bgrstar. To bring such a
small star into contact, a spiral-in must have occurf@apnije et al. 1986 The progenitor
of such a helium-burning star would be more massive than thia4sequence star found in
globular clusters, andferbunt(1987 argued that this excludes such donors for sources in
globular clusters. However, more massive stars can be nmadieeict collisions: if such a
more massive star ends up in a binary with a neutron stahdugvolution can lead to a
helium-burning donor in an ultra-compact system. This acemmay gain in importance if
tidal capture is indeed less efficient, as indicated by a higttion of systems with ultra-
short periods. It allows negative derivatives of the ollpteriod.

Since the measurement of the intrinsic derivative of thetaklperiod is so difficult, it
is useful to look for other observational properties that déscriminate between the dif-
ferent origins of an ultra-compact binary. With this in mjnge refer to Tabl@.2 where
some properties of ultra-short-period systems are ligtatfollow for the magnetic-capture
model, in particular the mass-transfer rate at variousggksti and the abundances of the
more important elements. A pure white-dwarf donor, whittbown to a mass less than
0.1Mg, would have no hydrogen if it was a helium white dwarf; and wyadroegen and
no helium if it was a carbon-oxygen white dwarf. Therefofdyyidrogen is discovered in
the spectrum of an ultra-compact X-ray binary, this indésagvolution through magnetic
capture and the orbital period must still be decreasing.s€lo the minimum period the
hydrogen abundance at the surface goes to zero and thusasgerldiscriminant between
models.
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Abstract A binary in which a slightly evolved star starts mass tranfe neutron star can
evolve towards ultra-short orbital periods under the infleecof magnetic braking. This is
called magnetic capture. In Chap2awe showed that ultra-short periods are only reached
for an extremely small range of initial binary parametersparticular orbital period and
donor mass. Our conclusion was based on one specific chaidteddaw of magnetic
braking, and for the loss of mass and angular momentum dumags transfer. In this
chapter we show that for less efficient magnetic braking itnigossible to evolve to ultra-
short periods, independent of the amount of mass and assd@agular momentum lost
from the binary.
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3.1 Introduction

In Chapte2 we examined the process of magnetic capture: a slightlyvedomain-
sequence star in a binary that transfers mass to a neuogesthpanion while the orbital
period shrinks to the ultra-short-period regime (less thhout 40 minutes). To facilitate
comparison with earlier work, we used the same law for magimetking, and the same
assumption about the loss of mass and angular momentungduass transfer aBodsi-
adlowski et al.(2009. Specifically, we used the law for magnetic braking as pastd
by Verbunt & Zwaan(1981), with the extra requirement that a sufficiently large cartive
zone is present near the surface of the star, and we assuatdththof the transferred mass
leaves the binary with the specific angular momentum of théroa star. We concluded
that ultra-short periods are reached within the Hubble tmlg by binaries within very nar-
row ranges of initial orbital periods and donor masses. i thapter we investigate how
this conclusion changes if we vary the assumptions on teegtin of magnetic braking and
on the loss of mass and angular momentum from the system.

Section3.2 briefly describes the stellar evolution code used and ealhethe laws for
magnetic braking and system mass loss that we implementedth®&v show which grids
of models were calculated and how the statistical study vemfopned in Sect3.3. The
results are presented in Se&# and discussed in Se&5. In Sect3.6 we summarise our
conclusions.

3.2 Binary evolution code

3.2.1 The stellar evolution code

We calculate our models using the STARS binary stellar gimiicode, originally devel-
oped byEggleton(1971, 1972 and with updated input physics as describe®ais et al.
(1999H. Opacity tables are taken from OPAlglesias et al. 1992 complemented with low-
temperature opacities fromexander & Fergusoi1994). For more details, see Se2t2.

3.2.2 Angular momentum losses

Loss of angular momentum is essential to shrink the orbit bfrary in which the less
massive star transfers mass to its more massive companiercovsider three sources of
angular momentum loss.

For short periods, gravitational radiation is a strong sewf angular momentum loss.
We use the standard description

dJcr 32 G7/2 M2 M2 (M, + M,)'/?
i 5 o a’l? 3.1)

(Peters 1981



Reduced magnetic braking and the magnetic capture model 45

The second mechanism of angular momentum loss from the nsy&eby non-
conservative mass transfer. We assume that only a fra@iohthe transferred mass is
accreted by the neutron star. The remainder is lost fromyktem, carrying away a frac-
tion « of the specific orbital angular momentum of the neutron star:

dJwv

o = @ (1—p)a2wM,, (3.2)

wherea; is the orbital radius of the neutron star ands the angular velocity.

To keep the models simple, we applied no regular stellar windur models, so that
all mass loss from the system and associated angular moméaoss result from the non-
conservative mass transfer described above.

The third source of angular momentum loss in this study ismetig braking.Verbunt
& Zwaan (1987 postulated a law for magnetic braking

dJviB

T —3.8x 10730y M R*w? dyn cm, (3.3)

on the basis of the observations 8kumanich(1972 that the equatorial rotation velocity
v, of main-sequence G stars decreases with the afthe star ag. o« t~95. In Chapte
we assumed = 1, afterRappaport et al(1983. More recent measurements of rotation
velocities of stars in the Hyades and Pleiades, howevew #iet M stars have a wide range
of rotation velocities that is preserved as they ageridrup et al. 2000 This indicates
that magnetic braking is less strong for low mass stars teanraed in Eq3.3with = 1.
Also, observational evidence indicates that coronal amdrobspheric activity, and with it
magnetic braking, saturate to a maximum level at rotatiomogs less than about 3 days
(e.g. Vilhu 1982 Vilhu & Rucinski 1983. Verbunt(1984) showed that to explain a braking
with the strength of EB.3for a solar-type star, the star must have a magnetic fieldéesx
of ~ 200 G for a slow rotator, and in addition a stellar wind loss in@ssof x 1019 M lyr
for a fast rotator (for which the corotation velocity of théng matter is much higher than
the escape velocity — see algtmchnacki(1981). A smaller field or less wind (for the fast
rotator) automatically leads to a lower braking.

Many theoretical descriptions of angular momentum losstdeeemagnetized wind can
be found in the literature (among othétawaler 1988Stepien 1995Eggleton & Kiseleva-
Eggleton 2002lvanova & Taam 2008 These prescriptions depend on properties of the
star (for instance wind mass loss rate, magnetic field sthergprona temperature) that
are poorly known from observations for main-sequence siatseven less for evolving
stars. These angular momentum prescriptions vary in stneargd dependence on the stellar
parameters. We have selected two different semi-empipiescriptions to investigate the
effect of reduced braking on the mechanism of magnetic capto Sect3.5we will show
that these two different implementations of magnetic brgklominate the evolution of the
binary in two completely different phases of their life.

First, we retain the functional dependence of the brakingtefiar mass and radius
given by Eq3.3, but arbitrarily reduce the strength by taking= 0.25 (reduced braking)
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andn = 0 (no braking). Second, we use a new law for magnetic brakiegiveld on
the basis of the ranges of rotation velocities in the Hyadweks Rleiades, which includes
saturation at a critical angular rotation velocity,;; (Sills et al. 2000

d 0.5 M —0.5 )
JNIB = _K <£) ( > wja wgwcrit

dt Ro M—G
A R\ ( M\
= k() (Gr)  @sbuwsem o4

FromAndronov et al(2003 we take the valu&l = 2.7 x 10*7 g cn¥ s that reproduces
the angular velocity of the Sun at the age of the SKrishnamurthi et al(1997) require
a mass-dependent value fog,i; and they scale this quantity inversely with the turnover
timescale for the convective envelopg of the star at an age of 200 Myr:

Werit = Werit,® 0,0 (35)
Tto

They use a fixed value fas.,;;, because they consider main-sequence stars and the value of
Tio does not change much during this evolution period. Howevegonsider donor stars in
a binary system that change substantially during theirgian and hence use the instanta-
neous value for,. This convective turnover timescale is determined by ttedgion code
by integrating the inverse velocity of convective cellsgagen by the mixing-length theory
(Bohm-Vitense 1958 over the radial extent of the convective envelope. Weheruse a
value ofweit,o = 2.9 x 107° Hz, equivalenttd?.,i;,» = 2.5d (Sills et al.(2000 find that a
value forweit,» of around 10 times the current solar angular velocity is eeléd reproduce
observational data of young clusters with a rigidly rotgtimodel), andr, - = 13.8d, the
value that the evolution code gives fot & M, star at the age of 4.6 Gyr.

In both prescriptions (Eq8.3and3.4) we follow Podsiadlowski et a(2002 and reduce
the magnetic braking by an ad hoc term

exp(l - O-OQ/QConv) if geonv < 0.02, (36)

where g.ony IS the fractional mass of the convective envelope. In thig wa account
for the fact that stars with a small or no convective mantlendbhave a strong magnetic
field and will therefore experience little or no magneticking. Notice that E¢g3.5alone
predicts that stars with higher mass have a highgg, because they have a higher surface
temperature, hence a smaller convective mantle and a sheyteThe application of the
term in Eq.3.6 prevents that these stars experience unrealisticallpgtnoagnetic braking.

3.3 Creating theoretical period distributions

3.3.1 Binary models

Using the binary evolution code described in S8, with the non-saturated magnetic-
braking law of Eq3.3 we calculated grids of models for Z=0.01, the metallicitytoé
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globular cluster NGC 6624, and Y=0.26. We choose initial seadetween 0.7 and 1V
with steps of 0.1V . For each mass we calculated models with initial periogsl{&ween
0.5 and 2.5 days with steps of 0.5 d for all masses and dropyeddwer limit for the initial
period where necessary, down to 0.25 d. Around the bifurogieriod between converging
and diverging systems, where the shortest orbital periedamwe narrow the steps in P
to 0.05 or sometimes even 0.02d.

Another series of models was calculated with a similar gfiditial masses and periods,
but with the magnetic-braking law of Eg.4 that includes saturation of the magnetic field
strength at high angular velocities.

3.3.2 Statistics

In order to create a theoretical period distribution for gplation of stars, we proceed as
described in Seck.4. First, we draw a random initial period jj)Pand calculate the time-
period track for this Pby interpolation from the two bracketing calculated trackecond,
we pick a random moment in time and interpolate within theaoted time-period track to
get the orbital period of the system at that moment in timee §ystem is accepted if mass
transfer is occurring and the period derivative is negativee details of this interpolation
are described in Se@.4.1 We do this10°® times for each mass to produce a theoretical
orbital-period distribution for a given initial mass andigin ranges in log{Pand time.

To simulate the period distribution for a population of staith an initial mass distri-
bution, we add the distributions of different masses. IntSe4.2we show that the result
depends very little on the weighting, so that we simulatetalfiribution in initial mass.

3.4 Results
3.4.1 Reduced magnetic braking

We have calculated three grids of models as described in®8ctwith the non-saturated
magnetic-braking law given by E§.3. We have given the three grids different braking
strengths by changing the value fipr We used the values = 1.0 (as in Chapte®), n =
0.25 andn = 0.0. For the last set, there is no magnetic braking and the angudenentum
loss comes predominantly from gravitational radiation: &lbmodels in these grids, half of
the transferred mass is ejected from the system with thafgpangular momentum of the
neutron star, i.e. we used= 1 andg = 0.5in Eq.3.2 Figure3.1shows time-period tracks
for models from the three grids with selected initial orbgariods and\f; = 1.1 M.

The figure shows clearly that initially similar models eveln different ways, but only
after mass transfer has started. This is because a lowdoigyainain-sequence 1.4/,
star has a high surface temperature, hence a small corwectieloped..., ~ 10~3) and
therefore effectively no magnetic braking at that stage (5g.3.6). After mass transfer
starts, the surface temperatures drop and the differencesgnetic braking strength be-
come apparent. It is obvious that a model that experiencekavenagnetic braking may
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log P(d)

Figure 3.1: Time-period tracks fof = 0.01, M; = 1.1 Mg with P, =0.6d, P, = 0.8d,
andP, = 1.0d. Each model is shown for three different valueg:00.0 (solid lines), 0.25
(dashed lines) and 1.0 (dotted lines). The symbols markiapeaints in the evolution:
+ marks the start of Roche-lobe overflow (RLOK),the minimum period/\ the end of
RLOF and O marks the end of the calculation. The four dasteddtorizontal lines show
the orbital periods of the closest observed LMXBs in globulasters: 11.4 and 20.6, and
in the galactic disk: 41 and 50 minutes.

diverge where a similar model with stronger braking conest@nd that models with weak
magnetic braking converge slower than models with strongratc braking.

For each grid of models we produce a statistical sample daiesg in Sect3.3.2 The
results are period distributions for three populationstafswith initial masses between 0.7
and 1.5/, and ages between 10 and 13 Gyr. The distributions are coapaFeg.3.2.

The most striking difference in the period distributions foe three values af is the
shortest orbital period produced in the magnetic capturdeholn models with reduced
magnetic braking the orbits do not converge to ultra-sheriqals before the Hubble time,
and the cut-off at the low-period end of the distribution@dingly lies at a higher period.
This is also the reason why there are more systems with bg@téods of around 0.1d for
n = 0.0 than forn = 1.0; the missing models with stronger braking have already ecyed
to lower orbital periods, or beyond the period minimum.
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Figure 3.2: Period distributions for the magnetic captusi forn = 0.0 (solid lines),
0.25 (dashed lines) and 1.0 (dotted lines). Itis clear tiatut-off for lower orbital periods
strongly depends on the strength of the magnetic braking vttical axis displays the
logarithm of the probability that an X-ray binary with a cart orbital period is found. The
four vertical dash-dotted lines show the same observedabneriods as the horizontal
lines in Fig.3.1 The probability is computed by distributing the acceptedqs into bins

of width Alog P = 0.011 and dividing the number in each bin by the total number of
systems.

3.4.2 Saturated magnetic braking

We have calculated one grid of models described in Segtlwith the saturated magnetic-
braking law given by E@3.4. In this prescription the magnetic field saturates at a oerta
critical angular velocity.,t, that depends on the convective turnover timescale of therdo
star, as shown in E®.5. At an angular velocity higher than.,;;, the magnetic braking
scales linearly withu rather than cubically. As the typical initial critical spperiodis a
few days, this is long compared to the initial orbital andrecsithe spins and orbits of our
models are generally synchronised — spin period, and thereéplacing the prescription of
Eq.3.3by that of Eq3.4 can be expected to have an effect similar to lowering theagtre
of the magnetic braking, as we did in S&x#.1 Because we will see in Se@t4.3that the
shortest orbital periods are reached for models with caagiee mass transfer, all models
in this grid haves = 1.0in Eq.3.2

Figure3.3 compares the tracks af1M/; models from this grid with tracks taken from
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Figure 3.3: Time-period tracks fof = 0.01, M; = 1.1 Mg with P, = 0.38d (the shortest
possibleP; for this model),P, = 0.45d,P, = 0.56d, and”, = 0.60d. Each model is shown
for a magnetic braking law according to B34 (Sat. MB, solid lines) and no magnetic
braking, but gravitational waves only (GW only, dashedsind he symbols and horizontal
dash-dotted lines are as in F&J1. Note that the time axis extends far beyond the Hubble
time.

Sect3.4.3with conservative mass transfer and without magnetic bigkie. 3 = 1.0 and
n = 0.0. We see similar differences between the two sets of modalsesin Fig3.1, but
the magnetic braking is clearly too weak to evolve the syst@rless than 75 min within
the Hubble time.

We performed statistics on the model as described in S&: the result is displayed
in Fig.3.4and compared to the period distribution for a grid of modeithw = 1.0 and
n = 0.0.

3.4.3 The influence of mass loss

In Chapte2 we have assumed that half of the transferred mass in our maslébst by

the accretor and leaves the system with the specific angudarantum of the accretor. To
see what influence this assumption has on the results of edy,stve calculated a number
of models with conservative mass transfer, so that 1.0 in Eq.3.2 We calculated two
sets of conservative models, one set without magnetic hgaki = 0 in Eq.3.3) and one

set with full braking § = 1). The time-period tracks of selected models are compared to
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Figure 3.4: Period distribution for the magnetic capturedelaising the magnetic braking
law described in EB.4(Sat. MB, solid line) compared to the period distributionritodels
without braking, but with gravitational waves only (GW ondashed line). The four vertical
dash-dotted lines show the same observed orbital periotfedsrizontal lines in Fig3.1
The probability is calculated in the same way as in Big.

previous models witlt = 0.5 in Figs.3.5and3.6.

Figure3.5 shows that the time-period tracks of models with gravitaiovaves as the
dominant angular momentum loss source are changed notjdayala change in3. Con-
verging models reach their minimum period much earlier famservative models than for
non-conservative models. The reason for this is that massffom the binary according to
Eg.3.2leads to a widening of the binary for the valuewfve use. However, even for the
shortest possible initial period (0.38 d), and thereforedhrliest possible period minimum
for these systems, the time of the minimum shifts from 19.81G\t4.7 Gyr with a period of
78 min. The conclusion is that this effect makes no diffeestacthe number or distribution
of ultra-compact binaries.

For models with magnetic braking, the differences betwdentivo sets of models is
much smaller, as shown in Fig.6. The reason for this is that the orbital evolution is com-
pletely dominated by the strong magnetic braking, so thahgks in less important terms,
like the amount of mass loss from the system and the assdeatgilar momentum loss, are
of very little influence. The models with full magnetic bragicanproduce ultra-compact
binaries within the Hubble time; the distribution of ultshort periods in these models is
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Figure 3.5: Time-period tracks fof = 0.01, M; = 1.1 Mg with P, =0.38d (the shortest
possibleP;), P, = 0.45d andP, = 0.50d. Each model is shown for two different values of
06 (B = 0.5, solid lines ands = 1.0, dashed lines) and has no magnetic braking-(0.0).
The symbols and horizontal dash-dotted lines are as ir8Flg.

slightly affected by a change if (see Fig3.6), but not enough to change the overall con-
clusion of Chapte?.

3.5 Discussion

It is clear that the magnetic capture scenario to creata-gltimpact binaries depends very
strongly on the strength of the magnetic braking used. Byphirscaling down thé/er-
bunt & Zwaan(19817) prescription for magnetic braking, the results are, astmaxpected
intuitively,

e The bifurcation period between converging and divergingteans decreases, which
means that only models with a lower initial orbital periodlwbnverge.

e The rate at which a system converges is lower, so that minipemods are reached
at a later time. This can imply that ultra-compact periodsus®nly after a Hubble
time.
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Figure 3.6: Time-period tracks fof = 0.01, M; = 1.1 Mg with P, =0.6d,P, =0.8d,P,
=0.9d, andP, = 1.0d. Each model is shown for two different valuessofs = 0.5, solid
lines ands = 1.0, dashed lines) and has full magnetic braking=1.0). The symbols and
horizontal dash-dotted lines are as in FdL

e Because reaching the minimum period takes much longer, H sffst in the initial
period has much more impact on the evolution of the systentaise of this, the
initial period range that leads to ultra-compact systermsafoertain initial mass is
much smaller and thus the chances of actually producing aa-cbmpact system
decrease.

If we use a slightly more sophisticated, saturated magtesiking law, the results are
gualitatively similar to decreasing the magnetic brakitrgrsgth. Because of the different
dependencies of the two different magnetic braking lawshenrhass and radius of the
star in Eqs3.3and3.4, the two prescriptions take effect at completely diffeneatts of the
evolution. To illustrate this, we picked three models withiitial mass ofl M, that evolve
to the same minimum period (28 min) at about the same masé<0.07 M,). The three
models have different magnetic braking laws implementedi ae given different initial
periods to reach the desirdé,;,: the first model uses braking according to B and
P, = 1.485d so that the period minimum is reached after 11.7 Gyr. Thersgaenodel
loses angular momentum according to the saturated magdoreatiing law in Eq3.4. It
hasP, = 1.109d and needs 20.1 Gyr. The third model has no magnetic brakihgrdy
gravitational waves to lose angular momentum. It needstbdest initial period (0.4998 d)
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and longest evolution time (42 Gyr) to reach the desired mimnh period.

The three models are compared in Hg.. The data are shown as a function of the
total mass of the donor, starting with the onset of Roche-loberflow. Fig3.7a displays
the orbital evolution of the three models. Due to loss of dagmomentum, the orbital
periods at the start of mass transfer are already significahbrter than the periods;
at the ZAMS. The model with the magnetic braking law of B@ has the longest orbital
period at the onset of RLOF, but shrinks fast and coincidds thie model without magnetic
braking in the end. The dashed line of the model with the a&drmagnetic braking from
Eqg.3.4 intersects the solid line twice before the period minimundi¢ating that braking
starts out weaker, but ends stronger than the canonical etiadimaking of Eq3.3. This is
clearly seen in Fig3.7b, where for each model two competing time scales are plotted
time scale in which the mass transfer from the less massithetmore massive component
would expand the orbit if it were the only process going org #re timescale in which
angular momentum loss (the sum of gravitational radiatiod magnetic braking) would
shrink the orbit if nothing else would happen. In order toaibtthe timescale at which
the orbital period changes#) due to angular momentum losg)( we use the fact that
the total angular momentum of a binary scales with the cubet of the orbital period

(Jor» < P/?) and thus

O

Pl’ Pr Jl'
Pory a7 Jorb 3 Jorb

To calculaterp due to angular momentum loss we substitute.fgs, in Eq.3.7 the sum
of the angular momentum losses due to gravitational ramiathd magnetic braking. The
period derivative due to conservative mass transfer framisto star 2, assuming no angular
momentum loss, is given by:

Py, = 3FPon % M (38)
which can be substituted into E8}.7to getrp. Depending on which of the two timescales
is shorter, the orbit will expand or shrink. At the period fimium, the two lines for each
model intersect. The figure shows that the timescales famibeel with the canonical mag-
netic braking and the model with gravitational radiatiodyoooincide around the period
minimum. This happens because at these short orbital etidmodels with canonical
braking have very weak magnetic braking due to their smaigaea and radii (see E}3)
and therefore gravitational wave emission dominates th#adrevolution. It can be clearly
seen in the figure that the timescales for the model with aggdrmagnetic braking are al-
most two orders of magnitude shorter than for the two othelt@sand the orbital evolution
is driven by the strong magnetic braking. Fig@réc shows the true period derivatives of
the three models, which could have been inferred from thferdifice between the lines in
Fig.3.70b. It shows clearly that the orbit changes fastest for theehaith canonical mag-
netic braking in the first part of the evolution, but faster fioe model with the saturated
magnetic braking law when the donor mass drops below ab@ut/g. Interestingly, the
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model with saturated magnetic braking is in the saturatgdhre during all of the evolu-
tion, so that the difference in strength comes from the dbfi¢ dependence on the mass
and radius of the donor. The deep dips in Bgc are the period minima whet changes
sign. Figured.7illustrates that the two magnetic braking prescriptioret the use work at
completely different phases of the evolution of the modehe Tanonical braking model
of Eq.3.3 acts mainly in the first part of the mass transfer phase, wedtbie the period
minimum, up to the point where the orbital period has de@danough for gravitational
radiation to take over as the main angular momentum loss amésim and evolve the orbit
to the ultra-short period regime. The saturated magnetkibg prescription of E(B.4 is
only slightly stronger than the gravitational radiationtire first part of the evolution, but
becomes orders of magnitude stronger at shorter orbitabgeand evolves to the ultra-
compact binary state without any significant contributionthe angular momentum loss
from gravitational radiation. Despite these large differes, there is little influence on the
outcome of our statistical study. We therefore concludédbastudy is independent of the
the details of the magnetic braking, and that the use of dhiemretical or semi-empirical
laws mentioned in Sec3.2will lead to similar results.

3.6 Conclusions

In Chapte we showed that for magnetic braking accordingaybunt & Zwaan(1981)
the formation of ultra-short-period binaries via magnetapture is possible, albeit very
improbable, within the Hubble time. In this chapter we findttfor less strong magnetic
braking, in better agreement with recent observationsraflsistars, the formation of ultra-
short-period binaries via magnetic capture is even lessiefi. Specifically, for magnetic
braking reduced to 25% of the standard prescription (adogrtb Eq.3.3), the shortest
possible period is 23 min; for saturated magnetic brakingdading to Eg3.4) the shortest
possible period is essentially the same as without maghetiing, about 70 min.

Loss of mass and associated angular momentum from the imgsneral widens the
orbit and thereby delays the formation of ultra-compactbgs. However, this effect is
only noticeable in the absence of magnetic braking.

An attractive feature of the magnetic capture model is itfitalto explain the nega-
tive period derivative of the 11-minute binary in the glodiutluster NGC 6624\@n der
Klis et al. 1993h Chou & Grindlay 200). Since we find that for a more realistic mag-
netic braking law it is impossible to create ultra-compdoghbes via magnetic capture at
all, it becomes less likely that the negative period denrgais intrinsic. Van der Klis et al.
(19933 show that an apparent negative period derivative can beethat of acceleration of
the binary in the cluster potential. According to measunetsgith the HST the projected
position of the binary is very close to the cluster centreiclvimakes a significant contribu-
tion of gravitational acceleration to the observed periedwative more likely King et al.
1993.
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Figure 3.7: Upper panel(a): The logarithm of the orbital period. The line styles show
the different models: with magnetic braking according ta &8 (V&Z MB, solid line),
with magnetic braking according to E84 (Sat. MB, dashed line) and without magnetic
braking (GW only, dotted line)Middle panelb): The logarithm of the timescales of orbital
shrinkage due to angular momentum loss (AM loss, thick )im@sl orbital expansion due
to the mass transfer (M thin lines). The line styles represent the different meds in
(a). Lower panelc): The logarithm of (the absolute value of) the orbital pdraerivative

in dimensionless units. The line styles are as in (a).



Chapter 4

On the possibility of a helium
white dwarf donor in the
presumed ultracompact binary
25 0918-549

J.J.M.in’t Zand, A. Cumming, M.V. van der Sluys, F. VerbunteO.R. Pols
Astronomy and Astrophysics, v.441, p.675-684 (2005)

Abstract 2S0918-549 is a low-mass X-ray binary (LMXB) with a low oplito X-ray
flux ratio. Probably it is an ultracompact binary with an ¢abperiod shorter than 60 min.
Such binaries cannot harbor hydrogen-rich donor stars. #s ather (sometimes con-
firmed) ultracompact LMXBs, 2S0918-549 is observed to havegh neon-to-oxygen
abundance ratioJ(ett et al. 200lwhich has been used to argue that the companion star
is a CO or ONe white dwarf. However, type-I X-ray bursts hagefobserved from several
of these systems implying the presence of hydrogen or hedinitihe neutron star surface.
In this chapter, we argue that the companion star in 2S 0%Bisba helium white dwarf
We first present a Type | X-ray burst from 2S 0918-549 with gyldaration of 40 minutes.
We show that this burst is naturally explained by accretifgouve helium at the inferred ac-
cretion rate of~ 0.01 times the Eddington accretion rate. At higher accretioagatf~ 0.1
Eddington, hydrogen is required to explain long duratiorstg1 However, at low rates the
long duration is due to the large amount of helium that acdates prior to the burst. We
show that it is possible to form a helium white dwarf donor mwtracompact binary if
accretion starts during the first ascent of the giant brawblen the core is made of predom-
inantly helium. Furthermore, this scenario naturally eps$ the high neon-to-oxygen ratio,
without requiring a CO or ONe white dwarf companion. The oobservational aspect of
250918-549 that we cannot explain is the absence of helhes In the optical spectrum.
Model calculations of optical accretion disk spectra n@elget carried out in order to obtain
limits on the helium abundance.
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4.1 Introduction

250918-549 is a low-mass X-ray binary (LMXB) in which a Rodbiee filling low-mass
star orbits a neutron star and the liberation of gravitalamergy of the in-falling matter
produces X-rays. Itis a particularly interesting examgla bMXB for three reasons. First,
it has an optical to X-ray flux ratio which suggests that it istdtracompact binary with
an orbital period less thak60 min and a companion donor star that can only fit within the
Roche lobe ifitis hydrogen depleteiliett et al. 200lbased on relations established\an
Paradijs & McClintock 1995 This was recently confirmed through optical spectroscopy
which revealed the lack of lines from hydrogen and heliudelémans et al. 2004 It
suggests that the companion star is a C-O or O-Ne white dwhrfNelson, Rappaport, &
Joss 198h

Second, it has an X-ray luminosity which is low for an activdXB, namely less than
or equal to 1% of the Eddington limit for a canonical (34,, 10 km radius) neutron star
(Jonker et al. 20011

Third, 2S0918-549 appears to have an unusually high Ne/@damnce ratio, a charac-
teristic which it shares with three other non-pulsating LBB<out of 56 cases investigated
by Juett et al(2001). Juett et al. propose that this is related to a degeneraterdo the
suggested ultracompact nature of the binary. This projposi supported by detections of
orbital periods in two of the other three (18 min in 4U 1543468aNang & Chakrabarty
2004 21 min in 4U 1850-087, sedomer et al. 199§ although those detections need
corroboration since they were made only once in each caseerfilg, it was observed for
two of these high Ne/O systems that the Ne/O ratio changet&vidni another previously
not measured ultracompact system the Ne/O ratio was not(Bigdt & Chakrabarty 2003
2005. This indicates that the interpretation of Ne/O in termdofor evolutionary status is
less straightforward and is possibly biased by ionisatféetes. For 2S 0918-549, neverthe-
less, the Ne/O ratio was found be consistently 2.4 timesdlse salue, as measured with
ASCA, Chandra-LETGS and XMM-Newton observations, while flux changed almost
by an order of magnitude.

Three of the four LMXBs with a possibly high Ne/O-ratio exhigporadic type-I X-ray
bursts which are due to thermonuclear flashes in the upperdayf a neutron star. Two
have been reported from 4U 0614+@®wank et al. 1978Brandt et al. 199p, four from
4U 1850-087 $wank et al. 1976Cominsky et al. 197;7Hoffman et al. 1980Cominsky
1981 and three from 2S 0918-549dnker et al. 2001Cornelisse et al. 200Zalloway
et al. 2009. We here report four additional bursts from the latter. Aidehal bursts for the
other systems were also detected, particularly with HEITgée for instancéNakagawa
et al. 2003, but these are not published in detail yet. The one souregerrseen bursting is
4U 1543-624.

As noted byJuett & Chakrabartf2003 and Nelemans et al(2004), there is a puz-
zling contradiction between the characteristics (or mess@nce) of these bursts and the
suggested hydrogen or helium depletion in the donor stdre.blrsts detected from these
systems last between 10 and a few hundred seconds, sugggebigh hydrogen and helium
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contentin the flash fuel. The question is: where does thedgedr and helium come from if
not from the donor star? The problem is more severe for hyahdlgan for helium because
in an evolved donor star like in an ultracompact system thdrdyen can reside only in
the outer layers that were lost being outside the Roche Idbett et al. and Nelemans et
al. suggest that spallation of accreted elements may bertanide.g. Bildsten, Salpeter,
& Wasserman 1992 However, it is not trivial to invoke spallation. Spallati requires hy-
drogen nuclei (protons) to bombard the higher-up Coulotolpyged heavy nuclei and create
lighter elements, but the problem is that protons are intshgply. A definite assessment of
the viability of this process needs to come from new calomtetthat also take into account
non-radial accretion (e.gBildsten, Chang, & Paerels 2008nd high metal abundances.

In this chapter we present (in Sectighg and4.3) measurements of an extraordinary
burst from 2S 0918-549 which was detected with the Wide Réddheras (WFCsjager
et al. 1997 on board BeppoSAXRoella et al. 1997r It is the longest of all bursts ob-
served from any (presumed) ultracompact, lasting overdratiour. Commonly, long burst
durations (for example, bursts from the regular burster &3+24;Ubertini et al. 1999
Galloway et al. 200¥are explained by a high hydrogen fuel content. The protoasap-
tured by the ashes of unstable helium burning and initiaedaively slow beta decay pro-
cess (the rp process) that is responsible for the burst iotyg.g., Fujimoto et al. 198}
However, at the low accretion rate ef 1% Eddington appropriate for 2S5 0918-549, the
conditions at the time of ignition of the flash are differeBecause the fuel accumulates
slowly, any hydrogen has time to stably burn away, leavinggiektlayer of helium which
ignites and burns in a long duration and energetic burstadéh, fiven the likely ultracom-
pact nature of this source, we argue that the long duratiost igidue to accretion of pure
helium from a helium white dwarf companion. As we show in gect.5.1, 25 0918-549
provides the rarely seen circumstances for a long duratsiaim flash to be possible, be-
ing a persistent X-ray source at a fairly low mass accretaia.rWe investigate in section
4.5.2evolutionary paths to arrive at the implied helium-rich dostar and find a likely path
leading to a helium white dwarf. What is more, this star isdiceed to have a Ne/O over-
abundance ratio which confirms the observations. Thus, eemodvhich the companion
star is a helium white dwarf explains many peculiar detailglg 2S 0918-549. One detalil
which is not explained concerns the lack of helium lines mabptical spectrum.

4.2 Synopsis of X-ray bursts from 2S5 0918-549

Thus far three X-ray bursts were reported from 2S 0918-34@ker et al(2001), Cor-
nelisse et al(2002 andGalloway et al(2006. The first two bursts have similar bolomet-
ric peak fluxes of 8.8 and 9:410~8ergcnT2s™!, but the decay times differ by a factor
of 3 (see Tabld.1). The third burst as identified by Galloway is an order of magte
fainter. We carried out archival searches in BeppoSAX/Wh&dnet exposure 9.2 Msec),
RXTE/ASM (2.6 Msec for an effective exposure time of 70 s peelf), and RXTE/PCA
data (300 ksec, including data from AO9), and found 2 more burs&s3M and 2 in WFC
data. No reports of bursts were made from observations witkt&in, EXOSAT, ROSAT,
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Figure 4.1: 2-28 keV light curves of the three WFC-detectadts at varying time resolu-
tion. Typical error bars are indicated at the left and right¢ach panel.
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No Date Instr. Peak Persistent 7
flux flux

(Crab unitg) (sec)
1 1996 Oct 1 WFC 3.7(3) 0.0048(5) 117(2)
2t 1999Jun10 WFC 3.3(3) 0.0037(5) 29(4)
3t 2000 May12 PCA > 3.2 < 0.0146 8.95(5)
4 2001 May 18 WFC 2.5(3) 0.0094(5) 5.8(4)
5 2001Sep29 ASM 2.9(1) 0.0061f7)  25(3)
6 2003 Aug5 ASM 2.1(1) 0.0080(8) 22(10)*
7 2004Jun18 PCA 0.26(1) 0.0126(3) 12.5(5)

*For a burst peak spectrum as determined in this chapterddirst burst, one Crab
unit translates to a bolometric flux @f7 x 10~8 ergcnr 2 s~ 1. For the persistent
flux, one may adhere to a 2-10 keV fluxo x 10~8 erg cnm 2 s~ (the bolometric

Tcorrection is less certain in that case).

Cornelisse et al2002. This burst was erroneously dated four days earlier in that
paper.
tJonker et al(2007)

Galloway et al.(2006 (this paper mentioned 2 more faint bursts from 2S0918—
549, but the data do not allow confirmation as type-I X-raysksir

YThese are 14-d averages.

*This burstwas only partly observed. The observation stdd8es after burst onset.

Table 4.1: List of X-ray bursts from 2S0918-549. Bursts 2nd & have been published
before. Values between parentheses represent uncestaimthe last digit.

ASCA, BeppoSAX, Chandra and XMM-Newton within a total of apgmately 170 ksec.
We derive an average burst rate (from simple division of tkgosure time by the number
of bursts) of once every 20 days, but note that the WFCs and ANhot sensitive enough
to detect the fainter bursts. Based on PCA data alone, thragedurst rate is once every
2 4+ 1d. Tabled.1reports the main characteristics of all 7 bursts.

Except for the last, all bursts are fairly bright with bolotme peak fluxes that translate
to betweert x 10~% and 10" ergcnt 2 s~ 1. Cornelisse et a2002), equalizing the peak
flux of the second burst to the Eddington limit of a hydrogaphotosphere, derive a
distance of 4.2 kpc with an uncertainty of 30%. This is in castto an earlier distance
estimate, from optical measurements, of 15 kpddhevalier & llovaisky(1987 which is
derived assuming the optical counterpart to be as luminsus ather LMXBs. Therefore,
the counterpart must be considerably sub-luminous whidaidigative of a small accretion
disk and short orbital period of at most 60 miluétt et al. 20011

In Fig.4.1the three bursts detected with the WFC are plotted on idaintizales. This
illustrates the diversity of the bursts. In particularitiitrates the longevity of the first burst.
In Fig.4.2the flux scale is blown up for this burst and it is clear thatatgssts for at least
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Figure 4.2: 2—28 keV light curve of the long burst, zoomingirow flux levels and with a
time resolution of 30 s. The dotted line indicates the oubwifst persistent flux level. There
are no data during times between the two panels.

approximately 2500s. The second burst lasts 10 times as, sherthird burst nearly 100
times as short, the bright PCA-detected burst about 25 t{dwsker et al. 2001

4.3 Analysis of the long burst

The long burst started on October 1, 1996, at 21:14:51 UE topeak levels within 1s
and carried on for approximately 40 min before it disappe@amehe background noise (at a
level =350 times below the burst peak; see Bid). The e-folding decay time over the first
200 sis117 + 2s. This is the longest decay time of all 2427 type-I X-ray bmirseasured
with the WFCs that are not superbursis {t Zand et al. 2004aKuulkers 2004, except
for one burst from SLX 1737-282r("'t Zand et al. 2002which exhibited a decay time of
600s.

The off-axis angle of 2S 0918-549 in the WFC field of view dgrihe long burst was
near to optimum. The source illuminated 90% of the availablesitive detector area. How-
ever, the observation was plagued by high telemetry ratedala bright source within the
concurrent narrow-field instruments, which resulted inrgpic WFC data drop outs. Two
drop outs occurred during the long X-ray burst, from 165 t@ $8c after burst onset and
from 350 to 354 sec.

There are two more conspicuous features in the time profiltheflong burst, see
Fig.4.3 two minutes after the burst onset a 30s period of strongabdity is observed,
with dips and peaks that grow above the flux before that. Twaouieis later the flux sud-
denly (within 2 s) decreases by a factor of about four. Subsetly it remains on a decay-
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Figure 4.3: 2—-28 keV light curve of the long burst, zoomingoim the period of strong
variability at a time resolution of 0.25s.

ing track. After a little over 70 s it rises back to the extrigied pre-drop downward trend
and continues its decay. Since several data drop outs ectduring this observation we
checked whether this drop in flux could be due to telemetryfoxg. We studied the flux

history of another bright source in the field of view, Vela Xdnd that of the remaining
background. These showed no flux decrease whatsoever, tirasbto during the data drop
out periods. We conclude that the flux decrease during thst lisigenuinely associated
with 2S5 0918-549.

We modeled the spectrum of the long burst with black bodyatiath and present the
results in Fig4.4. The burst starts with a strong photospheric radius exparnsiase which
ends after a few seconds. Subsequently the bolometric flonaires at a level of about
10" ergcnr 2 s~! for one minute during which the temperature rises and thizissghows
a slow instead of fast decrease. This suggests that thegqgiace is continuously injected
with fresh (radiation) energy since the fall-back time o titmosphere is much shorter.
Thereafter the burst decays in an ordinary fashion for al®oatinutes with decreasing
temperatures and constant radii. This suggests coolingaiylathick layer. Four minutes
after the burst onset the flux suddenly (within 2 s) drops bacdr of 4. The flux remains
low for 73 s after which it slowly rises during 20s and resurttes pre-drop decay. The
e-folding decay time then 36 + 11s. The cause of the dip can be modeled in two ways:
either through a variation aVg (x2 = 0.85 for v = 78 for simultaneously fitting the 3
spectra of the dip [exposure time 71 s], the rise out of thg Hs], and a period afterwards
[41 s]) or through a variation of the emission areg (= 0.82 for v = 78). Fig.4.4
shows the results of the latter model. The implied reductipamission area is a factor
of 6 (or 2.5 in radius). When modeled through an increase efatsorption, the implied
maximum column density i&y = 8.372-2 x 10?2 cm~2 (90% confidence; compare with
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Figure 4.4:a): Time history of observed photon fluk): Bolometric flux of modeled black
body radiation. ¢): Colour temperature of black body radiationl): Sphere-equivalent
radius of bb radiation for a distance of 5 kpc (the first datapof 208 + 25km is out-
side the plot borders)e): x2 of fits. The vertical lines indicate time intervals for fueth
spectroscopy of the dip (see Fg5).
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Figure 4.5: Spectra of the 71s lower-flux interval (lowerdpem; first interval between
vertical lines in Fig4.4) and the 41 s interval after the dip (upper spectrum; lastrwa in
Fig.4.4). The crosses indicate the measurements (vertical lemgtihsate b error inter-
vals; histograms indicate the fitted model with fi¥g and fixed radius).

Ny = 4.2 x 10%! cm~2 outside the dip).

If one equalizes the peak bolometric flux to the Eddingtoritloha canonicall .4 M,
neutron star, the implied distance is 4.1 kpc for a hydrogemphotosphere and 5.4 kpc if
it is hydrogen-poor.

Ignoring the behavior of the source during the dip and dad@ duts, the total bolomet-
ric energy output for a distance of 5.4 kpc is estimated te0be+ 0.4) x 10! erg. This is
a factor of of at least 3 smaller than any of the 13 superboisgsrved so far (cKuulkers
2004 In 't Zand et al. 2004pbut similar to the most energetic non-super X-ray burstr(fr
SLX1737-282|n 't Zand et al. 2002

What is the cause of the 1.2 min drop during the decay phase?pidfiile of the flux
history looks strikingly similar to a partial eclipse. Hoves, this is inconceivable because
1) the radiating surface is so small thgtartial eclipse seems very unlikely, and 2) eclipses
have never been seen in 25 0918-549 down to very good limgs Jeett & Chakrabarty
2003.
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The effect looks a bit like the few-second long dip seen irstiygerburst from 4U 1820
303 (Strohmayer & Brown 2002 There it was attributed to the combination of photospheri
radius expansion and a clean sweep of the normally X-rajatiner accretion disk. This
explanation is inconsistent with the temperature evoluieen in 2S50918-549. Still, it
seems likely that the dip is related to a perhaps more maglehatnge in the accretion flow
geometry induced by the radiation pressure of the luminashfl An indication of that is
provided by the strong variability in the minute before the.d

4.4 Flux history of persistent emission

Given the wide variety of burst durations, it is of interastdst whether there is a connection
with a varying mass accretion rate. Therefore, we studi¢a @dating to the persistent flux
history. 250918-549 is quite faint for monitoring devicesls as the WFC or the RXTE
All-Sky Monitor (Levine et al. 199% This hampers accurate measurements on time scales
below a few weeks. In Fidgl.6, the 2-12 keV flux history is plotted as measured with
the RXTE ASM with a 14d binning time. On that time scale the ffarnges between
0.3 and 1.0ASM cs! which, for a Crab-like spectrum, translates to a 2—10 keV @iix
(1-3) x 10~1%ergcnT2 s~1. We note that no flares were observed on shorter time scales
above a limit of roughly 0.1 Crab units, except for the burststhe same plot the times of
the 7 bursts are indicated. The long (first) burst distinigessitself from the other bursts by
occurring during a somewhat tranquil low state of the source

There has been one broad-band X-ray measurement of theesduiyr¢he BeppoSAX
Narrow Field InstrumentsBoella et al. 1997a0n 1998 April 22. Broad-band coverage
was obtained through the Low-Energy Concentrator SpeatemLECS,Parmar et al.
1997 0.1-3.0keV, 16 ksec exposure time), the Medium Energy €atnator Spectrometer
(MECS, Boella et al. 1997h1.6-10.0 keV, 28 ksec) and the Phoswhich Detector System
(PDS,Frontera et al. 199715-200 keV, 12 ksec). The LECS and MECS provided imaging
data, while the PDS operated with a collimator that rockevben on-source and back-
ground pointings 240from the source position. We verified that no bright X-ray meu
was contained in the background pointings.

We employed standard extraction and data analysis tecésifgig.In 't Zand et al.
1999 and restricted further analysis to those photon energlesrevthere is a significant
detection (extending from 0.3 to 120 keV). The LECS and MEQ®aetion radii were
4', a LECS/MECS and PDS/MECS normalization factor was lef flaring spectral fits,
LECS and MECS background spectra were determined from gmt#gnt long observa-
tions on empty fields, and no systematic uncertainty wasided. Various models were
tested against the data; two have a satisfactory resulseTae presented in Talle2 The
power-law fit is shown in Figd.7. We tested a pure Comptonised model (maxzipt t
in XSPEC, Arnaud 1996 Titarchuk 1994 Hua & Titarchuk 1995Titarchuk & Lyubarskij
1999, and a simple power law. Both models were absorbed (foligwle model byMorri-
son & McCammon 1983and a black body component was included describing theed/7 k
feature discussed hjuett et al(2001). The fit results are consistent with those obtained
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Figure 4.6: RXTE/ASM 2-12 keV light curve with bin time of 14dd eliminating all data
points from SSC3 and with an error in excess of 0.15'c sThe vertical lines in the top
indicate the times when bursts were detected (solid line€Wlashed lines RXTE PCA
(1st and last) and ASM).

by Juett & Chakrabarty2003. The (absorbed) 2-10 keV flux is consistent with the ASM
measurements. The unabsorbed 0.1-200 keV flux is the sano¢hicdses.

The 0.1-200 keV flux is of6.0 & 0.5) x 10~%ergcnm2s! is less than 1% of
the bolometric burst peak flux afl.0 + 0.1) x 10~7ergcnt2s~! which is thought to
be the Eddington limit. For a distance of 4.1-5.4kpc the PODKkeV luminosity is
(1.2 — 2.1) x 10%¢ergs . The ASM light curve suggests that the source never becomes
brighter than roughly twice this value, on time scales of keeeThe 2—-10 keV absorbed
flux is also consistent with similar measurements since 8#04& as compiled byuett &
Chakrabarty(2003 which range between 0.9 and 270~ % ergcnt2s™!, except for an
ASCA measurement on 1995 May 2 (MJD 49839; 17 months befardint burst) when
the flux was 7.& 10~ %ergcni2s~1. We note that an analysis of the near-to-continuous
BATSE data set on 2S5 0918-549 Harmon et al(2004) does not discuss a peak in 1995.

250918-549 has never been seen in an off state, despitesiertenverage since the
early 1970s. It is therefore not an X-ray transient. The seabat it is persistent while
the luminosity is rather low is possibly related to the prasd ultracompact nature. A
smaller orbit generally implies a smaller accretion diskhetefore, the disk will remain
completely photo-ionised at lower accretion rates and teeedion will sustain all the way
to the neutron star rather than turn off due to an accretiskidistability {Vhite et al. 1984
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Model power law + black body

Ny (3.1 +£0.3) x 102

bb kT 0.51 £ 0.03 keV

r 2.07£0.05

X2 1.21 (133 dof)

Unabs. 0.1-200 keV flux (6.4 +0.5) x 10~ 1%ergenr?s~!
Abs. 2-10 keV flux (1.37+£0.02) x 10~ Yergenr?s7!
Model comptt + black body

Nu (2.8 +£0.3) x 10%!

bb kT 0.51 £ 0.03 keV

kTplasma 341—%%0 keV

7 (spherical geometry) 14+0.5

X2 1.20 (131 dof)

Unabs. 0.1-200 keV flux (5.5 +0.5) x 10~ 1%ergenr?s~!
Abs. 2-10 keV flux (1.37 +£0.02) x 10~ Yergenr?s7!

Table 4.2: Spectral parameters of acceptable model fitetbEH spectrumI” is the photon
index. Errors are for 90% confidence.

Van Paradijs 199@eloye & Bildsten 2008

4.5 Discussion

4.5.1 Short and long helium bursts

In general, the longevity of an X-ray burst is determined bg tluration of the nuclear
burning, and by the thickness and composition (throughtlaéconductivity) of the layer
where the burning deposits heat. Whereas helium and catoonvery rapidly, hydrogen
burning involves slow beta decays, and so can prolong theygmyeneration. Slow hydro-
gen burning via the rp-procesd/allace & Woosley 198)lis believed to power the minutes
long tails of bursts from GS 1826—2&&lloway et al. 2004 For accretion rates- 0.1
times Eddington, appropriate for most X-ray burst sourdess, has led to the identifica-
tion of “short” duration bursts~ 10s) with helium-dominated flashes, and long duration
(~ 1005s) bursts with hydrogen-dominated flashes. In this pictiive Jong duration burst
from 2S5 0918-549 is difficult to explain because we expecttrapanion to be hydrogen
deficient. However, at low accretion rates, long bursts cése decause of very thick fuel
layers that accumulate between bursts. These thick lag@esdnlong cooling time, leading
to long burst durations. In this section, we show that theylbarst from 25 0918-549 is
naturally explained by accretion of pure helium at the obsérate 00.01 of the Eddington
accretion rate.

The observed burst energy éf,,. = 10*' ergs implies an ignition column depth of
Y = BEnue(l + 2)/47R?Qpuc ~ 7 x 10° g cm™2, whereQ,.. ~ 1.6 MeV per nucleon
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Figure 4.7: Top panel: from left to right LECS, MECS and PD®&a&pum (crosses with
vertical lines depicting & error bars) and best fit result for power law and black body ehod
(histogram). Bottom panel: fit residuals.

is the energy release for helium burning to iron group nuydkeis the neutron star radius,
andz is the gravitational redshift (we assumie= 10 km andz = 0.31, appropriate for a
1.4 M neutron star). We have calculated the ignition depth foegelium following the
ignition calculations ofcumming & Bildsten(2000. The calculation involves finding the
temperature profile of the accumulating fuel layer, and stitjig the layer thickness until the
criterion for unstable ignition is met at the base. Sincerbgén burning is not active for
pure helium accretion, the temperature profile of the lageset by the heat flux emerging
from the neutron star crust. We write this heat fluxia®, erg cm=2 s~!, wherern is the
mass accretion rate per unit area, apglis the energy per gram released in the crust by
pycnonuclear reactions that flows outwards. For kawBrown (2000 found that almost
all of thex 1.4 MeV per nucleon released in the crust comes out through tHiacs (see
Fig. 11 of Brown 200Q. ForQ, ~ 1 MeV per nucleon o), ~ 10'® erg g~ !, and using
the Eddington accretion ratégqq ~ 10° gcm 257!, we find F, ~ 102! ergcm =257}

for accretion ath = 0.01 1hgqq. Figure4.8shows the ignition column depth and predicted
burst energy as a function of base flux. For a base fluxéf erg cm=2 s~ !, we find an
ignition column depth off ~ 10'° g cm~2, in good agreement with the value inferred from

1We expect that the value 6J; will depend on the thermal properties of the neutron stariat, for example,
the core temperature and crust thermal conductivity. Weimikstigate the dependence of the ignition conditions
on these factors in a future paper.
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Figure 4.8: Ignition thicknesses and flash energies as d@iumaf heat flux.

the burst energetics.

Additional constraints come from the burst light curve ahd tecurrence time. Fig-
ure4.9 shows the observed light curve compared with theoreticalieg models calcu-
lated following Cumming & Macbeth(2004). In these models, the burning is assumed
to take place instantaneously, since helium burning iseexély rapid. We then follow
the cooling of the hot layer using a time-dependent therniffision code. We show
two curves with a total energy release tf*! ergs, with column depths x 10° and
10'9 g cm™2. The observed decay is well-reproduced by these modelsortumiately,
the recurrence time of the long burst is not well constraibgabservations although the
suggestion is that it is long. The expected recurrence tirom fthe ignition models is
y/m = 116 days (y/10'° g cm=2)(1m/10% g cm~2 s71)~1. 250918-549 was almost con-
tinuously observed with the WFCs for 4 days prior to the hunst there were two data gaps
so that the lower limit to the recurrence time is only 1.1 ddysthe 87.3d period prior to
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Figure 4.9: Comparison of the observed decay of the bolaatdack body flux (histogram)
with a theoretical modelQumming & Macbeth 2004for the cooling rate of a column of
depth7x10° g cm~2 and a nuclear energy releaseldf x 10'8 erg g~! which is expected for
helium burning to iron (dashed curve). To illustrate theelggence on these two parameters
a model is shown with the same energy output'{g) but for a column depth df x
10'°gcm~2 and an energy release bH x 108 ergg~! (dashed-dotted curve).

the long burst, 15.6 d of effective exposure time were ctdiévith no burst detections. The
only other X-ray experiment with coverage of 2S 0918-549d86L.is the All-Sky Monitor
on RXTE, also without burst detections.

We have assumed that the accreted material is pure heliurthe laccreted material
contains carbon, carbon ignition is also possible. Howetver burst energy in that case
would be>> 10*2 ergs, and recurrence time 10 years Cumming & Bildsten 200)L If
hydrogen is included in the accreted material, additioregltimg arises because of CNO
burning. Our steady-state accumulation models are onljicgiye if the temperature is
large enough during accumulation 8 x 107 K) that the temperature-independent hot CNO
cycle operates. Assuming this to be the case, we find thaeaerof solar composition
material at a raté03 ¢ cm—2 s~! gives an ignition depth smaller than the pure helium case,
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6 x 10® g cm ™2, and energy release 10° ergs (in this model, only the upper 10% by mass
of the layer contains hydrogen). In fact, depending on thoeedion history, CNO burning
may be much less than the hot CNO validarayan & Heyl(2003 calculate steady-state
models with detailed CNO burning, and find ignition columpthe of~ 3x10° g cm~2 for
= 0.01 rhgqq. Therefore, the burst properties may be similar to thoseesl if some
hydrogen is present. However, we do not expect this becauttes dikely ultracompact
nature of this source.

If the long burst is indeed a helium burst and the other buastsas well, then the
widely varying burst duration must be directly related te thyer thickness. The ignition
condition predicts that the ignition thickness decreasitis increasing temperature. This
implies that the temperature increases from burst 1 to 4 faerd decreases again. If the hot
CNO cycle is not active, the heat flux from the core/crust dmddomposition of the outer
100 m of the NS determines the temperatiBeo(vn et al. 2002 Since the time scale of
variation of the crust temperature is expected to be mucpdothan the burst interval time
(years rather than months), the suggestion is there thabtim@osition of the layer changes
between bursts. Given the limited accuracy of our measunésvee are unable to test this
guantitatively. Temperature variability of roughly a facf 2 to 3 would be needed to
explain a variety of burst durations of a factor of 10 to 10(heTASM data suggest that
the accretion rate shows more variability during the sixridrdoursts. Perhaps this explains
the earlier ignition and presence of shorter (less enarpletirsts, much as was observed in
KS 1731-260 byCornelisse et al2003; Cornelissg2004).

4.5.2 Evolutionary considerations

Since the surface layers of the donor are the source of theenfliwing through the ac-

cretion disk onto the neutron star, we may conclude thattisesface layers are deficient
in hydrogen (from the optical spectrum of the disk and thespneed ultracompact nature),
do contain helium (from the X-ray bursts), and have an enbadride/O abundance ratio
(from the X-ray spectrum). This information is useful to disinate between different

evolutionary scenarios.

The evolutionary path of a binary in which a neutron star etss matter from a com-
panion depends to a large extent on the evolutionary statieeoflonor at the moment at
which mass transfer starts. If mass transfer starts on the seguence, the orbit shrinks
to a minimum of around 70-80 min, and then expands again. |Aing¢s during the evo-
lution, the transferred mass consists mainly of hydrogehas been suggested that strong
magnetic braking may cause the orbit to shrink even if maasster is initiated after the
donor has evolved a little beyond the terminal age main secpi@utukov et al. 198h The
decrease of the orbital period may then proceed to periaistlean 70-80 min before the
orbit expands again. Even though the hydrogen contentedfainsferred mass drop at the
shortest periods, the transferred mass is hydrogen ricugiirout the evolution in this case
also (see e.g. Tabl@sland2.2). In Chapte® and3 we showed that this path to ultrashort
periods demands both very special initial conditions argl ggong magnetic braking, and
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thus is unlikely to be important.

If mass transfer starts during shell burning as the starraisctéhe giant branch, it will
lead to long periods if the mass transfer is stable, and ae#igtto a wide binary of a
neutron star an an undermassive white dwarf (é/gbbink et al. 1988 However, if the
mass transfer is unstable, a spiral-in may ensue, and leadctose binary of the core
of the giant and the neutron star. Mass transfer is incrghsiikely to be unstable if
the donor star has higher mass, and is further evolved aloagiaint branch and hence
its envelope is fully convective. The post-spiral-in cldsiaary evolves to even shorter
periods through loss of angular momentum via gravitatigadiation, which may bring
the core of the giant, by then cooled into a white dwarf, imtatact with the Roche lobe,
after which mass transfer starts again. If the spiral-imtathwith the donor in a phase
of hydrogen shell burning, the white dwarf is a helium whitgadf. Donors in a phase
of helium and carbon shell burning would lead to carbon-@&ygnd neon-magnesium-
oxygen white dwarfs, respectively. Mass transfer from thétevdwarf to the neutron star
is dynamically unstable if the white dwarf has a mass whidlegshigh. The precise limit
is somewhat uncertain, depending on the amount of mass guleamomentum loss, but
is probably near 0.4-0.5/, (see e.gYungelson et al. 2002 This limit excludes neon-
magnesium-oxygen white dwarfs as well as the more massibegsoxygen white dwarfs.
Only low-mass carbon-oxygen white dwarfs and helium whiteads are possible stable
donors for a neutron star.

Mass transfer in a system with a white dwarf donor is a veryrggrfunction of the mass
of the white dwarf. Immediately after contact, at a periodtfwmorder of a few minutes, the
mass transfer is highly super-Eddington, and the white fimass decreases rapidly. The
orbit expands, and the donor mass decreases quickly uatiitrery has a mass transfer
rate that is sufficiently low to be sustained for a longer peiof time. The shortest orbital
period observed for a system with a neutron star and whitefddeeor is 11 min. A rough
estimate of the mass of the dondf as a function of orbital perio®, can be made by
combining the mass-radius relation of a white dwarf with gwgiation giving the size of
the Roche lobe for the less massive star in a binary: thissgéM, ~ (50s/P;). Thus,
the 11 min binary has a donor with mass less than/. (Verbunt 1987, and the other
ultrashort period systems with known orbital periods hawaats of smaller masses still.
This implies that the composition of the mass being tramséeto the neutron star in these
binaries is that of the innermost material of the initial vehilwarf.

We illustrate the compositions of the helium and carbongenwhite dwarfs by means
of the core of a model star of 18, in Fig.4.10and Tablel.3. These compositions were
computed with the evolution code Bfygleton(1971, 1972 with updated input physics as

described inPols et al.(1995. We do not expect mass loss to have any effect, because

the profiles in the inner core have already been establishd¢ldebtime mass loss becomes
important. Mass transfer from the white dwarf donor can edtssmantle to become con-
vective, especially near and beyond the period minimum. &l@y since the core of the
star is very homogeneous (F#10), this has little influence on the surface abundances. The
demand that the mass transferred in 2S 0918-549 contaiiusrhisl obviously compatible
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with a donor consisting of the innet 0.1 M, of an initial helium white dwarf; however, it

is not compatible with a donor consisting of the inge#.1 M, of an initial carbon-oxygen
white dwarf. As shown by Figl.10the helium content of the central mass of a carbon-
oxygen white dwarf is zero (it is at the minimum allowed fongoutational stability in the
evolution code]10~'2). From this, one would have to conclude that the donor at tiseb

of mass transfer was a helium white dwarf, rather than a ecadxygen white dwarf.

This conclusion is strengthened when we consider the ned@ygen abundances. In
the helium core, the neon abundance is still at the zero-age-sequence composition of
the progenitor star, not affected by nuclear evolution (Ei$0. The oxygen abundance,
however, is lower in the helium core as oxygen is convertéamitrogen in the CNO cycle
(Iben 1967. The depletion of oxygen is stronger in more massive priiges) because the
CNO cycle takes place at higher temperatures (see fladjle Thus the Ne/O abundance
ratio is predicted to be high if the donor in 250918-549 cstesbf the central mass of a
helium white dwarf. We point out that there is no observati@vidence that the mass frac-
tion of neon is enhanced since a complete measurement obthmelance of all expected
elements, particularly helium and carbon, is lacking; dihly abundance ratios Ne/O and
Ne/Fe have been measurelli¢tt & Chakrabarty 2003 Neither is there conclusive ob-
servational evidence for an increased oxygen abundanee veven considering the optical
spectrum which does suggest the presence of oxygen (anahdirtes but with insufficient
significance to prove the presendée{emans et al. 2004

In a carbon-oxygen white dwarf both neon and oxygen are mauwedant, but oxygen
more so than neon (Fig.10. The increase in neon abundance is caused by the conversion
of 14N, produced by the CNO cycle, inf8Ne during core He-burning.However, this is
dwarfed by the production of oxygen by helium burning. Thegbility exists, if the white
dwarf has time to cool enough for crystallisation to takecplahat?Ne settles in the centre
(Yungelson et al. 2002and reaches there the so-called azeotropic mass fragitunh is
between 0.05 and 0.08%€rn et al. 1991 This is not enough, however, to increase the Ne/O
ratio above the solar value. Taking into account that thetapic Ne abundance may be
underestimated by up to a factor three, the Ne/O ratio mightdrely reconciled with the
observed value, as noted Wyngelson et al(2002. Nevertheless, if the donor in 250918
549 consists of the central mass of a carbon-oxygen whitefdia&aNe/O abundance ratio is
expected to be rather low. Conversely, the Ne/O ratio olekfor 2S 0918-549 is naturally
explained if its donor is the central mass of a helium whiteadwrather than a carbon-
oxygen white dwarf.

The helium core denuded by a spiral-in undergoes heliumibgiihits mass is higher
than about 0.34/;, before it becomes degenerate, which will be the case fos stith
initial mass higher than 2.2%, (see Tabld.4). In this case a hybrid white dwarf may be
formed, with a carbon-oxygen core and a helium mantle. Wheawthite dwarf transfers
mass to a neutron star, it will rapidly lose its helium man#éeorbital periods in excess of

2The nuclear network in the evolution code does not follow3hde abundance directly, but instead the burnt
14N is added to thé”Ne abundance assuming particle number conservatiorP@eeet al. 1995 The total neon
mass fraction we find is therefore slightly underestimated.
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Figure 4.10: Three structure plots for different momentgha evolution of a 1.8/
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Model  Age Maic Mco (Ne/O). (Ne/O)./(Ne/O),

TAMS 25949 0.166 0.000 1.093 5.97
RGB 2.8495 0.440 0.000 1.093 5.97
AGB 29852 0.568 0.379 0.0260 0.142

Table 4.3: Properties of the 108, model at the moments the structure plots of Big0

were made. The age is in Gyr, the helium and carbon-oxygenmassses i/, . The last

two columns give the mass fraction ratio Ne/O in the core, tliedratio of this number to
the initial (ZAMS or ISM) Ne/O ratio.

M MHefcore (Ne/O)C/(Ne/O)n
RGB AGB

1.00 0.00-0.47 2.25 0.14
150 0.15-0.47 5.97 0.15
200 0.23-0.39 9.03 0.14
225 0.30-0.34 10.2 0.13
250 0.34-0.36 113 0.13
3.00 0.38-0.42 129 0.14
4.00 0.63-0.64 16.3 0.15
5.00 0.85-0.85 19.0 0.16

Table 4.4: Helium core masses and core abundances for ntadebgith masses between
1.0 and 5.0V . The second column gives the range of helium core mass@g{irthat are
obtained between the formation of the core and core heliumtiggn. The third and fourth
column give the Ne/O abundance of the core, relative to thialiflSM) Ne/O abundance,
for the helium core (RGB) and carbon-oxygen core (AGB) retipely.

11 min no helium is left.

Thus, a helium white dwarf is the most promising donor in ti$0918-549 system.
Such a donor is formed when a star with initial mass less thad /&, enters a spiral-in
phase on its first ascent of the giant branch. Based on thelwdbdeloye & Bildsten(2003),
the observed mass accretion rate predicts for a He WD donortaital period between 25
and 30 minutes. These results are in general agreement alithlations byBelczynski
& Taam (2004 who predict that of all ultracompact binaries with a neatstar accretor,
60% may have a helium white dwarf donor. Furthermore, owwdations suggest that AM
CVn systems, ultracompact binaries in which the accretar vehite dwarf, should show
an enhanced Ne/O ratio if they have a helium white dwarf canigra Indeed, such an
enhancement was recently observed in the AM CVn system GP(Gtwhmayer 200¢
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4.6 Conclusion

In conclusion, we have shown that the properties of the lofrgyburst from 2S 0918-549
and the enhanced Ne/O abundance ratio are both consistértheicompanion star being
a helium white dwarf. This scenario would seem to be at odds thie presence of C and
O lines and the absence of He lines in the optical spectrumweder, the evidence for
C and O lines is inconclusiveNelemans et al(2004) find that the case is less clear for
250918-549 than for 4U 0614+091 and 4U 1543—-624 due to théve=ffaintness of the
optical counterpart, and confirmation through deeper afagiems would be desirable. In
addition, non-LTE effects may be important. This is the dagbe UV, wheréNerner et al.
(2009 calculated accretion disk models for the UV spectrum anohébthe He 11 1640A
line depth to be rather weak even for large helium abundafdesrefore, as yet we regard
all X-ray and optical measurements of 2S 0918-549 to be stamdiwith a helium white
dwarf donor star.
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Abstract We investigate the formation of the ten double-lined dowtihite dwarfs that
have been observed so far. A detailed stellar evolution ¢®@dised to calculate grids of
single-star and binary models and we use these to recohgssible evolutionary sce-
narios. We apply various criteria to select the acceptatlietisns from these scenarios.
We confirm the conclusion dfielemans et ak2000 that formation via conservative mass
transfer and a common envelope with spiral-in based on grnmatance or via two such
spiral-ins cannot explain the formation of all observedeys. We investigate three differ-
ent prescriptions of envelope ejection due to dynamicaknass with angular-momentum
balance and show that they can explain the observed massestatal periods well. Next,
we demand that the age difference of our model is comparahileet observed cooling-
age difference and show that this puts a strong constraith@model solutions. One of
these solutions explains the DB-nature of the oldest whitertlin PG 1115+116 along the
evolutionary scenario proposed Maxted et al (20023, in which the helium core of the
primary becomes exposed due to envelope ejection, evaites igiant phase and loses its
hydrogen-rich outer layers.
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5.1 Introduction

Ten double-lined spectroscopic binaries with two whiteadwcomponents are currently
known. These binaries have been systematically searchied fond possible progenitor
systems for Type la supernovae, for instance by the SPY (ESTa$rogenitor surveY)
project €.g. Napiwotzki et al. 20012002. Short-period double white dwarfs can lose
orbital angular momentum by emitting gravitational raiiatand if the total mass of the
binary exceeds the Chandrasekhar limit, their eventuagjerenight produce a supernova
of type la (ben & Tutukov 1984.

The observed binary systems all have short orbital peribdg with one exception,
range from an hour and a half to a day or two (see TaHlg corresponding to orbital sep-
arations between 08¢ and 7R;. The white-dwarf masses of 013, or more indicate
that their progenitors were (sub)giants with radii of a femng to a few hundred solar radii.
This makes a significant orbital shrinkage (spiral-in) dgrihe last mass-transfer phase
necessary and fixes the mechanism for the last mass transtentmon-envelope evolu-
tion. In such an event the envelope of the secondary endudfsltiest white dwarf due to
dynamically-unstable mass transfer. Friction then catlseswo white dwarfs to spiral in
towards each other while the envelope is expelled. Thealrbitergy that is freed due to
the spiral-in provides for the necessary energy for the kst (\Webbink 1984.

The first mass transfer phase is usually thought to be eith@thar spiral-in or stable
and conservative mass transfer. The first scenario pretiiatshe orbit shrinks appreciably
during the mass transfer whereas the second suggests aingdmiit. Combined with
a core mass—radius relation.g. Refsdal & Weigert 197Dthese scenarios suggest that
the mass ratigi, = M, /M, of the double white dwarfs is much smaller than unity in
the first scenario and larger than unity in the second scendre observed systems all
have mass ratios between 0.70 and 1.28 (Tald)e which ledNelemans et al(2000 to
conclude that a third mechanism is necessary to explainvbkiteon of these systems.
They suggested envelope ejection due to dynamical masbdsssl on angular-momentum
balance, in which little orbital shrinkage takes place. yrheed analytical approximations
to reconstruct the evolution of three double white dwarfd aoncluded that these three
systems can only be modelled if this angular-momentum pipgamn is included.

In this chapter we will use the same methodNelemans et al(2000, to see if a
stable-mass-transfer episode followed by a common engeldth spiral-in can explain the
observed double white dwarfs. We will improve on their cédtions in several respects.
First, we extend the set of observed binaries from 3 to 1Cesyst Second, we take into
account progenitor masses for the white dwarf that was fdriagt up tol0 M, and allow
them to evolve beyond core helium burning to the asymptagiotdoranchNelemans et al.
(2000 restricted themselves to progenitor massea df\/, or less and did not allow these
stars to evolve past the helium flash. This was justified bezthe maximum white-dwarf
mass that should be created by these progenitordwds\/, the maximum helium-core
mass of a low-mass star and less than the minimum mass for aHt® dwarf formed in a
spiral-in (see Fig5.1). The most massive white dwarf in our sampl@.8l M and cannot
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have been created by a low-mass star on the red-giant brainatd, we use more sophis-
ticated stellar models to reconstruct the evolution of theesved systems. This means that
the radius of our model stars does not depend on the heliumass only, but also on
total mass of the star (see Fig1). Furthermore, we can calculate the binding energy of the
hydrogen envelope of our models so that we do not need thdogresetructure parameter
Aenv @nd can calculate the common-envelope parametedirectly. Last, because we use
a full binary-evolution code, we can accurately model ttablket mass transfer rather than
estimate the upper limit for the orbital period after suchassitransfer phase. This places
a strong constraint on the possible stable-mass-transligicens. The evolution code also
takes into account the fact that the core mass of a donor atag@w appreciably during
stable mass transfer, a fact that alters the relation benile® white-dwarf mass and the
radius of the progenitor mentioned earlier for the casealflstmass transfer.

Our research follows the lines dfelemans et a{2000), calculating the evolution of the
systems in reverse order, from double white dwarf, via somerimediate system with one
white dwarf, to the initial ZAMS binary. In Sech.2we list the observed systems that we try
to model. The stellar evolution code that we use to calcudtiar models is described in
Sect5.3. In Sect5.4we present several grids of single-star models from whichwillause
the helium-core mass, stellar radius and envelope bindiegyy to calculate the evolution
during a spiral-in. We show a grid of ‘basic’ models with sdard parameters and describe
the effect of chemical enrichment due to accretion and timelwiass loss. We find that these
two effects may be neglected for our purpose. In Seétwe use the single-star models to
calculate spiral-in evolution for each observed binary aadh model star in our grid and
thus produce a set of progenitor binaries. Many of theseemystan be rejected based on
the values for the common-envelope parameter or orbitabgehe remainder is a series
of binaries consisting of a white dwarf and a giant star thatilt cause a common envelope
with spiral-in and produce one of the observed double whitarts. In Sect5.6we model
the first mass-transfer scenario that produces the systamslin Sect5.5to complete the
evolution. We consider three possible mechanisms: stattleanservative mass transfer,
a common envelope with spiral-in based on energy balancemavelope ejection based on
angular-momentum balance. We introduce two variationkeratter mechanism and show
that they can explain the observed binaries. In additionskaev that the envelope-ejection
scenario based on angular-momentum balance can also rexiasecond mass-transfer
episode. In Sech.6.4we include the observed age difference in the list of pararseaiur
models should explain and find that this places a strong m@insbn our selection criteria.
In Sect5.7 we compare this study to earlier work and discuss an altem&rmation
scenario for PG 1115+116. Our conclusions are summed updnsse

5.2 Observed double white dwarfs

At present, ten double-lined spectroscopic binaries @bingi of two white dwarfs have
been observed. The orbital periods of these systems arelateiimined. The fact that both
components are detected makes it possible to constraindise ratio of the system from
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the radial-velocity amplitudes. The masses of the compisreme usually determined by
fitting white-dwarf atmosphere models to the observed &ffedemperature and surface
gravity, using mass-radius relations for white dwarfs. Vakies thus obtained are clearly
better for the brightest white dwarf but less well-constedl than the values for the period
or mass ratio. It is also harder to estimate the errors onéhigetd mass. In the publications
of these observations, the brightest white dwarf is usuddigoted as ‘star1’ or ‘star A.
Age determinations suggest in most cases that the brigbtesponent of these systems
is the youngest white dwarf. These systems must have evtiivedgh two mass-transfer
episodes and the brightest white dwarf is likely to have fednfrom the originally less
massive component of the initial binary (consisting of twANMS stars). We will call this
star the secondary or ‘star 2’ throughout this chapter, eagithe primary or ‘star 1’ is the
component that was the initially more massive star in thatyinThe two components will
carry these labels throughout their evolution, and theesfehite dwarf 1 will be the oldest
and usually the faintest and coldest of the two observed compts. The properties of the
ten double-lined white-dwarf systems are listed in Table For our calculations we will
use the parameters that are best determined from the T&hlg: ¢o and Ms. For M; we
will notuse the value listed in Tabtel, but the value\ls /¢, instead. We hereby ignore the
observational uncertainties in, because they are small with respect to the uncertainties in
the mass. In Sects.5and5.6we will use a typical value 0§.05 M, (Maxted et al. 2002p
for the uncertainties in the estimate of the secondary mass.

Although the cooling-age determinations are strongly deleat on the cooling model
used, the thickness of the hydrogen layer on the surfacetenadcurrence of shell flashes,
the cooling-agéifferencds thought to suffer less from systematic errors. The valoeAr
in Table5.1have an estimated uncertainty of 50BMg(xted et al. 2002b The age determina-
tions of the components of WD 1704+481a suggest that staybmthe oldest white dwarf,
although the age difference is small in both absolute (20Myd relative & 3%) sense
(Maxted et al. 2002h Because of this uncertainty we will introduce an elevesytstem
with a reversed mass ratio. This new system will be referoeastWD 1704+481b or 1704b
and since we assume that the value iy is better determined, we will use the following
values for this systemd/; = 0.39 M), g2 = 1.43 £ 0.06 and M, = go M7 = 0.56 M.

5.3 The stellar evolution code

We calculate our models using the STARS binary stellar diaiwcode, originally devel-
oped byEggleton(1971, 1972 and with updated input physics as describe®als et al.
(19995. Opacity tables are taken from OPAlglesias et al. 1992 complemented with
low-temperature opacities froddexander & FergusoK1994).

The equations for stellar structure and composition areesblimplicitly and simulta-
neously, along with an adaptive mesh-spacing equationaisecof this, the code is quite
stable numerically and relatively large timesteps can lkerta As a result of the large
timesteps and because hydrostatic equilibrium is assutinedpde does not easily pick up
short-time-scale instabilities such as thermal pulsesca¥iethus quickly evolve our models



Name Porp (d) aory (Re) My (Mg) My (Mg) g2 =My/My 75 (Myr) At (Myr) Ref/Note
WD 0135-052  1.556 5.63 0.520.05 0.474+0.05 0.90£0.04 950 350 1,2

WD 0136+768  1.407 4.98 0.37 0.47 1.260.03 150 450 3,10
WD 0957-666  0.061 0.58 0.32 0.37 143.02 25 325 3,5,6,10
WD 1101+364  0.145 0.99 0.33 0.29 0.8M0.03 135 215 4,(10)
PG 1115+116 30.09 40.0 0.7 0.7 084.21 60 160 8,9

WD 1204+450 1.603 5.72 0.52 0.46 0.£0.03 40 80 6,10
WD 1349+144  2.209 6.65 0.44 0.44 1260.05 — — 12

HE 1414-0848 0.518 2.93 0.550.03 0.71+0.03 1.28+0.03 1000 200 11

WD 1704+481la 0.145 1.13 0.560.07 0.39£0.05 0.70+0.03 725 -20 7,a

HE 2209-1444  0.277 1.89 0.580.08 0.58+0.03 1.00+£0.12 900 500 13

Table 5.1: Observed double white dwarfs discussed in trapieh. The table shows for each system the orbital pefiggl, the
orbital separation,,, the massed/; and M, the mass ratigs = M, /M, the estimated cooling age of the youngest white
dwarf, and the difference between the cooling ages of the compsrent/; is the mass of the oldest white dwarf and thus
presumably the original primary. The errors on the periagssmaller than the last digit. The values fQf;, are calculated by
the authors and meant to give an indication. ReferencesSSdft¢r et al (1988, (2) Bergeron et al(1989, (3) Bragaglia et al.
(1990, (4) Marsh (1999, (5) Moran et al.(1997), (6) Moran et al.(1999, (7) Maxted et al.(2000, (8) Bergeron & Liebert
(2002, (9) Maxted et al(20023, (10) Maxted et al(20028, (11) Napiwotzki et al.(2002, (12)Karl et al.(20033, (13) Karl

et al.(2003h. Note: (a) WD 1704+481a is the close pair of a hierarchiggpld. 1t seems unclear which of the two stars in this
pair is the youngest (see the text).
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up the asymptotic giant branch (AGB), without having to oédte a number of pulses in
detail. We thus assume that such a model is a good reprasertbtin AGB star.

Convective mixing is modelled by a diffusion equation fockaf the composition
variables, and we assume a mixing-length to scale-heigiat k44, = 2.0. Convective
overshooting is taken into account asSohroder et al(1997), with a parametes,, = 0.12
which corresponds to overshooting lengths of about 0.3spresscale heightd{,) and is
calibrated against accurate stellar data from non-intergbinaries Schroder et al. 1997
Pols et al. 199) The code circumvents the helium flash in the degenerate afoa low-
mass star by replacing the model at which the flash occurs bgdehwith the same total
mass and core mass but a non-degenerate helium core in wdliaimhwas just ignited. The
masses of the helium and carbon-oxygen cores are define@ asabs coordinates where
the abundances of hydrogen and helium respectively becessetthan 10%. The binding
energy of the hydrogen envelope of a model is calculated tggrating the sum of the
internal and gravitational energy over the mass coordjrieden the helium-core mash/..
to the surface of the stdi/,:

Upe = /A M (Uim(m) - 5—2)) dm (5.1)

The termU;,; is the internal energy per unit of mass, that contains tetrok as the thermal
energy and recombination energy of hydrogen and helium.

We use a version of the code (deggleton & Kiseleva-Eggleton 20D#hat allows for
non-conservative binary evolution. We use the code to tatiethe evolution of both single
stars and binaries in which both components are calculatédlidetail. With the adaptive
mesh, mass loss by stellar winds or by Roche-lobe overflond(RLin a binary is simply
accounted for in the boundary condition for the mass. Theafthe stars is neglected in the
calculations and the spin-orbit interaction by tides isteled off. The initial composition
of our model stars is similar to solar compositio¥i:= 0.70, Y = 0.28 andZ = 0.02.

5.4 Giant branch models

As we have seen in Se&.1, each of the double white dwarfs that are observed today must
have formed in a common-envelope event that caused a apiéthe two degenerate stars
and expelled the envelope of the secondary. The intermeediatiry system that existed
before this event, but after the first mass-transfer episoaiesisted of the first white dwarf
(formed from the original primary) and a giant-branch sthe(secondary). This giant is
thus the star that caused the common envelope and in ordeteonine the properties of
the spiral-in that formed each of the observed systems, \ed aeseries of giant-branch
models. In this section we present a grid of models for sistges that evolve from the
ZAMS to high up the asymptotic giant branch (AGB). For eaafetistep we saved the total
mass of the star, the radius, the helium-core mass and thiéngienergy of the hydrogen
envelope of the star.
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In an attempt to cover all possibilities, we need to take Etoount the effects that
can change the quantities mentioned above. We consideh#reical enrichment of the
secondary by accretion in a first mass-transfer phase areffda a stellar-wind mass loss
may have. For each of these changes, we compare the resaligriw of ‘basic’ models
with default parameters. We keep the overshooting paranagteconstant for all these
grids, because this effect is unimportant for low-masssstéf < 2.0 M) and its value is
well calibrated for intermediate-mass stars (see Se8it.

5.4.1 Basic models

In order to find the influence of the effects mentioned abowewant to compare the models
including these effects to a standard. We therefore catedila grid of stellar models, from
the zero-age main sequence to high up the asymptotic gianchr(AGB), with default
values for all parameters. These models have solar conosihd no wind mass loss.
We calculated a grid of99 single-star models with these parameters with masses batwe
0.80 and 10.0//, with the logarithm of their masses evenly distributed. Miostars with
masses lower than about 2.0k, experience a degenerate core helium flash and are at that
point replaced by a post-helium-flash model as describe@dt.3. Because of the large
timesteps the code can take, the models evolve beyond tiné goithe AGB where the
carbon-oxygen core (CO-core) mass has caught up with thenhelore mass and the first
thermal pulse should occur.

Figure5.1shows the radii of a selection of our grid models as a funaticheir helium-
core masses. We used different line styles to mark diffggeates in the evolution of these
stars, depending on their ability to fill their Roche lobescause a spiral-in and the type
of star a common envelope would result in. The solid linesstiee evolution up the first
giant branch (FGB), where especially the low-mass staramxpnuch and could cause a
common envelope with spiral-in, in which a helium white dfvaould be formed. Fig5s.1a
shows that low-mass stars briefly contract for core massmsdr0.3V/,. This is due to
the first dredge-up, where the convective envelope deepems @ just above the hydrogen
burning shell and increases the hydrogen abundance thaeecdntraction happens when
the hydrogen-burning shell catches up with this compasitiscontinuity. After ignition
of helium in the core, all stars shrink and during core helioumning and the first phase
of helium fusion in a shell, their radii are smaller than & tip of the FGB. This means
that these stars could never start filling their Roche lobebis stage. These parts of the
evolution are plotted with dotted lines. Once a CO core ialdighed, the stars evolve up
the AGB and eventually get a radius that is larger than thaher-GB. The stars are now
capable of filling their Roche lobes again and cause a commegl@e with spiral-in. In
such a case we assume that the whole helium core survivegithkia and that the helium
burning shell will convert most of the helium to carbon and/gan, eventually resulting
in a CO white dwarf, probably with an atmosphere that coagi$ta mixture of hydrogen
and helium. This part of the evolution is marked with dastiedd. Fig5.1b shows that
the most massive models in our grid have a decreasing helammmass at some point
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Figure 5.1: Core-mass-radius relations for the ‘basic’ eiechs described in the text. The
lines show the logarithm of the radius of the stars as a fonabf the helium-core mass.
Upper panela): grid models with low masses: 0.91, 1.01, 1.14, 1.30, 114&3, 1.81 and
2.00Mg. Lower panel(b): grid models with high masses: 2.00, 2.46, 2.79, 3.17,,3.60
4.09, 4.65, 5.28 and 6.00,. The 2M model is plotted in both panels throughout as a
solid line for easier comparison. The other models are shemsolid lines on the first giant
branch (FGB), where they could cause a common envelope wsthiral-in and create a
helium white dwarf. The dashed lines show the asymptotiotgiaanch (AGB), where a
spiral-in would lead to the formation of a carbon-oxygentehiwarf. Dotted lines are parts
of the evolution where the stars either are smaller thaneatithof the FGB (at lower radii)

or where their envelope binding energies become positivi@AGB (at large radii).
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on the AGB. This happens at the so-called second dredgehaygvthe convective mantle
extends inward, into the helium core and mixes some of thieiefrom the core into the
mantle, thereby reducing the mass of the core. Models withsembetween about 1.2
and 5.6/ expand to such large radii that the binding energy of thettrbgen envelopes
become positive. In Sed@.5we are looking for models that can cause a spiral-in based on
energy balance in the second mass-transfer phase, for whigitose we require stars that
have hydrogen envelopes with a negative binding energy. skipe binding energy means
that there is no orbital energy needed for the expulsion efahvelope and thus the orbit
will not shrink during a common envelope caused by such aWarhave hereby implicitly
assumed that the recombination energy is available duongon-envelope ejection.

To give some idea what kind of binaries can cause a spiratdcauld be the progen-
itors of the observed double white dwarfs, we converted #ud of the stars displayed in
Fig.5.1into orbital periods of the pre-common-envelope systenesdd this, we assumed
that the Roche-lobe radius is equal to the radius of the n&tdeland that the mass of the
companion is equal to the mass of the helium core of the moteis is justified by Ta-
ble5.1, where the geometric mean of the mass ratios is equal to TR8result is shown
in Fig.5.2

In Sect5.5we will need the efficiency parameter. of each common-envelope model
to judge whether that model is acceptable or not. In ordematoutate this parameter we
must know the binding energy of the hydrogen envelope of tbggnitor star (see E§.4),
that is provided by the evolution code as shown inEd}. The envelope binding energy is
therefore an important parameter and we show it for a selecti models in Fig5.3, again
as a function of the helium-core mass. Because the bindieggiis usually negative, we
plot the logarithm of-U}, .. The phases where the envelope binding energy is non-megati
are irrelevant for our calculations af.. and therefore not shown in the Figure.

Many common-envelope calculations in the literature use db-called envelope-
structure parametek.,,, to estimate the envelope binding energy from basic stelfar p
rameters in case a detailed model is not available

GM* Menv

Ube = —
> Aenv R

(5.2)

De Kool et al.(1987) suggest thah.,, ~ 0.5. Since we calculate the binding energy of
the stellar envelope accurately, we can invert®E=gand calculate\.,,, (see alsdewi &
Tauris 2000. Figure5.4 shows the results of these calculations as a function ofeéliarh
core mass, for the same selection of models as ing=yWe see that a value of,,,, = 0.5

is a good approximation for the lower FGB of a low-mass stathe FGB of a higher-mass
star. A low-mass star near the tip of the first giant branchehstsucture parameter between
0.5 and 1.5 and for most staks,,, increases to more than unity rather quickly, especially
when the stars expand to large radii and the binding enecgie® close to zero.
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Figure 5.2: Helium-core-mass—orbital period tracks fa thasic’ models. The lines show
the logarithm of the orbital period at which the Roche lobéilied for grid models with
masses of 1.01, 1.27, 1.59, 2.00, 2.52, 3.17, 3.99, 5.02 @®l\6,. The period was
obtained from the radius of the model star, under the assamfitat it fills its Roche lobe
and the companion has a mass equal to the helium-core mass widdel. This way, the
system would undergo a spiral-in that would lead to a binaith wass ratioy = 1. The
line styles have the same meaning as in 5idj.

5.4.2 Chemical enrichment by accretion

The secondary that causes the common envelope may have gaass by accretion during
the first mass-transfer phase. If this mass transfer wasestti® secondary has probably
accreted much of the envelope of the primary star. The dé&pess of the envelope of the
donor are usually enriched with nuclear burning producteught up from the core by a
dredge-up process. This way, the secondary may have beiehahwith especially helium
which, in sufficiently large quantities, can have an apiela effect on the opacity in the
envelope of the star and thus its radius. This would changedhe-mass—radius relation of
the star and the common envelope it causes.

To see whether this effect is significant, we considered alrauraf binary models that
evolved through stable mass transfer to produce a white fdarak a main-sequence sec-
ondary. The latter had a mass between 2 &fd, in the cases considered, of which 50—
60% was accreted. We then took this secondary out of theyoarad let it evolve up the
asymptotic giant branch, to the point where the code picka sipell instability and termi-
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Figure 5.3: The logarithm of the binding energy of the ‘basiodel stars as a function
of the helium-core mass. The grid models with masses of 911, 1.14, 1.30, 1.48,
1.63,1.81, 2.00, 2.46, 2.79, 3.17, 3.70, 4.09, 4.65, 5.28) &nd 6.82/, are shown. The
2.00Ms model is drawn as a solid line, the line styles for the othedet® have the same
meaning as in Figh.1 The parts where the envelope binding energy is zero (bafbetium
core develops) or positive are not shown.

nates. We then compared this final model to a model of a sitafievith the same mass, but
with solar composition, that was evolved to the same stagall €ases the core mass-radius
relations coincide with those in Fi§.1. When we compared the surface helium abundances
of these models, after one or two dredge-ups, we found thaagh the abundances were
enhanced appreciably since the ZAMS, they were enhancédapjiroximately the same
amount and the relative difference of the helium abundaht®easurface between the dif-
ferent models was always less than 1.5%. In some cases the thatlhad accreted from a
companion had the lower surface helium abundance.

The small amount of helium enrichment due to accretion gigeso such small changes
in the core mass—radius relation, that we conclude thateffiét can be ignored in our
common-envelope calculations in Sécb.
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Figure 5.4: The envelope-structure parametgyr, for the ‘basic’ models, as a function of
the helium-core mass. The same grid models are shown as.if.Big he meaning of the
line styles is explained in the caption of Figl

5.4.3 Wind mass loss

The mass loss of a star by stellar wind can change the masstaf appreciably before
the onset of Roche-lobe overflow, and the mass loss can ic#uthre relation between
the core mass and the radius of a star. From 3ihit is already clear that this relation
depends on the total mass of the star. In this section, wedmbekrefore like to find out
whether a conservative model star of a certain total massarmmass has the same radius
and envelope binding energy as a model with the same toted avascore mass, but that
started out as a more massive star, has a strong stellar wuhguat passes by this mass
on its evolution down to even lower masses. We calculatedal gmd of models with ten
different initial masses between 1\, and 8.0 M,, evenly spread ifog M and included

a Reimers type mass log3€imers 197pof variable strength:

. L R M\t
My = —4x107 3 Megyr ' Cot [ — ) [ == ) | — 5.3
: . ot : (LG) (RG) (MG) ’ (:3)
where we have used the valu@s,; = 0.2, 0.5 and 1.0. The basic models of SBet.1lare
conservative and therefore hat/g,,; = 0. The effect of these winds on the total mass of the

model stars in our grid is displayed in Fig5. It shows the fraction of mass lost at the tip
of the first giant branch (FGB) and the ‘tip of the asymptotang branch’ (AGB). The first
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Figure 5.5: The fraction of mass lost at two moments in théugian of a star as a function
of its initial mass, for the three different wind strengtli$,{, = 0.2, 0.5 and 1.0) used in the

grid. This fraction is shown for the tip of the FGB (dashedbrand crosses), and the ‘tip
of the AGB’ (dotted lines and plusses). See the text for tetai

moment is defined as the point where the star reaches itstaegbus before helium ignites

in the core, the second as the point where the radius of theestehes its maximum value
while the envelope binding energy is still negative. Valt@doth moments are plotted in
Fig.5.5for each non-zero value @, in the grid. For the two models with the lowest
masses the highest mass-loss rates are so high that thentgslis reduced sufficiently on
the FGB to keep the star from igniting helium in the core, drallines in the plot coincide.
Stars more massive than\Z;, have negligible mass loss on the FGB, because they have
non-degenerate helium cores so that they do not ascend tBeaB@ar as stars of lower
mass. Their radii and luminosities stay relatively small tlsat Eq5.3 gives a low mass
loss rate. For stars of ¥, or more, the mass loss is diminutive and happens only shortly

before the envelope binding energy becomes positive. Weaacdude that for these stars
the wind mass loss has little effect on the core mass—radiasan.

The core mass—radius relations for a selection of the mddeats our wind grid are
shown in Fig5.6. The Figure compares models without stellar wind with medleht have
the strongest stellar wind in our grid’(,,; = 1.0). Models with the other wind strengths
would lie between those shown, but are not plotted for glarithe greatest difference in
Fig.5.6is in the 1.0M 5 model. The heavy mass loss reduces the total mass of thestar t
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Figure 5.6: Comparison of a selection from the small grid afdels with a stellar wind.
The models displayed have masses of 1.0, 1.6, 2.5, 3.2, A@&nsl 6.3V/;. The wind
strength parameters a€&,,; = 0.0 (dotted lines) and',,,;; = 1.0 (solid lines, the strongest
mass loss in the grid). Stars with mass loss are usuallyridsgefor models of 4.0/, or
more this effect becomes negligible. The 1@ model loses so much mass that it never
ignites helium in the core.

0.49M,, on the first giant branch, so that the star is not massive éntignite helium in
the core. Fig5.6 shows that models with mass loss are larger than consesvatidels for
the same core mass, as one would expect from&-ig This becomes clear on the FGB for
stars that have degenerate helium cores, because theyangeeddii and luminosities and
lose large amounts of mass there. For stars more massivabwan2 M the mass loss
becomes noticeable on the AGB. Starstdf/, or more show little difference in Fig.6.
The envelope binding energies have similar differencesérsame mass regions.

The question is whether the properties of the model with cedumass due to the wind
are the same as those for a conservative model of that massldnto answer this question,
we have compared the models from the ‘wind grid’ to the basiniservative models. As
the wind reduces the total mass of a model star, it usuallghes masses that are equal
to that of several models in the conservative grid. As thiggees, we interpolate linearly
within the mass-losing model to find the exact moment whereniass equals the mass of
the conservative model. We then use the helium-core maseadfiterpolated mass-losing
model to find the moment where the conservative model hasaime £ore mass and we
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calculate its radius and envelope binding energy, agairin®at interpolation. This way
we can compare the two models at the moment in evolution whesehave the same total
mass and the same core mass. This comparison is done iB.Figzigure5.7a directly

compares the radii of the two sets of models, in Bigb the ratio of the two radii is shown.

Of the data points in Fich.7b 83% lie between 0.9 and 1.1 and 61% between 0.95 and
1.05. For the wind models with,,;;, = 0.2 these numbers are 99% and 97%, and for
the models withC..,;,; = 0.5 they are 94% and 85% respectively. As can be expected, the
models that have a lower — and perhaps a more realistic — foassate compare better
to the conservative models. We see in Biga that many of the points that lie farther from
unity need only a small shift in core mass to give a perfectmarthis shift is certainly less
than0.05 M, which is what we will adopt for the uncertainty of the whiderarf masses in
Sect5.5. We conclude here that there is sufficient agreement beta@eodel that reaches
a certain total mass because it suffers from mass loss anosar@tive model of the same
mass. The agreement is particularly good for stars high uthefrGB or AGB, where the
density contrast between core and envelope is very large.

5.5 Second mass-transfer phase

For the formation of two white dwarfs in a close binary systémno phases of mass transfer
must happen. We will call the binary system before the firstsrteansfer thaitial binary,
with masses and orbital peridd;, M»; and P,. If one considers mass loss due to stellar
wind before the first mass-transfer episode, these parasratenot necessarily equal to the
ZAMS parameters, especially for large ‘initial’ periodsh@ binary between the two mass-
transfer phases is referred to as theermediate binarywith My, Ms, and Py,. After
the two mass-transfer episodes, we obtainfihel binary with parameters\/y¢, Mo and
P, that should correspond to the values that are now obsengttisied in Tabl&.1 The
subscripts ‘1’ and ‘2’ are used for the initial primary anadeadary as defined in Seét2.

In the first mass transfer, the primary star fills its Rocheeland loses mass, that may
or may not be accreted by the secondary. This leads to theatamof the intermediate
binary, that consists of the first white dwarf and a secondéupnknown mass. In the second
mass-transfer phase, the secondary fills its Roche lobecsed its envelope. The second
mass transfer results in the observed double white dwasirtaa that are listed in Tabfel
and must account for significant orbital shrinkage. Thissisduse the youngest white dwarf
must have been the core of its progenitor, the secondaneiintermediate binary. Stars
with cores between 0.3 and Q7 usually have radii of several tens to several hundreds
of solar radii, and the orbital separation of the binariesytreside in must be even larger
than that. The orbital separation of the observed systetypisally only in the order of a
few solar radii (Tabl&.1). Giant stars with large radii have deep convective envesdand
when such a star fills its Roche lobe, the ensuing mass trangféde unstable and occur
on a very short, dynamical timescale, especially if the dagmmuch more massive than its
companion. It is thought that the envelope of such a star ngualgits companion and this
event is referred to as@mmon envelopélhe companion and the core of the donor orbit
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Figure 5.7: Comparison of a selection of grid models with,; = 1.0 with initial masses of
1.3,1.6,2.0, 2.5 and 3 ¥, to the basic modelg{,,; =0.0). Upper pane(a): Comparison
of the radius of the models with a stellar wind (solid linesfiahe radius of a basic model
with the same mass and core mass (plus¢esyer panelb): The fraction of the radius of
the wind modelR,, over the radius of the basic mod®}, with the same total and core mass.
Each data point corresponds to a point in the upper panelh®dflata points in the upper
panel, 7 out of 143 (5%) lie outside the plot boundaries inder panel. The dashed lines
show the region where agreement is better than 10%, whereo883é data points lie. The
1.0M model was left out because there are only a few basic mod#idavier mass, the
higher-mass models were left out because they lose vdeyiitass (see Fi.5).
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inside the common envelope and drag forces will releaseggrieym the orbit, causing the
orbit to shrink and the two degenerate stars to spiral in. fiéed orbital energy will heat
the envelope and eventually expel it. This way, the hypaghelsthe common envelope
with spiral-in can phenomenologically explain the formatiof close double-white-dwarf
binaries.

5.5.1 The treatment of a spiral-in

In order to estimate the orbital separation of the post-comenvelope system quantita-
tively, it is often assumed that the orbital energy of thetaysis decreased by an amount
that is equal to the binding energy of the envelope of the detaw (Vebbink 1984:

GleMQf GMlmMQm
2a¢ 2am

Ub,e = —Qce (5.4)

The parametet.. is thecommon-envelope paramethat expresses the efficiency by which
the orbital energy is deposited in the envelope. Intuifiviie would expect that.. ~ 1.
However, part of the liberated orbital energy might be remtlaaway from the envelope
during the process, without contributing to its expulsithereby loweringy... Conversely,

if the common-envelope phase would last long enough thatitmer star can produce a
significant amount of energy by nuclear fusion, or if energyaleased by accretion on to
the white dwarf, this energy will support the expulsion andg increaser..

In the forward calculation of a spiral-in the final orbitalpsgationas depends strongly
on the parametetr.., which must therefore be known. In this section we will tregiablish
the binary systems that were the possible progenitors obliserved double white dwarfs
and we will therefore perforrhackwardcalculations. The advantage of this is that we start
as close as possible to the observations thus introducititflasuncertainty as possible.
The problem with this strategy is that we do not know the mé#lseosecondary progenitor
beforehand. We will have to consider this mass as a free pagamand assume a range
of possible values for it. The grid of single-star models et$5.4 provides us with the
total mass, core mass, radius and envelope binding eneryeat moment of evolution,
for a range of total masses between 0.8 and/LQ It is then not necessary to know the
common-envelope parameter, and we can even calculate thkat is needed to shrink the
orbit of a model with a given mass to the observed period ofiihble white dwarf from
the binding energy. We make two assumptions about the éwolof the two stars during
the common envelope to perform these backward calculations

1. the core mass of the donor does not change,
2. the mass of the companion does not change.

The first assumption will be valid if the timescale on whicle tommon envelope takes
place is much shorter than the nuclear-evolution timesohthe giant donor. This is cer-
tainly true, since the mass transfer occurs on the dynartimalscale of the donor. The
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second assumption is supported firstly by the fact that timepeamion is a white dwarf, a
degenerate object that has a low Eddington accretion limdtia furthermore difficult to
hit directly by a mass stream from the donor. The white dwatfld accrete matter in the
Bondi-Hoyle fashionBondi & Hoyle 1944. This would not change the mass of the white
dwarf significantly but could release appreciable amouhtnergy. Secondly, a common
envelope is established very shortly after the beginnirtg®mass transfer, so that the mass
stream disappears and the white dwarf is orbiting insiddakeexpanding envelope rather
than accreting mass from the donor. In the terminology used,ithe second assumption
can be written a8/, = Mi;.

From the two assumptions above it follows that the mass of&o®nd white dwarf,
the one that is formed in the spiral-in, is equal to the helitore mass of the donor at the
moment it fills its Roche lobe. There is therefore a unique moiin the evolution of a
given model star at which it could cause a common envelope sytral-in and produce
a white dwarf of the proper mass. Recall from Fdlb that although the second dredge-
up reduces notably the helium-core mass of the more massidelsin the grid, there is
no overlap in core mass in the phases where the star coultsfitache lobe on the first
giant branch (solid lines) or asymptotic giant branch (éadines). The moment where the
model star could produce a white dwarf of the desired massdonamon envelope with
spiral-in is therefore defined by two conditions:

1. the helium-core mass of the model reaches the mass of tite dvimarf,
2. the model star has its largest radius so far in its evatutio

The second restriction is necessary because stars cak appreciably during their evolu-
tion, as noted in Secd.4.1 If the core of a model star obtains the desired mass at a point
in the evolution where the star is smaller than it has beeoraesoint in the past, then the
star cannot fill its Roche lobe at the right moment to produeghde dwarf of the proper
mass and therefore this star cannot be the progenitor of thie wwarf. This way, each
model star has at most one moment in its evolution where itdcfillits Roche lobe and
produce the observed double white dwarf. If such a momenrd dotexist, the model star
is rejected as a possible progenitor of the second whitefdwar

If the model star could be the progenitor of the youngest evbitarf in the observed
system, the computer model gives us the radius of the doanrteat must be equal to the
Roche-lobe radius. Under the assumption that the mass dirshevhite dwarf does not
change in the common envelope, the mass ratio of the two glarss Moy, /M1, and
the Roche-lobe radius of the secondary star.,, give us the orbital separation before the
spiral-ina,,, where we use the fit bigggleton(1983

2/3
2m

0.49¢q

0.663 +n (1+ 0307

RRIQm = Qm 0< Gom < OQ. (55)

Kepler's law finally provides us with the orbital peridel, of the intermediate system. The
stellar model also gives the binding energy of the enveldpleeodonorl;, . at the onset of
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the common envelope and we can use®E4jto determine the common-envelope parameter
ace. We will usea, to judge the validity of the model star to be the progenitahefsecond
white dwarf. There are several reasons why a numericalisolaain be rejected. Firstly, the
proposed donor could be a massive star with a relativelylsadils. Thenu,, will be small

and it might happen that, < a¢ % so thatv., < 0. This means that energy is needed
to change the orbit from,, to a¢, or even that,,, < af and a spiral-in (if it can be called
that) to the desired orbit will not lead to expulsion of tharsunon envelope. Secondly,
as mentioned abovey.. is expected to be close, though not necessarily equal, tg.uni
However if the parameter is either much smaller or much latgen 1, we will consider the
spiral-in to be ‘physically unbelievable’. We arbitrarithose the boundaries between which
ace Must lie for a believable spiral-in to be a factor of ten eitvay: 0.1 < a. < 10. We
think that the actual value fat.. should be more constrained than that because common-
envelope evolution is thought to last only a short time so tiere is little time to generate
or radiate large amounts of energy, but keep the range as o is to be certain that all
possible progenitor systems are considered in our sample.

5.5.2 Results of the spiral-in calculations

We will now apply the stellar models of Sebt4.1as described in the previous section to
calculate potential progenitors to the observed doubldendhivarfs as listed in Tabk 1

As input parameters we took the valuBs = P,., and My = M, from the table, and
assumed thatlis = M, /g2, whereq, is the observed mass ratio listed in Tablé We
thus ignore for the moment any uncertainty in the observesse® Figurg.8 shows the
orbital periodP,, as a function of the secondary mads,,. Each symbolis a solution to the
spiral-in calculations and represents an intermediatariaystem that consists of the first
white dwarf of mass\/,,, = M;¢, a companion of mastl»,,, and an orbital perio®,,. The
secondary of this system will fill its Roche lobe at the momehén its helium-core mass
is equal to the mass of the observed white dwék, and can thus produce the observed
double-white-dwarf system with a common-envelope parantéat lies between 0.1 and
10.

The solutions for each system in Fig8 seem to lie on curves that roughly run from
long orbital periods for low-mass donors to short periodgiigher-mass secondaries. This
is to be expected, partially because higher-mass starsdmaéer radii at a certain core
mass than stars of lower mass (see bifd)) and thus fill their Roche lobes at shorter orbital
periods, but mainly because the orbital period of a Roche-fdling star falls off approxi-
mately with the square root of its mass. The Figure also styags between the solutions,
for instance for WD 0957-666 and WD 1704+481a, between mitgremasses\ls,, of
about 2 an®.5 M. These gaps arise because the low-mass donors on the &efifdide
gap ignite helium degenerately when the core ma8stis M, after which the star shrinks,
whereas for stars with masses clos@ tl, helium ignition is non-degenerate and occurs
at lower core masses, reaching a minimum for stars with a wia@s85 M, where helium
ignition occurs when the helium-core mass amount$.38 M, (see Fig5.1). Thus, for
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Figure 5.8: Results of the spiral-in calculations, eachviddal symbol is a solution of
the calculations and thus represents one pre-CE binaryfighee shows the logarithm of
the orbital period of the intermediate binaRy, as a function of the secondary mass,,,.
Different symbols represent different observed systemgxalained in the legend. System
1704a is the system listed in TalBld, 1704b is the same system, but with the reverse
mass ratio. For solutions with/s,, < 2.5 Mg, only every third solution is plotted for
clarity. AroundMs,,, = 1.2 andlog P, = 2.8 the symbols of WD 0135-052, WD 0136+768
and WD 1204+450 overlap due to the fact that they have simitate-dwarf masses. For
comparison we show the lines of the solutions for (top todraj)twD 0136+768, WD 0957—
666 and WD 1101+364 taken froNelemans et al2000, as described in the text.

white dwarfs with masses between 0.33 @l M, there is a range of masses between
about 1.5 an@ M., for which the progenitor has just ignited helium in the card thus
shrunk, when it reaches the desired helium-core mass.

The dip and gap in Fich.8 for WD 1101+364 (withMy¢ =~ 0.29M ) aroundMs,, =
1.8 M, can be attributed to the first dredge-up that occurs for loassistars/ < 2.2 M)
early on the first giant branch. Stars with these low mass@sks$lightly due to this dredge-
up that occurs at core masses between about 0.2.88dV/, the higher core masses for
the more massive stars (see FEdla). Stars at the low-mas84,,,) side of the gap obtain
the desired core mass just after the dredge-up, are rdiasisreall and fill their Roche lobes
at short periods. Stars with masses that lie in the gap rédeticbre mass while shrinking
and cannot fill their Roche lobes for that reason. Stars ahipe-mass end of the gap fill
their Roche lobes just before the dredge-up so that thisdrapwhen they are relatively
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large and therefore this happens at longer orbital periods.

For comparison we display as solid lines in g the results for the white-dwarf sys-
tems WD 0136+768, WD 0957-666 and WD 1101+364 (from top ttoba), as found by
Nelemans et al(2000 and shown in their Fig. 1. The differences between their aund
results stem in part from the fact that the values for the nlgsbmasses have been updated
by observations since their paper was published. To congpeifar this we include dashed
lines for the two systems for which this is the case. The dd$ihes were calculated with
their method but the values for the observed masses asilisteis chapter. By comparing
the lines to the symbols for the same systems, we see thali¢haythe same region of the
plot and in the first order approach they give about the saswdtee However, the slopes in
the two sets of results are clearly different. This can bidbaited to the fact thallelemans
et al.(2000 used a power law to describe the radius of a star as a funotit® core mass
only. The change in orbital period with mass in their caltiolas is the result of changing
the total mass in Kepler's law. Furthermore, they assumatidh stars with masses be-
tween 0.8 an@.3 M, have a solution, whereas we find limits and gaps, partialg/tdithe
fact that we take into account the fact that stars shrink amtighly because in Fich.8 only
solutions with a restricted... are allowed. On the other hand, we allow stars more massive
than2.3 M, as possible progenitors.

In Fig.5.9, we display the common-envelope parametgr for a selection of the so-
lutions with0.1 < a. < 10 as a function of the unknown intermediate secondary mass
Mos,,. Each of the plot symbols has a corresponding symbol ing=8).To produce these
two figures, we have so far implicitly assumed that the masé#se two components are
exact, so that there is at most one acceptable solution fdr peogenitor mass. This is
of course unrealistic and it might keep us from finding an ptaigle solution. At this
stage we therefore introduce an uncertainty on the valuekffoin Table5.1and takeM ¢
= My — 0.05 Mg, Ms — 0.04 Mg, ..., Ms + 0.05 My. Meanwhile we assume that the
mass ratio and orbital period have negligible observatienar, because these errors are
much smaller than those on the masses, and obtain the make finst white dwarf from
Mys = Ma¢/qo. Thus we have 11 pairs of values fbf;s and My for each observed sys-
tem, which we use as input for our spiral-in calculationse Tésults are shown in Fig.10

If we compare Figh.8and Fig5.10 we see that the wider range in input masses results
in a wider range of solutions, similar to those we found in.Bi§, but extended in orbital
period. This can be understood intuitively, since loweting white-dwarf mass demands a
lower helium-core mass in the progenitor and thus a lesssedgbrogenitor with a smaller
radius at the onset of Roche-lobe overflow. Conversely, drighhite-dwarf masses need
more evolved progenitors that fill their Roche lobes at laragbital periods. The introduc-
tion of this uncertainty clearly results in a larger and mralistic set of solutions for the
spiral-in calculations and therefore should be taken ictmant.

Each system in Fich.10is a possible progenitor of one of the ten observed doubléawhi
dwarfs listed in Tabl&.1 We now turn to the question whether and how these interrteedia
systems can be produced.
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Figure 5.9: The logarithm of the common-envelope parametgerfor the solutions of
the spiral-in calculations shown in Fi§.8. Different symbols represent different observed
systems. FolMy,, < 2.5 Mg every third solution is plotted only.

5.6 First mass-transfer phase

The solutions of the spiral-in calculations we found in thevious section are in our nomen-
clatureintermediate binariesthat consist of one white dwarf and a non-degenerate com-
panion. In this section we will look for an initial binary theonsists of two zero-age main-
sequence (ZAMS) stars of which the primary evolves, fillRitehe lobe, loses its hydrogen
envelope, possibly transfers it to the secondary, so thatodthe intermediate binaries of
Fig.5.10is produced. The nature of this first mass transfer is a ptdokinown. In the
following subsections we will consider (1) stable and covatve mass transfer that will
result in expansion of the orbit in most cases, (2) a commaeelepe with spiral-in based
on energy balance (see Eqg4) that usually gives rise to appreciable orbital shrinkage a
(3) envelope ejection due to dynamically unstable massbased on angular-momentum
balance, as introduced Waczyhski & Zibtkowski(1967) and already used bfelemans
et al.(2000 for the same purpose, which can take place without muchgsamthe orbital
period.
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Figure 5.10: Results of the spiral-in calculations. Thisifegyis similar to Fig5.8 and
shows the orbital period of the pre-CE system as a functioth@fsecondary mass. The
solutions for each system are plotted in a separate pandhbatied in the upper-right
corner. All solutions with acceptable.. are plotted. The number of solutions for each
system is shown in the lower-right corner. We assumed anrtaiogy in Mor of 0.05 M
and calculated/;s usinggs.

5.6.1 Conservative mass transfer

In this section we will find out which of the spiral-in solutis of Fig.5.10 may be pro-
duced by stable, conservative mass transfer. We use theyl@walution code described in
Sect5.3. For simplicity, we ignore stellar wind and the effect ofllstespin on the structure
of the star. Because we assume conservative evolutionpthlembass of the binary is con-
stant, so thalfy; + My, = My, + May, Where the last two quantities are known. Also,
we ignore angular momentum exchange between spin and grhiddd forces, so that the
orbital angular momentum is conserved. This implies that

Py [ My My ’
Pi MlmMQm .

(5.6)

Because of the large number of possible intermediate systegnwill first remove all
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such systems for which it can a priori be shown that they calp@produced by conservative
mass transfer. These systems have orbital periods thaithez o short or too long to be
formed this way. We can find a lower limit to the intermediatxipd as a function of
secondary mash/s,, using the fact that the total mass of the initial system mesedual
to the sum of the mass of the observed white dwdifandM,,,,. We distributed this mass
equally over two ZAMS stars and set the Roche-lobe radii Eguhe two ZAMS radii. By
substituting the initial and desired masses inEqwe find a lower limit to the period of
the intermediate binary, which we will calt,,;,,.

An upper limit to the intermediate periafl,, can also be obtained. In order to do this,
we note that the maximum orbital period after conservatiaessrtransfer for a given binary
mass is obtained for an optimum initial mass ragig.,. = 0.62 (Nelemans et al. 2000
We can therefore calculate the masaég .. andMa; p¢ Of the initial binary that evolves
to that maximum intermediate period by distributing theatatystem massM; + Mam)
according to the mass ratig; ;. The optimum initial period is the maximum period at
which stable mass transfer can still occur in a binary witlsse&\/;; op andMa; opt. This
is the orbital period at which the donor star fills its Rochbdqust before it reaches the
base of the giant branch (BGB). We use the conditionsibyley et al.(2000 who define
this point as the moment where the mass of the convectivdap®w®/-r exceeds a certain
fraction of the total mass of the hydrogen enveldgg for the first time:

Mcg =2 Mg, Miiop < 1.995 Mg,
Mceg = 3 Mg, ]\/Ili,opt > 1.995 M@,

for Z = 0.02. We then find from our grid of Seci.4the two single-star models with masses
that brackef\/; o+ and interpolate within these models to find the radii of tretaes where
the condition of Eqg5.7 is fulfilled for the first time. Subsequently, we interpolatgain
between these two bracketing models to find the radius ofttrensth the desired mass at
the base of the giant brancRf¢g). By assuming that this radius is equal to the Roche-lobe
radius and using E®.5, the initial masses and period that lead to the maximumrme€eliate
period are known and we can use Bdito find this upper limit to the intermediate period,
which we will call P,,.x, as a function of the secondary mass. All intermediate syste
that result from our spiral-in calculations and have longital periods tharP,,., cannot
result from conservative mass transfer.

The lower and upper limits for the orbital period betweenatha conservative solution
must lie for WD 0957-666 are shown in Figlltogether with the intermediate systems
found from the spiral-in calculations. Black dots représssiutions that lie between the
limits and could match the outcome of a conservative modely dots lie outside these
limits and cannot be created by conservative mass tran3fieere is a slight difference
between the dashed lines and the division between filled prd symbols in the Figure,
because the spiral-in solutions are shown with the uncdytai the masses described in the
previous section, whereas the period limits are only shawthe measured/, andqg. (see
Table5.1) for clarity.

After selecting the spiral-in solutions that lie betweeegd period limits for all eleven
systems, we find that such solutions exist for only six of theesved binaries, as shown in

(5.7)
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Figure 5.11: Results of the spiral-in calculations for WIB©#9666 with period limits for

a conservative first mass transfer. This figure contains déineesdata as the third panel in
Fig.5.10(symbols) plus the period limit&,,;, and Py,.x (dashed lines). The solutions that
lie between these limits are shown in black, the others ig.g8ee the main text for details.

Fig.5.12 We tried to model these intermediate systems with the pie&olution code
described in Sech.3 Because of the large number of allowed spiral-in solutifors
WD 0957-666 and WD 1101+364, we decided to model about hathefsolutions for
these two systems and all of the solutions for the other BBecause we assume that during
this part of the evolution mass and orbital angular momerduenconserved, the only free
parameter is the initial mass ratig; = M;;/Ma;. For each of the spiral-in solutions we
selected, we chose five different valuesdgr, evenly spread in the logarithm: 1.1, 1.3, 1.7,
2.0 and 2.5. The total number of conservative models thatalautated is 570, of which
270 resulted in a double white dwarf. The majority of the mtier experienced dynamical
mass transfer or evolved into a contact system. A few modelewiscarded because of
numerical problems. The results of the calculations fordbeservative first mass transfer
are compared to the solutions of the spiral-in calculatiorfgg.5.13

The systems that result from our conservative models généi@e longer orbital pe-
riods than the intermediate systems that we are looking This means that stable mass
transfer in the models continues beyond the point where ¢iseeld masses and orbital pe-
riod are reached. The result is thit;,, is too small and thad/,,, and P, are too large.
The reason that mass transfer continues is that the domas stat yet sufficiently evolved:
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Figure 5.12: Results of the spiral-in calculations withipédimits for conservative mass

transfer as in Figs.11, but for all systems. The number in the upper left corner ahea
panel is the number of systems that lie between the peridtslim
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the helium core is still small and there is sufficient envelopass to keep the Roche lobe
filled. White dwarfs of higher mass would result from largatues ofgy;. This way, the
initial primary is more massive and the initial period is ¢ram, so that the star fills its Roche
lobe at a slightly later stage in evolution. Both effectsr@ase the mass of the resulting
white dwarf. However, if once chooses the initial mass radim high, the system evolves
into a contact binary or, for even higher;, mass transfer becomes dynamically unstable.
In both cases the required intermediate system will not belyced. These effects put an
upper limit to the initial mass ratio for which mass transgestill stable, and thus an upper
limit to the white-dwarf mass that can be produced with stabass transfer for a given sys-
tem mass. Our calculations show that conservative modétsami initial mass ratio of 2.5
produce no double white dwarfs. Apparently this valug@is beyond the upper limit. The
solutions in Fig5.14with a final mass ratio close to or in agreement with the olz@ns
come predominantly from the models with initial mass ratib4.7 and 2.0.

Because small deviations in the masses and orbital peritiieahtermediate systems
can still lead to acceptable double white dwarfs, we mortiterevolution of these systems
to the point where the secondary fills its Roche lobe and deterthe mass of the second
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Figure 5.13: Results of the spiral-in calculations (grembgpls), obtained as in Fi§.11,
and the solutions of calculations of conservative evotutislack symbols). Only the six
systems shown have spiral-in solutions within the periiits (see Fig5.12). The numbers
in the lower left and lower right corners are the numbers ottpd spiral-in solutions and
conservative solutions respectively.

white dwarf My¢ from the helium-core mass of the secondary at that point.aBse the
secondary in the intermediate binary is slightly too masgivmost cases, it is smaller at a
given core mass (see Fig.1) so that the mass of the second white dwarf becomes larger tha
desired. Combined with an undermassive first white dwad thsults in a too large mass
ratio go¢. This is shown in Fig5.14, where the values fafo¢ for our conservative models
are compared to the observations. The Figure also showsftaredce in age of the system
between the moment where the second white dwarf was formédrenmoment when
the first white dwarf was formedXr). This difference should be similar to the observed
difference in cooling age between the two components of tharp (see Tabl&.1). The
vertical dotted lines show this observed cooling-age diffiee with an uncertainty of 50%.
Figure5.14shows that of the six systems presented, only two have a ratigswithin
the observed range, although values for the other systembenzose. We see that the mass
ratios of the solutions for most of the systems are dividetvim groups and the difference
in mass ratio can amount to a factor of 2 between them. Theidivarises because in most
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Figure 5.14: The mass ratio of model double white dwarfs firhy a conservative first
mass transfer and a common envelope with spiral-in, ag#iesage difference between
the two components. The dashed horizontal lines show theredd range of possible
mass ratios as shown in Taldle. The dotted vertical lines are the estimated cooling-age
differencest50% (see Tabl&.1).

models the common envelope is supposed to occur on the saottganch of stars that are
more massive that M. If the secondary is slightly smaller and the orbital pergtightly
longer than it should be, the star can ignite helium in it®@ord start shrinking before it has
expanded sufficiently to fill its Roche lobe. When this stgvands again after core helium
exhaustion, it has a much more massive helium core and pesduenuch more massive
white dwarf than desired (see Figl). Thus, a small offset in the parameters of the model
after the first mass-transfer phase can result in largerdiffees after the spiral-in. Of the
270 stable models shown in Figl4, 126 (47%) are in the group with lower mass ratios
(g2t S 1.7).

The modelled mass ratios for the systems WD 0957-666 and VBD+364 are close to
the observed values, and we find that this is especially ttuthé models on the low-mass
end of the range in observed white-dwarf masses we usedca&hibe understood, because
the maximum mass of a white dwarf that can be created withergatve mass transfer is
set by the total mass in the system. The system mass is detatiny the spiral-in calcu-
lations in Sect5.5.2 where we find that the total mass that is available to créwstget two
systems lies between abauand3.5 M. This system mass is simply insufficient to create
white dwarfs with the observed masses. If we would extenditieertainty in the observed
masses to allow lower white-dwarf masses, it seems likedy e could explain these two
double white dwarfs with a conservative mass-transfer gliabowed by a common en-
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velope with spiral-in. The same could possibly be achievel stable, non-conservative
mass transfer. Losing mass from the system stabilises tlse trensfer, so that it can still
be stable for slightly longer initial periods, and allowg/hér initial primary masses. Both
effects result in higher white-dwarf masses.

All 126 stable solutions in the lower group of mass ratigg (< 1.7) havea., > 1
and 83 (66%) have.. < 5. If we become more demanding and insist that should be
less than 2, we are left with 14 solutions, all for WD 0957—-6868ese solutions all have
ace > 1.6. If we additionally demand that the age difference of thesel@ts be less than
50% from the observed cooling-age difference, only 6 sohgiare left with age differences
roughly between 190 and 410 Myt > 1.8 and1.32 < gof < 1.44.

We conclude that although the evolutionary channel of caagiee mass transfer fol-
lowed by a spiral-in can explain some of the observed systenadution along this channel
cannot produce all observed double white dwarfs. We musétbee reject this formation
channel as the single mechanism to create the white-dwaafies. The reason that this
mechanism fails to explain some of the observed white dwarttsat the observed masses
for the first white dwarfs in these systems are too high to Ipdeded by conservative mass
transfer in a binary with the total mass that is set by theadjiir calculations. Allowing for
mass loss from the system during mass transfer could reshdttter matches for this mech-
anism. However it is clear from Fi§.12that this will certainly not work for at least 5 of the
10 observed systems because their orbital periods are ftge. [&Ve will need to consider
other mechanisms in addition to stable mass transfer toysmthe observed white-dwarf
primaries for these systems.

5.6.2 Unstable mass transfer

In this section we try to explain the formation of the first tehdwarf in the intermediate
systems shown in Fi$.10by unstable mass transfer. Mass transfer occurs on the dynam
ical timescale if the donor is evolved and has a deep comeeetivelope. There are two
prescriptions that predict the change in orbital perioduntsan event. The first is a clas-
sical common envelope with a spiral-in, based on energyareaton as we have used in
Sectb5.5. The second prescription was introducedMglemans et al(2000 and further
explored byNelemans & Touf2005 and uses angular-momentum balance to calculate the
change in orbital period. Where the first prescription resirl a strong orbital shrinkage
(spiral-in) for all systems, in the second mechanism thisoisnecessarily the case so that
the orbital period may hardly change while the envelope efdbnor star is lost.

In both scenarios we are looking for an initial binary of winithe components have
massesi/y; and Ms;. The primary will evolve fastest, fill its Roche lobe and ¢jés
envelope due to dynamically unstable mass loss, so thatrikgdo@ecomes exposed and forms
a white dwarf with masd/;,,,. We assume that the mass of the secondary star does not
change during this process, so thd; = Ms,,,. We use the model stars from Sext}.1
as the possible progenitors for the first white dwarf. Thetaftperiod before the envelope
ejection is again determined by setting the radius of theehstér equal to the Roche-lobe
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radius and applying E&.5, where the subscripts ‘m’ must be replaced by ‘i'.

Because we demand thaf;; > Mos;, the original secondary can be any but the most
massive star from our grid and the total number of possibiaties in our grid iif’i n=
19701 for each system we want to model. The total number of systhatsie try to model
is 121: the 11 observed systems (the 10 from Tablelus the system WD 1704+481b)
times 11 different assumptions for the masses of the obdestaes (betweer-0.05 Mq
from the observed value). We have thus tried slightly lesstB.4 million initial binaries
to find acceptable progenitors to these systems. All thessilple progenitor systems have
been filtered by the following criteria, in addition to theesalready mentioned in Sebt5:

1. the radius of the star is larger than the radius at the baffseagiant branchk >
Rpas, Which point is defined by E§.7,

2. the mass ratio is larger than the critical mass ratio foragical mass transfer >
qerit @S defined by Eq. 57 éfurley et al.(2002. Together with the previous criterium,
this ensures that the mass transfer can be considered tequt@n the dynamical
timescale,

3. the time since the ZAMS after which the first white dwarf isatedr; is less than
the same for the second white dwarf)and, additionallyr> < 13 Gyr.

After we filter the approximately 2.4 million possible prag®r systems with the crite-
ria above, about 204,000 systems are left in the sample ([F&2which two subsequent
envelope-ejection scenarios could result in the desiressa® provided that we can some-
how explain the change in orbital period that is needed tainlihe observed periods. For
each of the two prescriptions for dynamical mass loss wesg#l whether this sample con-
tains physically acceptable solutions in the sectionsftikw.

Classical common envelope with spiral-in

The treatment of a classical common envelope with spiralaised on energy conservation
has been described in detail in Séck and therefore need not be reiterated here. In the
calculations described above, B4 provides us with the parameteg.; for the first spiral-
in. In order to use Edh.4the subscripts ‘m’ must be replaced by ‘i’ and the subsciiptsy
‘m’. The values of the common-envelope parameter for thedpsal-in must be physically
acceptable and we demand that < a..; <10. When we apply this criterion to the results
of our calculations, only 25 possible progenitors out of 20¢,000 binaries in our sample
survive. All 25 survivors are solutions for WD 0135-052 arad&ae1 2 2.5.

We find that of the systems that pass the criterion in the skspinal-in and have.1 <
Qee2 <10, most (99%) need a negatiug.; in order to satisfy Ecb.4, so that we reject them.
We can clearly conclude that the scenario of two subsequassgical common envelopes
with spiral-in can be rejected as the formation mechanisnafy of the observed double
white dwarfs. This confirms the conclusionsélemans et al(2000 andNelemans &
Tout(2009, based on the value of the produgt Ac..v, Wherel,,, is the envelope-structure
parameter defined in E§.2
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Envelope ejection with angular-momentum balance

The idea to determine the change in orbital period in a comemwelope from balance of
angular momentum originates froRaczyhski & Ziotkowski(1967). In Nelemans et al.
(2000 andNelemans & Tou{2005 the mechanism was used to model observed double
white dwarfs. The principle is similar to that of a classicainmon envelope, here with
an efficiency parameter that we will caflin the general case. In this section we will use
three slightly different prescriptions for mass loss wittgalar-momentum balance requir-
ing three different definitions of. For all three mechanisms the mass loss of the donor is
dynamically unstable and its envelope is ejected from tiséesy. Because not all of these
mechanisms necessarily involve an envelope that engulfsdtars, we shall refer to them
as envelope ejection or dynamical mass loss rather than coremvelope evolution. The
first mechanism is that defined iyelemans et al(2000, where a common envelope is
established first, after which the mass is lost from its sugfaThe mass thus carries the
average angular momentum of the system and we will call thenpeter for this mecha-
nism-s. In the second mechanism the mass is first transferred and¢hemitted with the
specific angular momentum of the accretor. We will designatéor this mechanism. In
the third mechanism the mass is lost directly from the donari isotropic wind and the
corresponding parameterjg. We will call the companion to the donor star ‘accretor’, Bve
if no matter is actually accreted.

The prescription for dynamical mass loss with the specifiguder momentum of the
system as the mechanism for the first mass-transfer phasg, thés and earlier subscript
conventions, is:

7 (5.8)
whereJ is the total orbital angular momenturN¢lemans et al. 20000ur demands for a
physically acceptable solution to explain the observedti#s is now).1 <-4 <10 for the

first envelope ejection an@l1 < a2 < 10 for the second. From the set of about 204,000
solutions we found above, almost 150,000 (72%) meet thesakds and nearly 134,000
solutions (66%) have values fog; between 0.5 and 2, in which all observed systems are

represented.
We tried to constrain the ranges fas anda..2 as much as possible, thereby keeping at
least one solution for each observed system. We can wrise tiages asy, — =~ ’Yo—i— 1)

and(ag — AT, Qg + 2 <), wherevy, andag are the central values amily andAa are the
widths of each range. We independently varigdand oy and for each pair we took the
smallest values ofAy and A« for which there is at least one solution for each observed
system that lies within both ranges. The set of smallesteatigus obtained is considered
to be the best range for; andace2 that can explain all systems. Because it is harder to
trifle with the angular-momentum budget than with that ofrggewe kept the relative width

of the range fory; twice as small as that far..o (2 ﬁ” = A(’) Our calculations show that
changing this factor merely redistributes the widths omm/vo ranges without affecting
the central values much and thus precisely which factor veesaems to be unimportant for
the result. We find that the set of narrowest ranges that soatsolution for each system is
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1.45 <751 <1.58 and0.61 < a2 <0.72. These results are plotted in Figl5

We can alternatively treat the second envelope ejectioh thi¢ angular-momentum
prescription as well, where we need to introduce a fagtoby replacing all subscripts ‘m’
by ‘f” and all subscripts ‘I’ by ‘m’ in Eq.5.8. Again we search for the narrowest ranges
of 751 and~se that contain at least one solution per observed system. \Wefore the
relative widths of the two ranges to be equal. The best swiut then1.16 < 4 < 1.22
and1.62 <, < 1.69.

In both prescriptions abover a..2 and~s17s2) we find that the values fory lie signif-
icantly above unity. This is in accordance with the findinf&Nelemans et al2000 and
Nelemans & Tou{(2005, but slightly discomforting because there is no obviouggital
mechanism that can transfer this extra angular momentuimetgas of the envelope. We
will therefore rewrite Eq5.8 for the case where the mass is lost with the specific angular
momentum of one of the stars in the binary, so that we can ¢xipaiey ~ 1. In order to do
this we use the equations derived Bgberman et a[1997) in their Section 2.1. We ignore
the finite sizes of the star by puttigy, = 1 and assume that no matter is accreted, so that
aw + Bw = 1 andey, = 0, where we introduced the subscript ‘w’ to avoid confusiomhwi
ace. Their Eq. 24 then gives (replacing their notation by ours):

Jm am \ " 1+aq
I _ (G 7 5.9
Ji < qi ) 14 dm ( )

where we will consider the cases wherg = 0 (henceg,, = 1), describing isotropic re-
emission by the accretor, and, = 1 for an isotropic wind from the donor. Their is
defined asndonor/Maccretor- We can now rewrite Ecp.8for these two cases:

Ji — Jm My — Mim
= Yal 75—, — w =0), 5.10
Ji Tal Mlm + M2m (a 0) ( )
Ji — JIm My — Mym Mo
— gy Mai = My W =1). 5.11
J; 1 Mim + Mam M (a ) ( )

By comparing Eg5.8to Eq.5.10, we can directly see that for an envelope ejection with
given masses and angular momenta,< ~, must hold in order to keep it satisfying the
equation. For Ecp.11], this is not necessarily true for a first envelope ejectiotthe effect
is even stronger for all second envelope ejections consitlierthis chapter. The results of
the analysis described above, but now for the modified dfirstof~, for theya and~~
scenarios, each with,, = 0 (isotropic re-emission) and,, = 1 (donor wind) are shown
in Table5.2and compared to the previous results.

We see that the values farchange drastically, as may be expected. The fact that the
values fora,. change slightly has to do with the fact that we now selecediifit solutions
to the calculations than before. Numerically, the fifth $iolu in the table seems the most
attractive:vq; =~ 1.0 anda,.2 = 0.6. Although the value forv.., is lower than unity, it
may not be unrealistic that 40 % of the freed orbital energgnistted by radiation. This is
the scenario where the mass is lost in an isotropic wind bylter in the first dynamical
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Figure 5.15: Solutions for the double dynamical mass-lossario for each system. Each
dot represents one system that evolves through an episodgnafmical mass loss with
vs1 and then a common envelope with spiral-in with.> to form one of the observed
white dwarfs.Upper panel:(a): the value forog s for the first envelope ejection for all
solutions with0.1 < v < 10 and0.1 < agee < 10. Solutions with0.61 < areea < 0.72
(the dashed lines in (b)) are plotted as large dots, the sestrall onesLower panel:(b):
the value forlog a..» for the second envelope ejection for the same set of sokitiblere,
the large dots have.45 < v, < 1.58 (the dashed lines in (a)). The smallest set with at
least one solution for each system is the intersection cfetieo sets (the large dots that
lie between the dashed lines). The vertical position of edathwithin its line shows the
deviation from the observed secondary mass Myr = Mo —0.05 Mg, for the lower dots,
Mys = Mo + 0.05 Mg, for the upper. The Figure is made aftéelemans & Tou{2005.
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Prescription v, Vo1 V2/Cce2 Y0,2/000,2
V1o 1.45-1.58 152 «:0.61-0.72 «:0.66
Ve1Vs2 1.16-1.22 1.19 ~:1.62-1.69 ~:1.65
ValQce2 0.81-0.94 0.88 «:0.50-0.68 «:0.59
Yal7Va2 0.50-0.52 0.51 ~:0.68-0.70 ~:0.69
Y1 Qce2 0.92-1.08 1.00 «:0.47-0.64 «:0.56
Yd17Yd2 0.91-1.07 0.99 ~:2.55-3.02 ~:2.78

Table 5.2: Narrowest ranges feranda.. that contain at least one solution to the envelope-
ejection scenario per observed system and their centraésalThe six different prescrip-
tions are explained in the main text.

mass-loss episode and the second mass loss is a canonicaboanvelope with spiral-in.
We also see that the best solutions with a second enveloggogjdased on the angular-
momentum prescription obtained with this method has valaes that lie much farther
from unity than they-values for theya-scenarios.

5.6.3 Formation by multiple mechanisms

So far, we assumed that all ten observed double white dwaefe Wormed by one and the
same mechanism. Although some mechanisms are clearly ietteplaining the formation
of all the observed systems than others, none of them is @iaiplsatisfactory, mainly
because the parametersr a.. are far from the desired values. Furthermore, there is no
reason why the ten systems should all have been formed bwthe siechanism in nature
if there are several options available. We therefore diygbihange our strategy here by
assuming that different envelope-ejection prescriptioescribed in Sech.6.2 can play a
role in the formation of the observed systems.

For the dynamical mass loss, we now demandttetda.. are close to unity. Because
angular momentum should be better conserved than energgeept solutions with.95 <
~ < 1.05 and0.90 < a. < 1.10, except for the mechanism described by &§, for which
Nelemans & Tout20095 show that all systems can be explained with0 < v < 1.75,
which we reduce td .54 < v < 1.71 to give it the same relative width. For each observed
system and each mechanism, we look whether there is at leasbdution with a envelope-
ejection parameter within these ranges. The results angrslas the first symbol in each
entry of Tablés.3. The plus signs show which mechanism can explain the maissafat
an observed double white dwarf. The table shows that althawgpe of the mechanisms
can explain all observed systems within the chosen rangesaofd .., the second-last
column shows that a combination of these mechanisms cantable also indicates that
mechanisms containing ont and none of the othey’'s cannot explain all systems. The
same is true fory, and~q4. If we expand the chosen ranges foanda.. with a factor of
two, our calculations show that the mechanisyng and~4+. can explain the mass ratios
of all systems. Expanding the allowed ranges in this way ntioa@ quadruples the total
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System 1: 2: 3: 4: 5: 6: Opt. Best
VsQce VsVs Yallce YaYa VYdQce YdVa res. mech.
0135 —-/—-  +/~ /= —/= 4/~ +/=  +/~ 25
0136 +/+ +/+ 4/~ /= +/+ /=  +/+ 125
0957 +/+ +/+  +/+  +/+  +/+  +/~ +/+ 15
1101 4/~  +/- +/~ +/- -/- /- 4/~ 13
1115 +/~  +/~  +/+ +/~  +/+ /=  +/+ 35
1204 -/)—- /- /= —/=  +/- +/- +/- 586
1349 +/+ +/+  +/+ /=  +/+ /=  +/+ 1235
1414 —/—  —/= /= /= /= [+ +/+ 6
1704a +/- +/— /=  +/=  —/=  +/= +/= 1246
1704b  +/-  +/- 4/  +/=  +/= +/= +/= 1-6
2209 /- +/+ /= H/+ =)= 4/~ /24

Table 5.3: Comparison of the different mechanisms usedctmns&ruct the observed double
white dwarfs. The symbols, ~ and— mean that the model solutions are in good, moderate
or bad agreement with the observations. The first of the twolbsjls in each column is
based on the mass ratio only and the second includes the figenice. The method for
obtaining the first symbol in each entry is described in S£6t3 that for the second symbol

in Sect5.6.4 The symbols in the headers of the columns labelled 1-6 glaiered in the
main text. The columns foy,vq4 and~yqvq Were left out because they do not contain any
solutions. The last two columns show the optimum result Aedriechanisms that give this
result (1-6).

number of solutions from 7866 to 36 867.

5.6.4 Constraining the age difference

The large number of solutions found in the previous sectilowa us to increase the number
of selection criteria that we use to qualify a solution as gitgily acceptable. We now
include the age difference of the components in our modéksys and demand that it is
comparable to the observed cooling-age difference forshstem. The age difference in
our models is the difference in age at which each of the coraptsrfills its Roche lobe and
causes dynamical mass loss.

Table5.4lists the number of model solutions for each mechanism aol ggstem. The
columns labelled 1-6 are the same as those in TaBleThe first number in each of these
columns is the number of solutions that is found within themsaanges fory anda.. as
we used in Tabl&.3. This means that a minus sign in that table corresponds teocaize
Table5.4. Behind the entries with a positive number of solutions tirege of age difference
that these solutions span is shown. Again, the columns.far and~4+4 are not displayed,
because they do not contain any solutions for any system. ale to expand the-ranges
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System ObsAT Number of solutions and model age differences (Myr)
(Myr) 1 YsQce 2 ¥sYs 3! Yalce 4: vaya 5! Yaace 6: YdVa
0135 175-525 0 1, 0 0 49 56,
1131 1302-2610 2067-5620
0136 225-675 35, 32 2, 0 58 0
44-281 43-237 76-94 44-418
0957 163-488 36, 1925 59, 292 30, 1554
352-818 144-3601 163-506 308-3387 352-851 490-12094
1101 108-323 318 941, 242 91, 0 0
995-10910 2202-10917 857-9124 5897-9577
1115 80-240 159 80, 157, 378 19, 0
368-1019 313-550 182-841 552-998 240-758
1204 40-120 0 0 0 0 46 75,
1329-3780 2101-6161
1349 ? 13 19, 5, 0 101 0
64-235 64-235 64-134 64-905
1414 100-300 0 0 0 0 0 34
36-385
1704a -30--10 3 98, 0 218 0 17,
858-1020 216-1381 1565-3313 2735-5386
1704b 10-30 3, 17, 1, 43, 2, 237,
519-553 217-364 465 199-781 536-553 181-1771
2209 250-750 0 188 0 206 0 26,
87-781 456-1115 1012-2041

Table 5.4: Results for the various evolution scenarios fartde white dwarfs with two unstable mass-transfer episodée
range of observed\r is the observed cooling-age different&0%. Columns labelled 1 through 6 give the number of model
solutions for each scenario followed by the range in ageréfice of these solutions in Megayears. The columns4yith and
~vava Were left out, because they do not contain any solutionsttfeodifferent mechanisms we demanded that < v, < 1.71,
0.95 <y, <1.05, 0.95 <4 <1.05 and0.90 < aee < 1.10.



Modelling the formation of double white dwarfs 115

to 0.25-1.75 in order to get the first solution for just a singystem with one of these two
mechanisms. All mechanisms that are listed in T&bigrovide a solution for more than
one observed system, and each observed system has at leaseohanism that provides
it with a solution. The number of solutions per combinatidm@echanism and observed
system ranges from zero to several hundreds and the ageedifies of the accepted models
lie between 36 Myr and more than 12 Gyr.

We will use Tablé.4to compare the age differences of the models to the obsealed v
ues and use this comparison to judge the ‘quality’ of the rhedkitions. We will assume
that if the age difference in the model lies within 50% of theasured cooling-age differ-
ence (the range in the second column of T&big that this is a good agreement which we
will assign the symbol+'. If the difference is larger than that, but smaller than etda of
five we will call it ‘close’ and assign a~'. Cases where the nearest solution has an age
difference that is more than a factor of five from the obsemadde is considered ‘bad’ and
assigned the symbol-. If we do this for all cases, we obtain the second symbol fte
entry in Tables.3, which we can use to directly compare the quality of the sohsfor each
mechanism and each observed system.

We find that these results are robust, in the sense that if warekthe ranges foy
andac. with a factor of two, the optimum result does not change caltih there are more
mechanisms contributing to this resulg. the column ‘opt. result’ remains unchanged,
while the number of labels in the last column increases. Bingesis even true if we expand
the ranges for., with a factor of ten instead of two. If we use a factor of 2 inagtef 5
for the upper limit of a ‘close solution’, we need to expand tanges fory anda.. with
a factor of 2.6 to get tildes at the same places in the columptirfium result’ as shown in
Table5.3.

We conclude that our models can form double white dwarfs #ithobserved masses
and orbital periods if we invoke multiple formation mechams. Our calculations show
that if we double the allowed ranges foranda.. with respect to those used in Tabte8
and5.4, itis even possible to form all observed systems with meismasny; only orvyqva
only. If we demand in addition that the age differences ofrtfualel systems lie within 50%
of the observed value, we can still explain the formation oktrobserved systems, while
for some double white dwarfs this becomes difficult. Thishis tase with WD 0135-052,
WD 1204+450, WD 1704+481b and to a lesser extent WD 1101+364se four systems
can usually either be explained with an acceptable agerdiftee but a value for that is
off, or an acceptable and an age difference that lies (sometimes much) more ti4t 50
from the observed value.

5.6.5 Description of the individual solutions

The goal of this research is, of course, to find out whether are somehow explain the
formation of the observed double white dwarfs. If this is tase, we hope to learn firstly
which mechanisms govern this formation and secondly whegptbgenitor systems are that
evolve to the observed white-dwarf binaries. Although wendbfind one mechanism that
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can explain all observed systems in a satisfying way, weeptdsere the evolution of some
of the best solutions among our calculations. We list therfiaén parameters that describe
the evolutionary scenario of a solution (two initial massée initial period and the two
envelope-ejection parameters) and two minor ones (thekfital masses that the models
give) in a table. Because we present solutions for six difieformation mechanisms and
eleven observed systems that may have more than one ‘bkgibsdhis table is quite large.
This is particularly the case because we want to remove thirarily chosen boundaries
that we have used so far to qualify a solution. We therefatedi least one solution per
mechanism per system, independent of how far its paraniedrem the preferred values.
We chose to present the complete table as Talflan Sect5.9and give an excerpt of it in
Table5.5. In this way, the reader may verify how particular models dd@not work.

We manually picked the ‘best’ solutions for a given comhimabf formation mecha-
nism and observed system, in the sense that the solutionhatoae to unity (or, in case
of s, close to 1.63), an.. close to the range of 0.5-1.0 and an age difference thatse clo
to the observed value. In the cases where there are diffecdutions that each excel in a
different one of these three properties, we may present thareone solution. If there are
several solutions that are similar on these grounds, weptiedse with lower initial masses.
We then leave it to the reader to judge whether these sokitiom acceptable. The values
for go and Py are identical to the value listed in Taldel and therefore not shown in Ta-
ble5.5. The intermediate masses are also left out of the table useazo matter is accreted
during the dynamical mass loss and tlds,, = M; andMs,, = Ma; in our models. The
numbering of the solutions in the excerpted table is the sagrie the complete version.

We tabulate 120 solutions in total. The initial binaries égrimary masses between
1.09M and 5.42\(, though there are only two solutions willi;; > 4 M. Of the 120
solutions, 50% have an initial primary mass less thad2 and 87% of the primaries are
less massive than®. Thus, the models suggest that the double white dwarfs aneeid
by low-mass stars, as may be required to explain the obsemnmedbers of these binaries.
Of the initial systems, 90% have orbital periods betweenrd E000 days. All proposed
solutions undergo a first envelope ejection described bulangnomentum balance of some
sort, which allows the orbital period to increase duringtsagnass-transfer phase. In 61%
of the selected solutions this is the case, and for 45% oftheisns the intermediate orbital
period is twice or more as long as the initial period. Of th® $2lutions listed, 51% have
initial mass ratiogy;; > 1.07 while only 17% havey;; > 1.2. A bit worrying may be that
for 24% of the solutionsgy; < 1.03. It could be that these initial systems evolve into a
double common envelope, where the two white dwarfs are fdreiaultaneously and the
second white dwarf is undermassive. On the other hand, Be¢ha orbital period increases
in most of the first envelope ejections, the outcome of sudnanaon envelope is uncertain.
One should treat these solutions with some scepticism.

We now briefly discuss the solutions for each observed systanare listed in the
excerpted Tablg.5. For WD 0135-052 it is difficult to get both’s close to the preferred
values. In solution 5y, is off while a.. is acceptable, solution 8 hasyg, not too far
from unity but~,. is off and for solution 9 the reverse is the case. The thregtisols have



Nr. WD Meth. Y1 Y2, AT A(AT) T2 M Mo; q1i P q2m P My Mo
Qlce2 Myr % Gyr Mg Mg d d Mg Mg

5 0135 ~qaaee 131 0.87 377 7.7 314 151 146 1.04 5045 3.12 2647 0.472 0.4

8 0135 YaYa 1.15  0.66 524 50. 1.36 246 2.06 1.20 429.8 3.56 1109 0.582 0.5

9 0135 YaYa 1.40 0.99 454 30. 5.37 128 125 1.03 596.6 268 313.7 0472 04
17 0136 77y 151 1.61 450 0.0 2.39 1.70 159 1.07 106.1 436 3714 0.376 0.4
22 0136 ~vygaee 0.95 1.00 299 34. 2.68 159 153 1.04 75.88 450 2695 0.343 04
28 0957 ~vaaee 1.02 0.97 321 1.2 1.65 190 179 1.07 20.15 6.31 27.07 0.282 0.3
30 0957 ~vygace 1.00 1.00 427 31. 1.16 234 200 117 8.110 6.66 28.52 0.304 0.3
38 1101 ~vacee 1.17 0.96 308 43. 157 195 181 1.08 127.1 463 4528 0.394 0.3
50 1115 ~qaaee 1.01 1.00 239 49. 0.50 3.70 294 126 1693. 3.58 9804 0.829 0.6
54 1115 ~qaaee 0.97 0.93 240 50. 0.32 542 342 158 201.2 3.84 1012. 0.895 0.7
55 1115 Yava 1.45 1.00 214 34. 111 240 222 1.08 3567. 249 2032. 0.895 0.7
58 1204 vy 1.83  1.30 71 11. 0.25 3.94 347 114 69.23 592 56.81 059 0.51
65 1204 Yava 1.10 0.34 74 7.8 0.26 3.89 342 114 38.82 596 5185 0.57 0.50
68 1349 ¥svs  1.51 1.63 426 0.0 2.68 161 153 1.05 1150 420 3857 0.376 0.4
74 1349 g 0.97  0.98 64 0.0 245 159 157 1.01 1204 431 3734 0.37 0.46
84 1414 ~ga.e 095 0.71 188 59 043 351 3.09 114 70.81 599 358.3 0.526 0.6
92 1704a ~.aee 1.01 0.60 52 360. 1.41 206 1883 1.09 40.37 3.66 6566 0.516 0.3
98 1704a ~yava 137 0.63 2 110. 1.48 193 1.86 1.04 2945 3.33 1202 0.56 0.39
103 1704b  ~.y. 0.98 0.99 199 895. 2.59 159 157 1.01 256.0 3.81 664.0 0.45B9 0.
114 2209 ~vaaee 0.98 0.54 517 3.3 145 237 195 121 1485 3.55 168.2 0.555 0.5
115 2209 YaY¥a 1.00  1.00 612 22. 165 228 186 1.23 968.0 295 1061. 0.633 0.6

Table 5.5: Selected model solutions for the double envelgeetion scenario. This table is a excerpt of the totaldisi20
entries. The first eight columns show the number of the etitry,double white dwarf that the model is a solution to, the
mechanism used, the two envelope-ejection parametersgielifference of the two components in the modet) in Myr,

the relative difference between the observed and model Higeemce, defined ad (A7) = % in %, the time of

Tobs

the formation of the double white dwarf since the ZAMS)(in Gyr. The last eight columns list binary parameters: thigdl
(ZAMS) masses, mass ratio and orbital period, the interatednass ratio and period and the final masses.
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acceptable age differences. The solutions 17 and 22 for V\@B-0168 and 28 and 30 for
WD 0957-666 have values close to desired for both envelfgien parameters and the
Ar. Solution 38 is by far the best solution for WD 1101+364, thloty,; is not very close
to unity. Solutions50 and 54 for PG 1115+116 have envelgpetioen parameters close
to the desired values and acceptaldle’s, though the initial masses are high. This is in
accordance with the fact that these stars are required o ¥drite dwarfs with masses as
high as 0.7V . Solution55 shows that one has to accept a large valug4foin order to
find a solution with significantly smaller initial masses.

Solutions 58 and 65 are the only two for WD 1204+450 from theplete table that
have age differences within 50% of the observed value, dhdh&t envelope-ejection pa-
rameters are far from the desired values. There seems to benvincing solution for this
system in our models. For WD 1349+144 the cooling ages ar&main, although the
similar Balmer spectra of the two componerts(l et al. 2003aseem to suggest thatr
is small. Solution 74 (which is the same as solutions 66, @97&nn the complete table but
with a different definition ofy) has a small age difference of 64 Myr but also a disturbingly
small initial mass ratio of 1.01. Since the orbital periogigposed to increase with more
than 200% during the first dynamical mass-loss episodeuicgrtain how this initial sys-
tem would evolve. Solution 68 has a larger initial mass rddid also a larger age difference.
The complete table shows solutions for WD 1349+144 witheslior A of about 64, 140,
230, 370 and 450 Myr, so that they span a large range withiolwthie actual age difference
is likely to lie. For HE 1414-0848 we find an acceptable solufor almost all mechanisms
and 4 out of the 8 solutions listed in the complete table redethe same solution with
different values for the envelope-ejection parametergHerdifferent mechanisms. Since
the observed age difference of WD 1704+481a- %) Myr, we have introduced a system
with the reversed mass ratio (WD 1704+481b) and hence an iffgeesdce of +20 Myr.
Interestingly enough, the solutions with closest age tbfiee for WD 1704+481b have
AT 2,180 Myr, a factor of nine or more than observed, as is the caseolatien 103. How-
ever, for WD 1704+481a we find solutions with good envelojget®n parameters and an
age difference of around 50 Myr, like solution 92, and withgraeters that are more off, but
with an age difference of only 2 Myr as in solution 98. The eystWD 1704+481a seems
therefore better explained by our models than the systeimtivé reverse mass ratio. Be-
cause the observed cooling-age difference is only in therastla few per cent of the total
age of the system (see Tabld), a change of 10% in the determined cooling age of one of
the two components is sufficient to alter the age differenmef-20 Myr to +50 Myr. For
HE 2209-1444, we present solutions 114 and 115, that haveagarejection parameters
close to the desired values and an age difference that ageegsvell with the observed
cooling-age difference.

Summarising, we find that for the ten observed systems, twoocdy be explained
with values fory that differ appreciably from the desired values (WD 01352-(81 %) and
WD 1204+450 (20%)). For two systems the values of the eneetgjpction parameters
and age difference may not be too convincing, partially duertcertainties in the observa-
tions (WD 1101+364+ = 1.17) and WD 1704+481(a)Xr = 52 Myr)) and the other six
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systems (WD 0136+768, WD 0957-666, PG 1115+116, WD 13494184 414-0848 and
HE 2209-1444) can be well explainefi{ < 5%, A(AT1) < 50%) by one or more of the
described mechanisms, although several of these mechaarenmeeded to account for all
six observed systems.

5.7 Discussion

5.7.1 Comparison to other work

In this chapter we investigate the formation scenarios éurtde white dwarfs first put for-
ward byNelemans et al2000. Their paper is based on three double white dwarfs and we
expanded this to the set of ten that has been observed sodtreiRhan using analytical
approximations, we used a stellar evolution code to do mb#gteocalculations. One of
the advantages of this is that we calculate the binding gra&frthe donor star at the onset
of a common envelope, so that we can directly calculate themon-envelope parameter
ace Without the need of the envelope-structure paramgtgr, that turns out to be far from
constant during the evolution of a star (see Big). This allows us to demand physically
acceptable values far,..

The use of an evolution code instead of analytical expressubviously gives more
accurate values for instance for the core-mass-radiusaelaOur main conclusions are
nevertheless the same as thaiNgflemans et al(2000, even though they are based on a
larger sample of observed binaries: stable, conservatagsrransfer followed by a com-
mon envelope with spiral-in based on energy balance camxpddia the formation of the
observed systems, and neither candhgx.. scenario of two such spiral-ins. We therefore
arrive at the same conclusion, that a third mass-transfehar@sm is needed to explain the
first mass-transfer phase of these systems and we use thielope-ejection prescription,
based on angular-momentum conservation &8).

Nelemans & Tout(2005 use more advanced fits to stellar models, but still need the
envelope-structure parametgr,, so that it is difficult to interpret the values they find for
the productyc. Aenyv. They use the same ten observed double-lined white dwarfg ato,
next to a number of single-lined systems. They also conclhdea~-envelope ejection
is needed for the first mass transfer and find, Maemans et a2000, that all observed
systems can be explained bys0 < ~s < 1.75, for both mass-transfer phases. Alternatively
the second mass-transfer episode can be reconstructed withv.. A\eny < 4. However,
Nelemans & Tou{2005 do not discuss the coupling of the two solution sets for tine t
phaseseg.qg. it is not described how many of the solutions witth0 < ~; < 1.75 have
~s2 IN the same range. We introduced slightly different defimisi for they-algorithm in
Egs.5.10and5.1], so that we can demand thats in the order of unity. We find indeed
that we can explain the observed masses and periodsyitlha ~ 1.0.

We add to the treatment byelemans et a2000 andNelemans & Tou{2005 in de-
manding that, in addition to the masses and orbital perfwlage difference of our models
must be comparable to the observed value. It turns out tiepths a strong constraint on
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the selection of model solutions for all three definitionsyoHowever, we can still explain
most systems, although we need mass loss described by battd~,4 to do so.

The description for dynamical mass loss with the specificutatxgmomentum of the
donor star (Ecp.11) is similar to the scenario of a tidally-enhanced stellandv{Tout &
Eggleton 1988fa). In this scenario the mass loss from a (sub)giant due téasteind
increases up to a factor of 150 with respect to Reimers’ eéoglilaw (Reimers 197bwhen
the star is close to filling its Roche lob&out & Eggleton(1988h postulate the enhanced
wind to explain for instance observed pre-Algol systemshsag Z Her. In this binary the
more evolved star is less massive than its main-sequencpazaan by 10%, while only
filling about half of its Roche lobe.

Han (1998 uses this tidally-enhanced stellar wind in his researclthenformation of
double degenerates and concludes, among others, that Hedsitbat include this enhanced
stellar wind give a better explanation of the observed dend@generate binaries than mod-
els that do not include it. The enhanced mass loss makesuddemass transfer due to
Roche-lobe overflow dynamically more stable. Envelopetigjaaue to dynamical mass
loss is then more often prevented and binaries evolve toeloathital periods before the
second mass transfer, which is then more likely to produc®anite dwarf. Thus, the
enhanced-wind scenario increases the ratio of CO-heliunbldovhite dwarfs to helium-
helium binaries.

Envelope ejection described by Bdllis essentially the same as the limiting case in
which most or all of the envelope is lost due to an enhanced Wiout & Eggleton(1988h
show that the tidally-enhanced wind can indeed prevent Bdobe overflow altogether
because the envelope is completely lost by the wind and tlegbeomes exposed. Without
an enhanced wind, this happens for binaries with an initedsratio of 2 or less only if they
have initial periods of more than 1000 days. When the tidatihanced wind is included,
core exposure without Roche-lobe overflow occurs for thésarkes with initial periods as
short as 10-30days.

5.7.2 Alternative formation scenario for massive white dws&'s

In the present research we have assumed that after envgégi®re occurs, the core of
the Roche-lobe filling giant becomes a helium or CO white dwéth no further evolution
other than cooling. However, helium cores that are more waskan(.33 M, are not
degenerate and those more massive than @bdut/, will burn most of the helium in their
cores and produce a CO core. If exposed, they are in effeictrhettars. For helium stars
less massive than abadu5 M, the radius hardly changes during the helium (shell) burn-
ing, but stars more massive than that experience a gianepf&ss is shown in Figh.16a,
where the radius of a selection of helium-star models ig@ibas a function of the CO-core
mass. For the more massive models in the Figure, the stasmdxpom the order of a few
tenths of a solar radius to a few hundred solar radii. Thubuimestars with a core mass
Mco 2 0.7 Mg may and those withco = 0.8 M must become giants and could fill
their Roche lobes as a consequence. The black dots its Eigp indicate the maximum
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[ PG _1115+116

o

o

Figure 5.16: Upper panel(a): The radius of a helium star as a function of its CO-core
mass, for a selection of 15 models with total masses bet@wdédrand1.43 M. The dots
show where the maximum radii are obtained and are used fdoter panel. The dashed
line is the Roche-lobe radius for the intermediate primdfy@ 1115+116 according to our
solution 54.Lower panelb): The maximum radius of a low-mass helium star as a function
of its total mass, for a selection of 33 models with massewdxen0.33 and1.4 M. The
dots are the data points, the solid line connects them tceghieleye.
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radius for a certain helium-star model and if we plot the maxin radii of these and other
models as a function of the total mass of the star, we obtarbFith. This Figure shows
that a helium star more massive than al88 M, must evolve through a giant phase (see
e.g. Paczyhski 197]1Habets 198p

There are two double white dwarfs in the observed samplehthet My > 0.6 M),
PG 1115+116 (both components) and HE 1414—-0848 (the segdndBhe evolutionary
scenarios in TablB.5 suggest that all these stars emerge from the envelopeajesiih a
CO core, except solution 54 for PG 1115+116, where the Bl4Zrimary progenitor pro-
duces a 0.89/ helium core before helium ignites. The Roche-lobe radiute0.89/,
helium star in the intermediate binary is 1B# according to this solution and shown as the
dashed line in Figh.16

The Figure shows that the mass and Roche-lobe radius oftthisage in the proper
range to fit the helium-giant scenario. We show a small nurakexample to illustrate this
scenario. The dot in Fi¢p.16a atMc0=0.88M andR = 171 R, just below the dashed
line, is the point where the model of 0.93; from our grid of helium-star models reaches
its largest radius. The star thus has an envelope mass o0d8y//, and with a mass ratio
of almost 4, mass transfer would be stable (Eq. 5Hofley et al.(2002). If we assume
that this star would be the primary of solution54 in Tablgand that 0.04/., would be
transferred conservatively, the orbital period after treessitransfer would be 1115d, so that
the period would not change drastically and the ensuingrekeavelope ejection would be
similar to the one found in solution 54. If the mass were losaiwind, which could be
triggered by the fact that the star expands, but for whichRbehe lobe need not be filled,
the orbital period would change less than 2% to 1031 d. It setbat a complete, detailed
model could be found to explain this system along these.lines

Both components in HE 1414-0848 are DA white dwaNagiwotzki et al. 200®, as
is the secondary of PG 1115+116. The hydrogen in the spetthese stars suggests that
the surface layer that formed after the envelope was ejastsiill present. However, the
primary in PG 1115+116 is a DB white dwarf. Adaxted et al(20023 point out, the giant
phase of a helium star could be the explanation for this ardstenario sketched above
might indeed describe the formation of this system.

5.8 Conclusions

We investigated several formation scenarios for the oleskten double white dwarfs listed
in Table5.1and present the best models in Table We draw four main conclusions:

e The scenario where the first mass-transfer phase is statilecaservative, followed
by a common envelope with spiral-in based on energy consenv@ee Eg5.4) can-
not explain the observed masses and periods of all doubke dhiarfs.

e The scenario with envelope ejection based on angular-mtmeconservation fol-
lowed by ejection of the second envelope with either energgngular-momentum
balance can explain the observed masses and orbital pesogsvell.
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¢ Including the age difference as a quality criterion for miatgutions produces strong
restrictions to the selection of solutions and makes it mondre difficult to find
acceptable solutions.

e By taking into account the possibilities that mass is lastexifrom the donor or from
the accretor, we show that the formation of the close doulli#endwarfs can be
explained if the mass carries the specific angular momenfumeof the two binary

members.
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5.9 Appendix: Table of model solutions

Nr.  Meth. 1 2, A7  AAT 7 My Mz qu B ¢2m Pm Mg Moy
ace2 Myr % Gyr Ms Mg d d Mo Mg

WD 0135-052
1 ~sace 202 087 377 7.7 314 151 146 1.04 5045 3.12 264.7 0472
2 ~Asaee 081 061 899 157, 217 211 163 129 33.22 3.20 3725 0.546
3 7 188 162 610 74. 1.36 255 206 1.24 3005 356 110.9 0.582
4 sy 2.00 1.74 523  49. 329 151 144 105 5039 3.08 2689 0472
5 ~Naaee 1.31 087 377 7.7 314 151 146 1.04 5045 3.12 264.7 0472
6  Yaace 1.29 0.86 523 49. 329 151 144 105 5039 3.08 2689 0472
7  ~Yaoee 1.28 0.85 667 91. 343 151 142 1.07 5033 3.04 2723 0472
8 ~a7va 115 0.66 524 50. 1.36 246 206 1.20 429.8 3.56 110.9 0.582
9 ~ava 140 0.99 454 30. 537 128 125 103 596.6 2.68 313.7 0.472
10 7vava 1.29 0.81 523 49. 329 151 144 105 5039 3.08 2689 0472
11 ~vava 1.31 080 377 7.7 314 151 146 1.04 5045 3.12 264.7 0472
12 ~qoee 1.36 0.89 261  25. 3.02 151 148 1.03 5051 3.16 260.8 0.472
13 g7, 140 089 341 26 407 138 135 1.03 5538 289 288.6 0472
14 ~q7v. 1.00 0.98 2067 491. 343 206 142 145 1553 2.72 490.6 0.527

Table 5.6: Selected model solutions for the double enve@geetion scenario. This is the
full table with 120 entries of which Tab5is an excerpt. The first eight columns show the
number of the entry, the double white dwarf that the modeldslation to, the mechanism
used, the two envelope-ejection parameters, the ageadtiiferof the two components in the
model A7) in Myr, the relative difference between the observed andehage difference,

defined as\Ar= %ﬂ- in %, the time of the formation of the double white dwarf

since the ZAMS £3) in Gyr. The last eight columns list binary parameters: thi¢idl

obs

(ZAMS) masses, mass ratio and orbital period, the interatednass ratio and period and
the final masses. See Séc6.5for more details(continued on the next pages)
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Nr.  Meth. 1 2, A7 AAT 7 My Mz qu B @2m  Pm Mg Moy
ace2 Myr % Gyr Mg Mg d d Mo Mg
WD 0136+768
15  ~sace 1.48 1.01 449 0.2 3.73 144 138 1.04 7227 416 2659 0.332 04
16 v 153 153 300 33 268 159 153 104 64.22 460 2356 0.332 0.4
17 v 151 161 450 0.0 239 170 159 1.07 106.1 436 3714 0.376 0.4
18  7aace 091 0.99 317 30. 390 140 137 1.03 74.07 411 269.8 0.332 04
19  7vava 092 099 321 29. 524 128 127 101 1711 3.39 5329 0377 0.4
20 7vava 090 1.01 460 2.2 537 128 125 103 1709 335 5408 0.377 04
21 ~yqoee 093 099 317  30. 390 140 137 103 74.07 411 269.8 0.332 0.4
22 yqace 095 1.00 299  34. 268 159 153 1.04 7588 450 2695 0.343 04
23 7v47. 094 095 599 33. 467 135 130 1.04 1625 348 5179 0377 04
24 ~37va 093 0.99 574 28. 524 130 127 103 168.8 3.39 5329 0.377 04
WD 0957-666
25  sace 1.74 1.00 341 4.8 1.16 225 200 112 1522 6.66 2852 0.304 0.3
26 sace 1.62 1.00 427 31. 1.16 234 200 1.17 8.110 6.66 28.52 0.304 0.3
27  vwys 167 162 328 0.9 777 114 113 101 27.78 3.99 56.90 0.282 0.3
28  7vaace 1.02 097 321 1.2 165 190 1.79 1.07 20.15 6.31 27.07 0.282 0.3
29  7vava 1.04 1.00 309 4.9 9.19 1.09 107 1.01 100.2 3.19 1951 0.348 0.3
30  ~ygoace 1.00 1.00 427 31. 1.16 234 200 1.17 8.110 6.66 28.52 0.304 0.3
31  ~qgoce 1.06 1.00 341 4.8 1.16 225 200 1.12 15.22 6.66 28.52 0.304 0.3
32 qqace 1.02  0.71 334 28 225 170 161 105 13.89 570 3574 0.282 0.3
33 497, 1.05 1.00 309 49 919 109 1.07 1.01 100.2 3.19 1951 0.348 0.3
WD 1101+364
34  ~sace 195 089 487 126. 1.71 198 176 1.12 1228 451 4824 0.334 0.
35  Asace 208 1.00 208 3.3 238 163 159 1.03 1187 433 39.18 0.372 0.3
36 s 1.81 1.30 312 45. 0.80 272 228 120 44.86 582 30.61 0.394 0.3
37 7y 213 161 216 0.5 451 133 132 101 183.1 3.47 6290 0.383 0.3
38  vaace 1.17 096 308 43. 157 195 181 1.08 127.1 4.63 45.28 0.394 0.3
39  ~a7a 140 0.74 208 3.3 6.12 122 120 1.01 164.1 3.27 55.68 0.372 0.3
40  ygoee 1.33  1.00 137  36. 327 146 144 101 1122 404 3590 0.361 0.3
41 yqoce 1.26 1.01 256 19. 152 195 183 1.07 127.2 469 43.20 0.394 0.3
42 ~yqoce 1.41 1.00 317  47. 809 113 112 1.01 91.07 3.35 2896 0.339 0.2
43 ~g7va 151 095 299  39. 9.18 1.09 107 1.01 2650 274 9655 0.394 0.3
44 ~gva 139 0.71 227 5.6 429 135 133 101 217.1 341 76.52 0.394 0.3
PG 1115+116
45  ~sace 1.79  1.00 239  49. 050 370 294 126 1693. 3.58 980.4 0.829 0.6
46  ~sace 1.95 1.00 203 27. 0.73 290 259 1.12 2088. 3.24 1017. 0.807 0.6
47  ~sace 1.90 1.00 165 29 050 338 294 115 1960. 3.58 980.4 0.829 0.6
48 sy 179 162 198 24, 0.42 394 313 1.26 2127. 356 1240. 0.884 0.7
49 sy 193 162 156 24 054 321 287 1.12 2075 3.49 1020. 0.829 0.6
50 7aace 1.01 1.00 239 49. 050 370 294 126 1693. 3.58 980.4 0.829 0.6
51  ~aace 1.18 1.00 228 42. 0.73 294 259 1.14 2057. 3.24 1017. 0.807 0.6
52 7ava 1.39 1.00 150 6.2 1.16 231 219 1.05 3581. 249 1952. 0.884 0.7
53  ~a7a 1.00 0.62 230 44. 0.47 3.84 3.02 1.27 1945. 352 1162. 0.862 0.7
54  ~yqace 0.97 093 240 50. 0.32 542 342 158 201.2 3.84 1012. 0.895 0.7
55  ~47v. 145 1.00 214 34 1.11 240 222 108 3567. 249 2032. 0.895 0.7
56 ~v47. 1.00 0.54 235 47. 0.32 528 342 154 190.8 3.89 758.6 0.884 0.7

Table 5.6: Selected model solutions for the double enve@eetion scenari¢gcontinued)
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Nr.  Meth. 1 2, A7 AAT 7 My Mz qu B @2m  Pm Mg Moy
ace2 Myr % Gyr Mg Mg d d Mo Mg

WD 1204+450
57  ~sace 215 0.83 136 70. 537 127 125 101 6303 265 2743 0471 04
58 v 1.83 130 71 11. 0.25 394 347 114 6923 592 5681 059 0.51
59  qaace 1.45 087 138 72. 466 132 130 101 6066 2.76 263.4 0471 0.4
60 7vava 0.63 065 225 181. 158 2.06 181 1.14 3289 3.58 256.2 0.5%4 0.
61 vava 078 072 491 514. 185 206 1.72 120 86.06 3.33 3124 0.525 0.
62 yqace 0.72 096 225 181. 158 2.06 181 1.14 3289 3.58 256.2 0.5%4 0.
63  yqoce 1.47 087 138 72. 466 132 130 101 6066 2.76 263.4 0471 0.4
64  ~v97. 149 097 136 70. 537 127 125 101 6303 265 2743 0471 04
65 747, 1.10 0.34 74 7.8 0.26 3.89 342 114 3882 596 5185 057 0.50
WD 1349+144
66 ysace 1.56 0.98 64 0.0 245 159 157 101 1204 431 3734 037 0.46
67 ysace 1.45 1.01 461 0.0 452 135 132 103 1059 3.77 3645 0.354 0.4
68 s 151 163 426 0.0 268 161 153 1.05 1150 4.20 385.7 0.376 0.4
69 s 156 160 64 0.0 245 159 157 101 1204 431 3734 0.37 0.46
70  vaace 0.96 0.98 64 0.0 245 159 157 101 1204 431 3734 037 0.46
71 ~vaace 091 1.01 229 0.0 452 133 132 101 1074 3.77 3645 0.354 04
72 7vava 091 1.00 143 0.0 537 127 125 101 1731 3.35 5408 0.377 04
73  7vava 090 1.00 460 0.0 537 128 125 103 1709 3.35 5408 0.377 04
74 ~vyqoace 0.97 098 64 0.0 245 159 157 101 1204 431 3734 0.37 0.46
75  yqoee 092 099 147 0.0 467 132 130 101 108.7 3.72 369.7 0.354 0.4
76 ~v47a 093 094 368 0.0 467 133 130 1.03 164.7 3.48 5179 0.377 04
77  ~v47. 092 1.00 460 0.0 537 128 125 103 1709 3.35 5408 0.377 04
78  ~v47a 092 100 143 0.0 537 127 125 101 1731 335 5408 0.377 04
HE 1414-0848
79  ~sace 152 0.71 188 5.9 043 351 3.09 114 70.81 599 358.3 0.526 0.6
80 s 146 179 119 40. 090 252 240 1.05 4674 4.09 1720. 0.595 0.7
8l ~sys 152 145 188 5.9 043 351 3.09 114 70.81 599 358.3 0.526 0.6
82  ~aace 083 0.71 188 59 043 351 309 114 70.81 599 3583 0.526 0.6
83 7ava 091 099 177 12 1.33 219 208 105 7122 351 2170. 0.596 0.7
84  ~qoce 095 0.71 188 59 043 351 309 114 70.81 599 3583 0.526 0.6
85 ~4g7a 095 099 219 95 1.33 222 208 1.07 701.3 3.51 2170. 0.596 0.7
86 v47a 096 098 170 15 128 222 211 105 7021 355 2134. 0.596 0.7
WD 1704+481a
87  ~Asace 1.67 0.60 52 360. 141 206 188 1.09 40.37 3.66 6566 0516 0.3
88 sace 1.88 0.62 15 175. 1.17 219 200 1.09 9352 3.79 66.89 0.537 0.3
89  Asace 205 043 7 135. 136 203 190 1.07 2528 351 96.02 0.54 0.38
90 s 1.67 152 52 360. 141 206 1.88 1.09 40.37 3.66 65.66 0.516 0.3
91 s 1.88 150 15 175. 1.17 219 200 1.09 9352 3.79 66.89 0.537 0.3
92  7aace 1.01 0.60 52 360. 141 206 188 1.09 40.37 3.66 6566 0516 0.3
93  vaoe 1.13 0.62 15 175. 1.17 219 200 1.09 9352 3.79 66.89 0537 0.3
94  ~vava 1.01 055 52 360. 141 206 188 1.09 40.37 3.66 6566 0516 0.3
95 ~g4ace 1.11  0.60 52 360. 141 206 1.88 1.09 40.37 3.66 65.66 0.516 0.3
96  vyqoce 1.24 0.62 15 175. 1.17 219 200 1.09 9352 3.79 66.89 0.537 0.3
97  yqoce 1.37 034 2 110. 148 193 186 1.04 2945 3.33 120.2 0.56 0.39
98 v47. 1.37 063 2 110. 148 193 186 1.04 2945 3.33 120.2 0.56 0.39

Table 5.6: Selected model solutions for the double enve@eetion scenari¢gcontinued)
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Nr.  Meth. 1 72, A7 AAT 7 My Mz qu P ga2m  Pm My My
Olce2 Myl’ % Gyr M@ M@ d d M@ M@
WD 1704+481b
99 Ysace 1.65 053 292 1360. 0.73 283 259 1.09 47.21 6.37 161.8 0.458
100  ysace 1.74 0.76 285 1326. 0.75 2.76 255 1.08 49.12 6.40 107.3 0.467
101 sy 1.64 187 182 810. 223 168 165 101 212.1 4.08 478.6 0.4588
102  vyacce 0.96 1.05 465 2223. 1.00 262 231 1.14 4402 6.10 63.28 0.384
103 va7yv. 098 099 199 895, 259 159 157 101 256.0 3.81 664.0 0.45B9
104 a7y, 094 097 181 805. 223 168 165 1.01 2840 3.88 892.6 0.4%1
105 ~ygace 1.03 0.15 182 810. 223 168 165 1.01 212.1 4.08 478.6 0.4588
106 ygace 1.00 0.76 332 1562. 0.75 287 255 1.12 33.29 6.40 107.3 0.467
107  ~y47a 095 097 181 805. 223 168 165 101 2840 3.88 892.6 0.4%1
108 y47va 1.00 099 199 895. 259 159 157 101 256.0 3.81 664.0 0.45B9
HE 2209-1444
109 qsace 1.69 054 517 3.3 145 237 195 121 1485 355 168.2 0.555
110  ysace 1.56 0.88 552  10. 0.75 3.79 255 149 87.01 448 113.8 0577
111 sy 1.62 1.64 262 48. 1.20 237 216 1.09 150.0 3.93 304.6 0.555
112 sy 163 1.73 510 2.1 1.24 259 214 121 403.6 3.62 596.1 0.599
113 yaowe 1.19 090 42 92. 1.20 219 216 1.01 121.7 4.08 97.10 0.53
114 ~yaace 098 054 517 3.3 145 237 195 121 1485 355 168.2 0.555
115 7.7, 1.00 1.00 612 22. 165 228 186 1.23 968.0 295 1061. 0.633
116  va7y. 1.08 1.00 499 0.2 1.87 206 176 1.17 8095 294 777.6 0.600
117  ~yqace 1.06  0.53 347  31. 1.35 231 203 114 80.61 3.76 169.5 0.544
118 ~ygace 1.12 0.88 559  12. 0.75 384 255 150 7151 448 113.8 0577
119 ~gva 115 0.86 744 49. 1.35 276 203 136 556.8 3.27 8817 0.622
120  y47a 1.00 0.81 731 46. 148 255 193 132 1356 3.38 4375 0577

©ooooo0o0000

Table 5.6: Selected model solutions for the double envegjeetion scenari¢continued)



Hoofdstuk 6

Vorming en evolutie van compacte
dubbelsterren

In dit proefschrift wordt onderzoek naar een bepaald typlebeisterren beschreven. In
hoofdstul6.1 geef ik een korte inleiding over het ontstaan en de evolwtiesterren in het
algemeen en in hoofdst@k2 beschrijf ik wat er verandert wanneer twee van deze sterren
samen een dubbelster vormen. Ik zeg kort iets over de zogetetzlvormige sterhopen

in de centra waarvan sommige van de dubbelsterren die weshaittlerzocht voorkomen.
We hebben dan voldoende kennis van zaken om in hoof@sBik wat meer detail in te
gaan op de wetenschappelijke inhoud van dit proefschrift.

6.1 Ontstaan en evolutie van enkele sterren

Sterren worden gevormd uit gaswolken die zich voornameiijiie spiraalarmen van ster-
renstelsels bevinden. Een bekend voorbeeld is de Oriohvexarin sterren met leeftijden
tussen de 500000 en 2 miljoen jaar (0.01-0.04% van de keti) de Zok) worden ge-
vonden en waar de stervorming nog steeds aan de gang is. Algaswolk samentrekt
ontstaan lokale verdichtingen. In zo'n verdichting stijigttemperatuur, totdat de tempera-
tuur en druk in het centrum voldoende hoog zijn om kernfusiaten plaatsvinden. Water-
stofkernen worden gefuseerd tot heliumkernen en hierbijtkgenoeg energie vrij om de
het gas te laten stralen. De verdichting is nu in evenwichtekt niet langer samen: er is
een ster gevormd. Sterren waarin de energieproductie werdbrgd door waterstoffusie
in de kern wordemoofdreekssterregenoemd.

De Zon is een voorbeeld van een hoofdreeksster en heeft mailfg&l jaar waterstof-
fusie ongeveer de helft van haar totale voorraad waterstdfruikt. De Zon heeft een
massa die ruim 330000 keer zo groot is als die van de Aardedieemeter van bijna 110
aarddiameters, een lichtkracht van bijha 1026 Wattf® en een oppervlaktetemperatuur van
zo’'n 5500°C. Als we deze grootheden voor andere sterren beschrijvakemwe meestal
gebruik van deze zonne-eenheden: een zonsmassy €en zonsstraal;) en een zons-

1De leeftijd van het zonnestelsel is aan de hand van meteorigtpaald op ongeveer 4,5 miljard jaar.
24 % 1026 = 400 000 000 000 000 000 000 000 000, een 4 gevolgd door 26nulle
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M t R L T, T Pe Aantal

(Mo) (M) (Re)  (Le)  (°C) (miin°C) (gem®) (to.v. 1Mp)

0,5 52600 0,50 0,05 4138 9,8 141 7,07
0,8 11600 0,79 0,38 5380 13,4 156 2,34
1,0 4900 1,01 1,05 6080 15,9 157 1,00
1,5 1660 1,95 6,75 6930 20,9 102 0,131
2,0 582 2,23 20,4 8500 22,5 69,8 0,0232
2,5 405 2,80 57,8 9800 24,1 48,7 0,00959
3,0 246 3,09 120 11100 25,2 37,8 0,00380
5,0 70,6 4,19 895 15700 28,6 18,7 0,000327
10,0 12,7 5,74 8590 23500 32,8 8,53 0,0000116
20,0 5,18 8,78 67900 31700 37,0 4,40 0,00000093
50,0 2,41 15,9 527000 39300 41,4 2,34 0,00000005

Tabel 6.1: Enkele eigenschappen van stermodellen met densaglling van de Zon, halver-
wege de hoofdreeks: de magga de leeftijdt in miljoenen jaren, de stradt, de lichtkracht
L, de temperatuur aan het oppervlak en in het centflinin(°C enT.. in miljoenen°C), de
centrale dichtheigh. en het aantal sterren met deze massa voor iedere ster hiigt De
leeftijd van de 0,5/ -ster is bijna 4 keer de leeftijd van het heelal.

lichtkracht (o). Andere hoofdreekssterren lijken vaak op de Zon, maar lgenschappen
schalen met de massa van die ster (zie Ta&ldgl Zo zijn lichtere hoofdreekssterren iets
kleiner, een stuk koeler en veel lichtzwakker dan de Zowiferwaardere sterren op de
hoofdreeks juist iets groter, een stuk heter en veel ligttktiger zijn. Zo heeft een ster
van 10 zonsmassa'$({ M) op de hoofdreeks een straal V@R, een lichtkracht van cir-
ca10000 L en een opperviaktetemperatuur van zo’n 23000Doordat zo’n zware ster
een ongeveer 10 keer grotere waterstofvoorraad heeft, @eaat0 000 keer hoger verbruik,
duurt de hoofdreeksfase dus slechts een duizendste vaami@gevZon. Hoofdreekssterren
van0, 8 M of minder hebben meer dan de leeftijd van het heelal nodigeoavdlueren en
deze zien we dus altijd ‘jong’. Zware sterren zijn zeldzaanof iedere 10/ -ster zijn er
bijna 100000 ‘zonnen’), lichte sterren komen zeer veel {aw Tabeb.1).

De hoofdreeks is de langstdurende fase uit het actieve leueaen ster (ongeveer 80%),
zodat de meeste sterren die we waarnemen hoofdreeksstgreZolang waterstoffusie
plaatsvindt in de kern is de ster in evenwicht en verandeijariightkracht en opperviak-
tetemperatuur maar weinig. Als het waterstof opraakt véeainde ster echter drastisch.
De kern bestaat nu helemaal uit helium en doordat er geea faser plaatsvindt gaat de-
ze heliumkern samentrekken. Hierdoor nemen druk en terhperan de kern toe, zodat
net buiten de kern een schil ontstaat waarin de druk en teahperhoog genoeg worden
voor de zogenaamdehilverbranding van waterstof. In dit proces wordt waterstof uit de
mantel van de ster omgezet in helium en toegevoegd aan de Kéerbij wordt de kern

SHet begripverbrandingwordt vaak gebruikt vookernfusie
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steeds zwaarder, compacter en heter. Door de hoge tempenatoet centrum van zo’n
ster dijt de ster uit. De mantel koelt hierdoor af en wordt\vamstief, dat wil zeggen dat
het energietransport plaatsvindt door middel van opsiijigehete gasbellen. Als de mantel
helemaal convectief is, zwelt de ster nog verder op. Het ofigevan de reuzenster ligt
zo ver van het hete centrum dat het koeler is dan voorheenadalar rood van kleur. Dit
type ster wordt eerode reusgenoemd. Sterren die lichter zijn dan ongeveeri4 kun-
nen een straal tot 158, hebben op de rode-reuzentak, zwaardere sterren zwelleshemin
op (zie bijvoorbeeld Figuls.1 op pagina6). Als de Zon een rode reus wordt kan zij een
lichtkracht bereiken die 1000 keer haar huidige lichtktdigdraagt. Er wordt aangenomen
dat deze reuzensterren door de hoge lichtkracht en de lagariskracht aan het opper-
vlak veel materie verliezen in een zogenaarstigrenwing al is het moeilijk om uit de
waarnemingen of theorie te bepalen hoeveel dit precies is.

Voor alle sterren die zwaarder zijn dan /8, worden aan het einde van de rode-
reuzenfase de centrale druk en temperatuur hoog genoegliumhesie mogelijk te maken.
Hierbij wordt helium gefuseerd tot koolstof en zuurstofj 8erren met lage massa (minder
dan 2,4M) is de druk in de kern onafhankelijk van de temperatuur. Vegnineliumfu-
sie begint neemt de temperatuur toe, maar de kern exparidesgtste instantie nog niet
doordat de druk gelijk blijft. Hierdoor versnelt de heliumsfe totdat de ontkoppeling tus-
sen temperatuur en druk opgeheven wordt, de kern alsnogédgpé en de fusiesnelheid
omlaag gaat. Deze explosieve heliumverbranding worditedie@mflitsgenoemd. Bij sterren
met een massa groter dan 2/, komt de heliumfusie geleidelijk op gang.

De ster is nu aanbeland op Herizontale tak In de kern vindt heliumfusie plaats, om
de kern bevindt zich nog steeds de waterstoffusieschil.h&tshelium in de kern opraakt,
gaat de koolstof-zuurstofkern op zijn beurt krimpen en dienlagen van de ster gaan
weer uitzetten, net als aan het einde van de hoofdreeksreStewaarder dan ongeveer
10 M kunnen vele van deze kernfusiestadia doorlopen. Bij iediyand stadium worden
zwaardere elementen geproduceerd en ieder volgend staditloopt sneller. Zo heeft
een ster van 10/ een hoofdreeksfase van ongeveer 20 miljoen jaar, de helsiméuurt
ongeveer 2 miljoen jaar, koolstoffusie zo'n 1000 jaar, zteffusie 2 jaar en siliciumfusie
3 dagen. Uit silicium worden uiteindelijk ijzer en nikkelrmgemaakt en door middel van
kernfusie kan uit deze elementen geen energie meer worderalge Dit leidt tenslotte tot
het instorten van de ijzer-nikkelkern van de ster tot eeatronensteof misschien een zwart
gat. Een neutronenster is een bal met een massa van ongev&éy £n een diameter van
slechts 20km, een zwart gat is iets zwaarder en kleiner. &ijtplosie van de kern komt
voldoende energie vrij om de buitenlagen van de ster de alimte blazen. Zo’n explosie
van een zware ster staat bekend alssgrernovdzie Figuur6.1a).

In dit proefschrift bekijken we de evolutie van sterren didi¢ht zijn om een supernova-
explosie te ondergaan, al komen er ook neutronensterrem waarvan we dus weten dat
ze in het verleden door een supernova moeten zijn gevormsl.eéh ster lichter dan on-
geveer 10/ het helium in zijn kern verbrand heeft, trekt de koolstofimiofkern samen
en wordt heter. Om deze kern ontstaat nu een nieuwe schit, vediamfusie plaatsvindt.
Daarbuiten bevindt zich nog steeds de waterstoffusie&ibiFiguur6.2). Zo'n ster bevindt
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Figuur 6.1: De overblijfselen van sterrehinks (a): De Krabnevel is het restant van een
supernova, de explosie van een zware ster (Foto: Europaghe3n Observatory)Rechts
(b): De Ringnevelis een planetaire nevel, het eindstadiuneearlichte ster. In het centrum
is de centrale ster nog zichtbaar (Foto: The Hubble Heritagen (AURA/STSCcI/NASA)).

zich op deasymptotische reuzentéksymptotic giant branch, AGB) en wordt een AGB-ster
genoemd. Doordat de twee verbrandingsschillen hun brahdsh de buitenkant halen en
het fusieproduct aan de binnenkant aan de kern toevoeden, ¢& schillen zich als het wa-
re een weg naar buiten. Intussen ontwikkelt de ster zogededvira-pulsaties’, waarbij
de ster uitzet en samentrekt met een periode van ongeve@arels de ster expandeert
koelt het oppervlak sterk af. Hierdoor kan zich stof vormeat ervoor zorgt dat de ster zijn
buitenste laag snel verliest. Dit gaat zo door totdat de kamde ster overblijft, omgeven
door de ijle nevel die gevormd is uit de vroegere buitenlagande ster.

De sterkern bestaat uit koolstof en zuurstof, of — voor de adare sterren — uit
zuurstof en neon. De vroegere buitenlagen van zo’n ster evombg een tijd aangestraald
door het energierijke licht van de centrale ster en zijn thahr als eemplanetaire nevel
(Figuur6.1b) om de kern van de ster. In de voormalige sterkern vindt rendasie meer
plaats. De ‘ster’ straalt nog door zijn hoge temperatuuamnkaelt hierdoor af en wordt dus
steeds zwakker. Zo’n overblijfsel van een ster wordt egtte dwerggenoemd. Het over-
blijfsel van de Zon zal vermoedelijk een koolstof-zuurstdtte dwerg zijn met een massa
van ongeveer 0,8/, al is dit getal onzeker door de onzekerheid in het massagatbor
de sterrenwind tijdens de reuzenfase en de AGB-fase. Eé¢a aviterg van 0,8/, heeft
een diameter van ongeveer 0,025, zo’n 10000km. Zwaardere witte dwergen hebben
een sterkere zwaartekracht en zijn door de grotere comipregssner.

Figuur7.1 op paginda43toont een kleur-magnitude-diagram waarin de ‘kleBr—V
en visuele magnitud® van 20546 nabije sterren is uitgezet. Van rechtsonder iaes-I
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Waterstoffusie:

4H - He

T > 7 miljoen graden

Heliumfusie:

3He » C
C+ He~->0

T > 200 miljoen graden

Figuur 6.2: Schematische doorsnede van de kern van een A&Bran binnen naar buiten:
de inerte koolstof-zuurstofkern (C,0), de heliumfusigsate inerte heliumlaag (He), de
waterstoffusieschil en de waterstofmantel (H).

boven is de hoofdreeks (MS). GB is de reuzentak, HB de hot@etak en WDs zijn witte
dwergen. De lijnen zijn evolutiesporen van stermodelleor@®5, 1,0, 2,5, 5 en 10/ . De
gestreepte lijn toont het einde van de evolutie van dé:tster, die uiteindelijk een witte
dwerg wordt. De lichtkrachf, en temperatuuf.g geven een indicatie, maar gelden strikt
genomen voor de hoofdreeks.

6.2 Evolutie van dubbelsterren

Van de circa 5000 sterren die men met het blote oog kan waaméatijken zo’n 2000
eigenlijk dubbelsterren of meervoudige sterren te zijn. nMienkt dat globaal geldt dat
ongeveer 60% van alle sterren zich in een dubbelster bevibdtster die het dichtst bij

de Zon staat, Proxima Centauri, maakt deel uit van een ‘dhbbdister’, als begeleider
van het veel nauwere paarCentauri, dat met het blote oog kan worden waargenomen.
Sterren in een dubbelster zijn gebonden door elkaars zekaartht en draaien in banen
om elkaar heen. Wanneer de sterren ver van elkaar staars, inda¢t geval van Proxima
Centauri, merken zij weinig van hun begeleiders en zo'n zrijn evolutie effectief als
enkele ster doorlopen. Zulke dubbelsterren hebben baadesrvan 10 jaar of meer. Voor
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Figuur 6.3: Driedimensionale weergave van het potentedivan een dubbelster met een
massaverhouding van 2, in een stelsel dat coroteert metloeethier. De druppelvormige
gebieden in de equipotentiaalplot op de bodem van de figyrudei Roche-lobben van de
twee sterren (dikke lijnen). De puntdi, L, en L3 zijn de punten van Lagrange waar
de krachten elkaar opheffen. Via het zadelplptkan gas van de ene ster naar de andere
vloeien als deze zijn Roche-lob vult.

dubbelsterren met een baanperiode van minder dan 10 jadtrdgdlde sterren tijdens de
reuzenfase of op de AGB ongeveer zo groot kunnen worden agstlnd tussen de twee
sterren. Het duidelijk dat de twee sterren elkaar dan stallerz beinvioeden en dat de
situatie in zo’n geval totaal anders is dan het geval van akele ster.

Om te bedenken wat er in een nauwe dubbelster zoal kan geheteden we ons een
deeltje voor dat zich in de buurt van een van de twee sterreimde Het deeltje wordt
dan aangetrokken door de zwaartekracht van de ster en zafleater toe vallen. Als het
deeltje zich van de eerste ster af beweegt, in de richtingdeatweede ster, dan wordt de
zwaartekracht van de eerste ster steeds zwakker en die vavedde ster steeds sterker.
Vanaf een bepaald punt zal het deeltje dus eerder naar delévgter vallen dan naar de
eerste ster. In werkelijkheid speelt hierbij niet alleerzdmartekracht van de twee sterren
een rol, maar ook de centrifugaalkracht die wordt geintoegrd door de baanbeweging in
de dubbelster. Het deeltje beweegt dus in het potentiablesi deze drie krachten en dit is
weergegeven in Figu.3.

De Roche-lobbedie in de Figuur worden getoond vormen het gebied waar eebiste
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nen moet blijven om zijn gas aan zich gebonden te houden. ala zagen we dat een
zwaardere ster sneller evolueert. Van de twee sterren inleebelster zal de zwaarste ster
dus als eerste van de hoofdreeks afkomen en gaan opzwelleartoode reus. Wanneer
de ster groter wordt dan zijn Roche-lob, kan het gas van dezevia het eerste punt van
Lagrange [, in Figuur6.3), naar de tweede ster vloeien. Er vindt dus materie-overdra
plaats van de zwaardere ster naar zijn begeleider. AangelEemassa de belangrijkste
factor is die de eigenschappen van een ster bepaalt, kanotigiewan zo'n ster dras-
tisch veranderen. Wanneer de donorster zijn waterstofahahtoor de AGB verliest door
materie-overdracht naar zijn begeleider, ontstaat eete witerg die veel lichter is dan de
witte dwerg die zou zijn gevormd wanneer de ster zich nietim @ubbelster zou bevinden.
Als de materie-overdracht voor of op de rode-reuzentak gebentstaat bovendien een he-
lium witte dwerg, in plaats van een koolstof-zuurstof witiwerg. Daarnaast verandert de
baanperiode van een dubbelster aanzienlijk bij materereracht, doordat met de materie
impulsmomerftwordt overgedragen.

Wanneer de begeleider van de donorster voldoende grootde ematerie-overdracht-
snelheid niet te hoog, dan zal de begeleider het overgeniga® kunnen invangen. Als
deze ster een hoofdreeksster is, dan kan hij behoorlijk aassawinnen en zich gaan ge-
dragen als een zwaardere ster. Materie-overdracht kaohlgems in de omgekeerde richting
plaatsvinden, nadat de begeleider zelf ook van de hoofdraeffeévolueerd is. Echter, in
het geval dat de begeleider een compacte ster is, zoals agnmenster, dan draagt de ma-
terie te veel impulsmoment om de ster direct te raken en envnich eeraccretieschijom
het compacte object (zie afbeeldingeanb op de voorplaat). Het gas in de accretieschijf
wordt versneld door de sterke zwaartekracht van het corapdaject, wordt verhit en zendt
grote hoeveelheden rontgenstraling uit. We zien deze elstdyren alsdntgendubbelster-
ren (X-ray binaries). Als de materie-overdrachtsnelheid hgegoeg is kan een deel van de
materie zelfs de dubbelster verlaten.

Wanneer een reuzenster zijn Roche-lob vult is de materedoachtsnelheid vaak erg
hoog. De ster heeft dan een diepe convectieve mantel en eano® ster een beetje gas
verliest doordat hij zijn Roche-lob overvult, dan zet der st en overvult zijn Roche-
lob nog meer. Hierdoor neemt de materie-overdrachtsre:liogi, de ster zet verder uit,
enzovoorts. De materie-overdracht is in dat geval instadiede begeleider van zo’'n ster
is in het algemeen niet in staat zoveel gas in zo korte tijetimangen. Men denkt dat de
mantel van de donor zo snel uitzet, dat deze de begeleideombkilt en er sprake is van
eengemeenschappelijke manebmmon envelope). De kern van de donor en de begeleider
draaien nu rond binnen deze mantel. Door de wrijving van last gpiraliseren de twee
sterren naar elkaar tosiral-in) en de baanperiode neemt dus (sterk) af (zie Figudr

Een andere methode waarmee dubbelsterren kunnen wordeenbes door de snel-

4Met het begripmpulsmomentvordt in de natuurkunde de hoeveelheid draaiing aangegéwgoulsmoment
kan net als energie niet verloren gaan, maar wel worden edeagen. Een voorwerp heeft meer impulsmoment
wanneer het sneller draait, zwaarder is of een grotererdidias heeft. Een bekend voorbeeld van impulsmoment-
behoud is de ijsdanser die al draaiende zijn armen intreldrdairadius wordt kleiner en dus moet de draaisnelheid
groter worden. Als de draaisnelheid niet groter zou worden, er impulsmoment verloren zijn gegaan. Als de
ijsdanser spontaan sneller zou gaan draaien, zou er impaoiemt worden geproduceerd.
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Figuur 6.4: Wanneer een reuzenster zijn Roche-lob vult kamdterie-overdracht instabiel

zijn. Er ontwikkelt zich dan een gemeenschappelijke mantarbinnen de twee sterren
naar elkaar spiraliseren, zodat een zeer nauwe dubbedstenrkstaan (zie de hoofdtekst en
afbeeldingerc end op de voorplaat).

heid van sterren te meten. Wanneer twee sterren om elkaardnaaien, beweegt over het
algemeen immers de ene ster naar ons toe terwijl de anderengaf beweegt en omge-
keerd. Dit gedrag herhaalt zich met een periode die geligais de baanperiode van de
dubbelster. Door middel van het Doppler-effekain deze periodieke verandering worden
gevonden en de verhouding in radiéle snelheden van de tegersis een maat voor hun
massaverhouding. Een voorbeeld van zo’n waarneming endiideasnelheden die hieruit
gemeten worden is te vinden in FiguuBop pagind 1.

In de buurt van de Zon is de gemiddelde afstand tussen sterijegroot; in de orde
van eenparse€. De kans dat een (dubbel)ster door een andere ster wondtlbed is
daardoor zeer gering en het is aannemelijk dat (dubbelgsteren geisoleerd bestaan lei-
den. Dit is echter anders in gebieden met een hoge sterdidhttoals in het centrum van
een sterrenstelsel of in edwlvormige sterhoojfzie Figuur6.5). In het centrum van een
bolvormige sterhoop, of bolhoop, kan de sterdichtheid edjoem keer hoger zijn dan in
de buurt van de Zon en hierdoor is de kans op ‘botsingen’ tustsren een biljoen keer
groter. Zo'n botsing kan een fysieke botsing zijn tussenetweerren, maar bijvoorbeeld
ook een ‘ontmoeting’ tussen een ster en een dubbelster & tiubbelsterren. Bij zo'n
ontmoeting kan uitwisseling plaatsvinden tussen de steram de dubbelster en de ont-
moetende sterren, zodat een totaal andere dubbelster kstaam Het blijkt dat het aantal
heldere rontgendubbelsterren in bolhopen naar verhgudiel groter is dan elders in ons

5Het Doppler-effect is ook verantwoordelijk voor de versising in toon van de sirene van een ambulance bij
naderen of verwijderen.
8Een parsec is 3,26 lichtjaar, ongeveer 30 biljoen kilom¢ger000 000 000 000 km).



Vorming en evolutie van compacte dubbelsterren 135

Figuur 6.5: De bolvormige sterhoop M15 in het sterrenbe@ddBus is net niet zichtbaar
met het blote oog. De bolhoop herbergt twee heldere robtgemen. In 2005 werd ontdekt

dat een van deze twee bronnen een ultracompacte rontgeeldtdy is met een baanperiode
van slechts 23 minuten. (Foto: NOAO/AURA/NSF).

Melkwegstelsel en men vermoedt dan ook dat dit te maken hestftle hoge sterdichtheid
in de bolhopen, bijvoorbeeld doordat deze dubbelsterjarozitstaan uit botsingen tussen
(sub)reuzensterren en neutronensterren.

6.3 Dit proefschrift

In dit proefschrift worden twee typen compacte dubbelsteanderzocht. In hoofdst@ken

3 onderzoeken we het ontstaan van de heldere rontgendtdaibefsin bolvormige sterho-
pen. We laten zien dat een van de drie scenario’s die zijndbeden het ontstaan van deze
dubbelsterren te verklaren te weinig of zelfs helemaal deddere rontgendubbelsterren
oplevert binnen de leeftijd van het heelal. In hoofdstwkordt een heldere rontgendubbel-
ster in ons Melkwegstelsel onderzocht. Aan de hand van \eaargen uitbarstingen op de
neutronenster en een hoog gehalte van neon ten opzichteiuestaf tonen we aan dat de
donorster waarschijnlijk het overblijfsel is van een haliwitte dwerg die mogelijk door
een inspiralisering in een nauwe baan om de neutronengek@amen. In hoofdstukon-
derzoeken we de vorming van dubbele witte dwergen, die tasesfvan materie-overdracht
moeten hebben doorlopen. We concluderen dat onze modelleaargenomen massa’s en
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baanperiodes goed verklaren, maar dat het moeilijk is omdedtijdsverschil tussen de
componenten ook te verklaren.

6.3.1 Ontstaan en evolutie van compactedntgendubbelsterren

In de bolvormige sterhopen die bij ons Melkwegstelsel haverden 13 heldere rontgen-
bronnen waargenomen. Dit zijn rontgendubbelsterren erdeae 13 dubbelsterren hebben
er zeker 3, waarschijnlijk 5 en mogelijk 6 — 8 een ultrakoréabperiode van minder dan
ongeveer 40 minuten (zie Takllell op pagind). Dit zijn er in verhouding veel meer dan in
ons Melkwegstelsel en de verklaring wordt gezocht in hetfai de sterdichtheid veel hoger
is in de bolhopen dan in het vlak van de Melkweg. In (de cerdrg bolhopen vinden veel
meer botsingen tussen sterren plaats dan in het galactachen een van de theorieén luidt
dan ook dat de ultracompacte dubbelsterren ontstaan uiitdeng van een (sub)reuzenster
met een neutronenster. In zo’n geval ontstaat een wittegldiermaterie kan overdragen
naar de neutronenster en tijdens de materie-overdrachit\derbaanperiode altijd groter.

Een andere theorie zegt dat een ster van ongevigs, Idie zijn Roche-lob vult aan het
einde van de hoofdreeks en zijn materie overdraagt naar@anomenster, ook kan leiden
tot een ultracompacte rontgendubbelster. Normaal g&spravordt de baanperiode in zo'n
geval langer, maar wanneer de ster een ster magnetischeeficem een sterke sterrenwind,
dan kan dit leiden tot een kortere periode. Het gas dat dersthr wind verlaat wordt in
dit geval namelijk meegesleurd door de magnetische ve#tiij die ervoor zorgen dat de
wind tot op grote afstand nog coroteert met de ster. Het efatan vergelijkbaar met een
ijsdanser die zijn armen langzaam uitstrekt; hij gaat lamger roteren, in dit geval doordat
er impulsmoment van de ster wordt afgevoerd door de windidGitechts een zwak effect,
maar het kan miljarden jaren aanhouden. De ster gaat hielattggzamer om zijn as draaien
en dit proces wordinagnetische remmingnagnetic braking) genoemd.

De rotatie van een ster die materie overdraagtin een duieb&dsloor getijdenkrachten
gekoppeld aan de baanbeweging van de dubbelster (net a¢t getial van de Maan die
altijd met dezelfde zijde naar de Aarde gekeerd is). Het istpoment dat wordt verloren
door magnetische remming wordt hierdoor effectief uit darbanttrokken, waardoor de
dubbelster nauwer wordt en de baanperiode dus korter! Dedeebereikt bij een bepaalde
waarde een minimum en neemt vervolgens weer toe. Anderazoalers hebben aange-
toond dat op deze manier ultracompacte dubbelsterren kumoslen gevormd waarvan de
minimumperiode rond de 5 minuten ligt. Dit scenario wordkaeel magnetische vangst
genoemd. Het voordeel van deze theorie is dat het een wamarggndubbelster in een bol-
hoop zou kunnen verklaren, waarvan de baanperiode 11 nmirsiéa lijkt af te nemen. Ons
onderzoek toont echter aan dat om een baanperiode van Semiteubereiken meer tijd no-
dig is dan het heelal oud is. Een periode van 11 minuten lukimaar wij vinden dat er zeer
specifieke beginomstandigheden vereist zijn om zo’n perteckunnen bereiken. Dit bete-
kent dat de kans zeer gering is dat deze sterren in de natadwagkelijk gevormd worden,
en dat we dit ontstaansscenario dus waarschijnlijk kuneewerpen (hoofdstuk).

In hoofdstuk3 zetten we het onderzoek naar het scenario van de magnetiankst
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voort. We gebruiken nu een modernere wet om de magnetischimireg te beschrijven,
die empirisch is bepaald uit waarnemingen van roterendeestén de sterhopen Pleiaden
en Hyaden. Dit resulteert in een zwakkere afremming, waarde kortste minimumperi-
oden verschuiven van ongeveer 11 minuten naar 70 minutegrmée is het scenario van
de magnetische vangst definitief van de baan. Dit betekarietaafnemen van de baan-
periode van de 11-minuten dubbelster op een andere mamidaasd moet worden. Het
is inderdaad mogelijk dat de dubbelster versneld wordt inzieaartekrachtsveld van de
bolhoop waarin hij zich bevindt en dat hierdoor een schijelpgeriode-afname veroorzaakt
wordt. Daarnaast werd enkele maanden na het uitbrengentarike! een artikel van een
andere onderzoeksgroep gepubliceerd, waarin de ondeadeken zien dat ze met behulp
van de eerder genoemde botsingen alle waargenomen rémegeren in bolhopen kunnen
verklaren.

De heldere rontgendubbelsterren in bolhopen kunnen dudemoverklaard door bot-
singen. Zo'n botsing is het meest waarschijnlijk wanneer ster een (sub)reus is en in
dat geval zal de begeleider van de neutronenster zeer wgalific een helium witte dwerg
zijn. In het galactisch viak is de sterdichtheid te geringnzulke botsingen. Men vermoedt
dat de heldere rontgendubbelsterren die daar worden waangen ontstaan zijn uit een in-
spiralisering van een ster met een neutronenster. In zo/alian een helium witte dwerg,
een koolstof-zuurstof witte dwerg of zelfs een zuurstofmevitte dwerg ontstaan. Na de
inspiralisering wordt impulsmoment verloren door gratiéatraling, totdat de baanperiode
Zo kort is dat de witte dwerg zijn Roche-lob vult en materiatgaverdragen. Vanaf dat
moment gaat de dubbelster rontgenstraling uitzenden edtwe baanperiode weer langer.

Zo'n rontgendubbelster in het galactisch vlak is 2S 09¥®-Toordat dit systeem in
optisch licht relatief zwak is en in rontgenstraling erddes, bestaat het vermoeden dat
het hier om een ultracompacte dubbelster gaat. Uit hegeispectrum van de dubbelster
volgt dat de verhouding neon/zuurstof hoger is dan in bifeeeld de Zon. Hieruit trokken
onderzoekers de conclusie dat het hier om een zuurstof-wétan dwerg zou gaan. In
hoofdstukd wordt echter de waarneming van een lange uitbarsting op diearenster van
250918-549 besproken. Zulke lange rontgenuitbarstikgenen alleen worden verklaard
wanneer helium en eventueel waterstof op het opperviak geamedtronenster aanwezig is
en dit kan weer alleen het geval zijn wanneer de begeleidemhéen eventueel waterstof)
overdraagt naar de neutronenster. In een witte dwerg koant gaterstof voor en helium is
(nog) niet waargenomen. De vraag die we proberen te beant@ndn hoofdstul is dus:
wat is de donorster van 2S5 0918-5497

Een zuurstof-neon witte dwerg lijkt uitgesloten, ten eemindat deze erg zeldzaam
zijn (en er nog drie van deze dubbelsterren zijn waargendmenen tweede omdat deze
witte dwergen zwaarder zijn danM;, en om die reden waarschijnlijk uit elkaar worden ge-
scheurd wanneer ze materie zouden overdragen naar eenmengter. Dan blijven dus een
helium witte dwerg en een koolstof-zuurstof (CO) witte dgvever. We hebben modellen
berekend voor sterren van verschillende massa’s die emmgteiumkern en later een CO-
kern ontwikkelen. Hierin tonen we aan dat tijdens de wabdfissie, die moet leiden tot de
vorming van de heliumkern, zuurstof wordt afgebroken, tgmv met neon niets gebeurt.
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Om die reden is de neon/zuurstof-verhouding in een heliumé&Eeen helium witte dwerg
dus hoog. Tijdens heliumfusie wordt juist veel zuurstofgemaakt. In een CO-kern is de
verhouding neon/zuurstof dus juist erg laag (zie Tdbébp pagina6). We concluderen
dat de donorster in 2S5 0918-549 dus waarschijnlijk een imeliitte dwerg is, gebaseerd
op de lange rontgenuitbarsting en de hoge neon/zuurstdfeuding. We stellen daarom in
hoofdstulkd voor dat wanneer de materie-overdrachtsnelheid in 2S ®4Briet al te hoog
is, er een grote hoeveelheid helium kan worden opgespaardabdeze ontbrandt. Als de
heliumlaag dan ontbrandt gebeurt dit in een lange uitbagstioals is waargenomen. Wat
we niet kunnen verklaren is dat er geen helium wordt waamyemoin het spectrum. Er is
echter ook niet onomstotelijk bewezen dat er geen heliurweaig is en dus zou een toe-
komstige waarneming van helium in 2S 0918-549 het bestaaaamheliumdonor kunnen
bevestigen.

6.3.2 De vorming van dubbele witte dwergen

Wanneer een reuzenster zijn Roche-lob vult is de materdedoacht vaak instabiel en kan
een gemeenschappelijke mantel ontstaan, gevolgd doongginalisering van de twee ster-
ren binnen de mantel (zie Figuei). Bij de inspiralisering komt baanenergie vrij uit de
dubbelster. Om te schatten hoeveel de baanperiode kortelt tijdens dit proces neemt
men vaak aan dat er voldoende baanenergie vrij moet komereamadtel te ontbinden en
de ruimte in te sturen. De bindingsenergie van de stermatitelve kunnen uitrekenen met
behulp van een sterevolutiecode, geeft dus een idee vanaledibeid energie die moet
worden vrijgemaakt uit de baan van de dubbelster en hietuibkn we de verandering in
baanperiode tijdens de inspiralisering berekenen. Dieim@éthode van ‘energiebalans’.

In hoofdstuks gebruiken we deze methode om te evolutie van dubbele witergimn
te reconstrueren. Aangezien deze witte dwergen vrijwelnadlal te licht zijn om niet in
een dubbelster te zijn gevormd, en aangezien de dubbealstmnislechts enkele zonsstralen
groot zijn (zie Tabeb.1op paginad3), veel minder groot dus dan de reuzenster die zo’n wit-
te dwerg produceert, weten we dat al deze witte dwergen gevanoeten zijn na materie-
overdrachtin de dubbelster en dat de baanperiode tijdelzatite materie-overdrachtsfase
behoorlijk moet zijn geslonken. We proberen een aantalasi@s, zoals stabiele materie-
overdracht waarbij de begeleider al het gas invangt en vea lzien dat dit proces niet alle
waargenomen dubbelsterren kan verklaren. Ook de inspgratig met energiebalans blijkt
niet voldoende te zijn om alle dubbelsterren te produceYeéa.gebruiken daarom de ver-
onderstelling van andere onderzoekers dat in een insggralig niet de energie, maar het
impulsmoment behouden is. Het blijkt dat een variant op deg#hode inderdaad de waar-
genomen massa’s en baanperiodes van de dubbele witte sdwengeerklaren, zonder dat
erimpulsmoment verloren gaat of geproduceerd wordt. Wdesrook dat het reproduceren
van het gemeten leeftijdsverschil van de twee componentee idubbelster een stuk las-
tiger is. Een voorbeeld van een scenario waarin een dubbeleteeksster via twee fases
van een inspiralisering evolueert tot een dubbele wittergugete vinden in Figuut.4 op
paginal3.



Kapitel 7

Formation und Evolution von
kompakten Doppelsternen

In dieser Dissertation werden Untersuchungen einer begtm Klasse von Doppelsternen
beschrieben. In Kapit&l.1gebe ich eine kurze Einfuhrung iber das Entstehen undwtie E
lution von Sternen im Allgemeinen und in Kapi®eR beschreibe ich die Veranderungen,
die sich ergeben, wenn zwei solche Sterne einen Doppelstiglen. Ich beschreibe kurz
die Kugelsternhauferin deren Zentren manche der untersuchten Doppelsterkemwnen.
Wir haben dann gentigend Hintergrundwissen um uns in KlapRelen wissenschaftlichen
Inhalt der Dissertation im Detail anzuschauen.

7.1 Entstehung und Evolution von einzelnen Sternen

Sterne entstehen aus Gaswolken, die sich hauptsachlidanrSpiralarmen von Galaxi-
en befinden. Ein bekanntes Beispiel ist der Orionnebel, m 8terne im Alter zwischen

500000 und 2 Millionen Jahren (0.01-0.04% des Alters den§9mefunden werden und

wo Sternentwicklung immer noch stattfindet. Wenn sich eolele Wolke zusammenzieht
entstehen Verdichtungen. Die Temperatur in einer solcherdithtung steigt, bis die Tem-
peratur und der Druck hoch genug sind um Kernfusion zu elictign. Wasserstoffkerne
verschmelzen zu Heliumkernen und bei diesem Prozess koemiiggnd Energie frei um

das Gas leuchten zu lassen. Die Verdichtung ist jetzt imoBtgwichtszustand und zieht
sich nicht langer zusammen: Ein Stern ist entstandenn&telie ihre Energie durch Was-
serstofffusion im Zentrum produzieren, werddauptreihensterngenannt.

Die Sonne ist ein Hauptreihenstern und hat nach 4,5 Miiardahren von Wasserstoff-
fusion etwa die Halfte ihres Vorrates aufgebraucht. Ihi@ske ist mehr als 330 000 mal so
gross wie die der Erde, ihr Durchmesser misst fast 110 Edolaesser, ihre Leuchtkraft ist
fast4 x 1026 Watf und ihre Oberflachentemperatur betragt circa 53D0Andere Sterne
beschreiben wir meistens mit Sonneneinheiten: der Sonassen/ ), dem Sonnenradius
(Re) und der Sonnenleuchtkrafi.¢). Hauptreihensterne sind der Sonne oft ahnlich, aber

1Das Alter des Sonnensystems ist durch Meteoritendatieauigirca 4,5 Milliarden Jahre bestimmit.
24 % 1026 = 400 000 000 000 000 000 000 000 000, eine 4 gefolgt von 26 Mulle
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die genauen Eigenschaften hangen von der Sternmasseieltere Sterne sind ein bis-
schen kleiner, etwas kiihler und viel leuchtkraftschveicis die Sonne, wahrend schwe-
rere Sterne ein bisschen grosser, etwas heisser und Viet sied. Ein Stern von 10 Son-
nenmassenl() M) auf der Hauptreihe hat einen Radius R, eine Leuchtkraft von
10000 Le und eine Oberflachentemperatur von 23 5G0Weil ein solcher Stern einen et-
wa 10 mal grosseren Wasserstoffvorrat hat, aber auch 4m800 mal hoheren Verbrauch,
dauert seine Hauptreihenphase nur ein Tausendstel vored&odine. Sterne van 8 M,
oder weniger brauchen mehr Zeit fir die Hauptreihenphalsedas Universum alt ist und
wir sehen sie deswegen immer jung. Schwere Sterne sinchqelté jeden 10/ -Stern
gibt es fast 100000 ‘Sonnen’), leichte Sterne kommen sabfipvor. Tabell&.1 auf Sei-
te128zeigt von einigen Sternmodellen mit der Zusammenstell@rgdnne die Massk!

in Mg, das Altert in Millionen Jahren, den RadiuB in R, die LeuchtkraftZ in Le,
die Oberflachentemperatill; in °C, die Zentraltemperatdr, in Millionen °C, die zentrale
Dichtep, in g cm~2 und die Anzahl von Sternen mit dieser Masse fiir jeden Stétrth /1 .

Die Hauptreihe ist die langste Phase im aktiven Leben eftems (etwa 80%) und
deswegen sind die meisten Sterne, die wir beobachten kohtaiptreihensterne. Solange
Wasserstofffusion im Kern stattfindet, ist der Stern im Ggewicht und die Leuchtkraft
und Oberflachentemperatur andern sich nur wenig. WenWMéeserstoff im Kern aufge-
brauchtist, andert sich der Stern dagegen drastisch. Brerldesteht jetzt vollig aus Helium,
und da keine Fusion mehr stattfindet, zieht sich der Heliumkasammen. Dabei steigen
Druck und Temperatur im Zentrum und demzufolge entwickelt am den Kern eine Scha-
le, in der Temperatur und Druck hoch genug sind fiir Salsalenbrenneéhvon Wasserstoff.
Beim Wasserstoffschalenbrennen wird Wasserstoff aus demtéll zu Helium fusioniert
und zum Kern zugefigt. Dabei wird der Kern immer schwerighter und heisser. Wegen
der hohen Temperatur des Sternzentrums dehnt der SterraggctDer Mantel wird da-
durch konvektiv, das heisst, dass der Energietranspochdugisse aufsteigende Gasklum-
pen stattfindet. Wenn der Mantel ganz konvektiv ist, dehntSdern sich noch weiter aus.
Die Oberflache des Sterns befindet sich jetzt so weit weg \@issén Kern, dass sie kiihler
ist als vorher und deswegen rot erscheint. Diese Sternean&dte Riesegenannt. Sterne
leichter als circa 2,4/, kdonnen Radien bis 158, am Rote-Riesen-Ast haben, schwere-
re Sterne dehnen sich weniger aus (siehe Abbilduhguf Seite86). Wenn die Sonne ein
Roter Riese wird, kann ihre Leuchtkraft das hundertfacheriheutigen Leuchtkraft betra-
gen. Wahrscheinlich verlieren diese Riesensterne duretgitosse Leuchtkraft und geringe
Oberflachengravitation viel Materie durch eir@ternwind obwohl schwer festzustellen ist,
wie gross dieser Verlust genau ist.

Fur alle Sterne schwerer als Q\&, werden am Ende der Rote-Riesen-Phase der zen-
trale Druck und die Temperatur hoch genug um Heliumfusiorrmidglichen. Dabei wird
Helium zu Kohlenstoff und Sauerstoff fusioniert. Fiir Semit geringer Masse (weniger
als 2,4M) ist der Druck im Zentrum unabhangig von der Temperatumidie Helium-
fusion beginnt, steigt die Temperatur, aber der Kern exgahdnfanglich noch nicht, da
der Druck gleich bleibt. Demzufolge beschleunigt die Helfusion, bis die Entkoppelung

3Der Begriff Brennenwird oft fiir Kernfusionverwendet.
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zwischen Temperatur und Druck aufgehoben wird. Der Kerraadfert nachtraglich und
die Fusionsgeschwindigkeit sinkt. Dieses explosive Hhelitennen wirdHeliumblitz ge-
nannt. Fur Sterne mit einer Masse hoher alsi#findet die Heliumfusion von Anfang an
gemachlich statt.

Der Stern ist jetzt auf derhorizontalen Astangelangt. Im Kern findet Heliumfusion
statt, um den Kern herum befindet sich immer noch die Wasd#ustionsschale. Wenn das
Helium im Kern aufgebrauchtist, zieht sich der Kohlenst®éuerstoff-Kernzusammen und
der aussere Mantel expandiert wieder, so wie am Ende deptialoenphase. Sterne schwe-
rer als ungefahr 10/ kdnnen viele von diesen Kernfusionsstadien durchlaBenjeder
folgenden Phase werden schwerere Elemente produziertagednachste Phase verlauft
schneller. Fur einen Stern von 10, dauert die Heliumfusion im Kern etwa 20 Millionen
Jahre, die Heliumfusion 2 Millionen Jahre, die Kohlendtedfion etwa 1000 Jahre, die Sau-
erstofffusion 2 Jahre und die Siliziumfusion 3 Tage. Augz&im werden schliesslich Eisen
und Nickel produziert und aus diesen Elementen kann durchfgion keine weitere Ener-
gie gewonnen werden. Dadurch kollabiert der Eisen-Nickelldes Sterns zu eineNeu-
tronensterroder einem schwarzen Loch. Ein Neutronenstern ist ein Kunjiediner Masse
von circa 1.4V und einem Durchmesser von etwa 20km, ein schwarzes Loclwase
schwerer und kleiner. Bei der Implosion des Sternkerns géndiigend Energie frei um den
ausseren Mantel ins Weltall wegzuschleudern. Eine sdeipéosion eines schweren Sterns
wird eineSupernovagenannt. Abbildung.1a auf Seited30zeigt den Krebsnebel, den Rest
einer Supernova, die im Jahre 1054 sichtbar war.

In dieser Dissertation untersuchen wir die Entwicklung Biarnen, die zu leicht sind
um eine Supernova-Explosion zu verursachen. Es kommeulialgs auch Neutronenster-
ne vor, von denen wir wissen, dass sie aus Supernova-Egplsentstanden sein missen.
Wenn ein Stern, der leichter als etwalf, ist, sein Helium im Kern aufgebraucht hat, zieht
sich der Kohlenstoff-Sauerstoff-Kern zusammen und wirdder. Um diesen Kern herum
entsteht eine neue Schicht, in der Helium fusioniert, absdle gibt es immer noch die Was-
serstofffusionsschale. Ein solcher Stern liegt auf @sgmptotischen Riesendasymptotic
giant branch, AGB) und wird AGB-Stern genannt. Abbildéhgauf Seitel31 zeigt sche-
matisch den Aufbau eines AGB-Sterns, von innen nach audserKohlenstoff-Sauerstoff-
Kern (C,0), die Heliumfusionsschale, die inerte Heliumeskth(He), die Wasserstofffusi-
onsschale und den Wasserstoffmantel (H). Weil beide Fasairalen ihren Brennstoff von
ausserhalb der Schale entnehmen und das Fusionsprodutt¢alifnenseite deponieren,
‘essen’ die Schalen sich einen Weg hinaus durch den Mantghréviddessen entwickelt
der Stern ‘Mira-Pulse’, wobei er sich mit einer Periode vomaeinem Jahr ausdehnt und
zusammenzieht. Bei jedem Puls kiihlt die Oberflache starksbildet sich Staub und da-
durch verliert der Stern schnell seine aussere Schichtieaslich bleibt nur der Kern ibrig,
umgeben von einem diinnen Nebel, der aus dem Sternmantielegeturde.

Der Sternkern ist aus Kohlenstoff und Sauerstoff aufgebader — bei schwereren
Sternen — aus Sauerstoff und Neon. Der frihere Sternmaiitéinoch von dem ener-
getischen Licht des Zentralsterns angestrahlt und istialPlanetarischer Nebedlichtbar.
Abbildung6.1b auf Seitel 30zeigt den Ringnebel, einen Planetarischen Nebel, dessen Ze
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tralstern noch sichtbar ist. In dem ehemaligen Sternkedefijetzt keine Kernfusion mehr
statt. Der ‘Stern’ strahlt noch wegen seiner hohen Temperaber kihlt dabei ab und wird
immer schwacher. Ein solcher Rest von einem leichten Sténch ein Weisser Zwergye-
nannt. Von der Sonne wird vermutlich ein Kohlenstoff-Sateff Weisser Zwerg mit einer
Masse von 0,8/, Ubrig bleiben. Diese Zahl ist allerdings wegen der Ungibb#im Mas-
senverlust durch den Sternwind wahrend der Rote-Riesasd’und der AGB-Phase nicht
genau bekannt. Ein Weisser Zwerg von 8{6, hat einen Durchmesser von etwa 0,045,
circa 10 000 km. Schwerere Weisse Zwerge haben eine gg&savitation und sind durch
die starkere Kompression kleiner. Abbildung zeigt die verschiedenen Evolutionsstadien
in einem Farben-Helligkeits-Diagramm.

7.2 Evolution von Doppelsternen

\Von den circa 5000 Sternen, die man mit dem blossen Auge dadrem sind etwa 2000
eigentlich Doppelsterne oder Sterne in einem MehrfacksysMan nimmt an, dass sich
etwa 60% von allen Sternen in einem Doppelsternsystem teefiridler nachste Stern nach
der Sonne, Proxima Centauri, ist Mitglied von einem ‘Drafpelsternsystem’ und ist der
Begleiter von dem viel engeren PaarCentauri, das mit dem blossen Auge sichtbar ist.
Sterne in einem Doppelsternsystem sind durch die Schwiedgedunden und umkreisen
einander. Wenn die zwei Sterne weit entfernt von einanarest, so wie bei Proxima Cen-
tauri, merken sie wenig von ihrem Begleiter und evoluiereakpisch wie einzelne Sterne.
Solche Doppelsterne haben Bahnperioden von 10 Jahren ader Rilr Doppelsterne mit
Perioden von weniger als etwa 10 Jahren gilt, dass die Séerfrdem Rote-Riesen-Ast oder
AGB ungefahr so gross werden wie der Abstand zwischen den3ternen. In diesem Fall
kdonnen beide Sterne einander naturlich stark beeinftusad die Situation ist ganz anders
als im Fall eines einzelnen Sterns.

Um zu lUberlegen was in einem engen Doppelsternsystem glesatkann, stellen wir
uns ein Teilchen vor, das sich in der Nahe von einem der zteen8 befindet. Das Teilchen
wird von der Gravitation dieses Sterns angezogen und begirithn zu stlirzen. Wenn sich
das Teilchen vom ersten Stern entfernt und sich dem zwettgn 8ahert, wird die Schwer-
kraft vom ersten Stern immer schwacher und die vom zweitenmnSmmer starker. Ab
einem bestimmten Punkt wird das Teilchen starker vom ameBtern angezogen als vom
ersten. In Wirklichkeit spielt nicht nur die Gravitatiomredern auch die Zentrifugalkraft
durch die Rotation des Doppelsternsystems eine Rolle. Bé&sh€n bewegt sich im Poten-
tialfeld von diesen drei Kraften. Eine dreidimensionaleti¢rgabe eines solchen Potenti-
alfelds fur einen Doppelstern mit Massenverhaltnis li2liwn Abbildung6.3auf Seitel 32
dargestellt. Die tropfenférmigen Gebiete in deuipotentialfigur am Boden der Abbildung
(fette Linien) sind dieRoche-Lobesder Sterne. Die Punkt&,, L, und L3 sind die Punk-
te von Lagrange, in denen die Krafte einander aufhebennWwenStern sein Roche-Lobe
fullt, kann Gas durch den Sattelpunkt vom einen zum anderen Stern stromen.

Das Roche-Lobe des Sterns ist das Gebiet, innerhalb dees&tatn beschrankt blei-
ben soll um sein Gas an sich gebunden zu lassen. Wir habewvater schon gesehen,
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Abbildung 7.1: Ein Farben-Helligkeits-Diagramm zeigt tharbe’ B—V und visuelle Ma-
gnitudeV von 20546 nahen Sternen. Von rechts unten bis links obeawfedie Hauptrei-
he (MS). GB ist der Riesenast, HB der horizontale Ast und WBd ®¥/eisse Zwerge. Die
Linien sind Evolutionsspuren von Sternmodellen von 0,8, 2,5, 5 und 10/,. Die ge-
strichelte Linie zeigt das Ende des\i;-Modelles, wo der Stern schliesslich ein Weisser
Zwerg wird. Es wird ein Hinweis auf die Leuchtkraftund Temperatuf,.s gegeben, die
Zahlenwerte gelten aber genau genommen fiir die Hauptreihe
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dass evoluierende Sterne aufschwellen und dass sich sateg&terne schneller entwickeln.
Von den zwei Sternen in einem Doppelsternsystem wird alsscleverere als erster von
der Hauptreihe evoluieren und zu einem Roten Riesen wevdemn der Stern grosser wird
als sein Roche-Lobe, kann das Gas von diesem Stern Uberttetp8nktZ; zum zweiten
Stern stromen. Es findet dann Massenubertragung vom setemeStern zu seinem Be-
gleiter statt. Da hauptsachlich die Masse des Sterns &siokeition bestimmt, andert sich
die Evolution von einem solchen Stern drastisch. Wenn derdigiern seinen Wasserstoff-
mantel schon vor dem AGB durch Massenuibertragung veréatsteht ein Weisser Zwerg,
der viel leichter ist als ein resultierender Weisser Zwergese Einzelsterns mit der selben
urspringlichen Masse. Wenn Masseniibertragung vor oderemd der Rote-Riesen-Phase
stattfindet, entsteht ausserdem ein Weisser Zwerg ausrhistatt aus Kohlenstoff und Sau-
erstoff. Zusatzlich andert sich die Bahnperiode watréer Massenibertragung, da mit der
Materie auch Drehimputsibertragen wird.

Falls der Begleiter des Donorsterns gross genug ist und dsel@vindigkeit der Mas-
seniibertragung nicht zu hoch, dann kann der Begleiteudagragene Gas einfangen. Ist
dieser Stern ein Hauptreihenstern, dann nimmt seine Maga#ilsant zu und der Stern
wird sich wie ein schwererer Stern verhalten. Masseniiguing kann daraufhin in die an-
dere Richtung stattfinden, wenn der Begleiter selbst auntldeoHauptreihe evoluiert. Falls
der Begleiter aber ein kompakter Stern ist, wie etwa ein Ma&ginstern, dann hat die Mate-
rie zu viel Drehimpuls um den Begleiter direkt zu treffen. Wdias kompakte Objekt herum
entsteht in dem Fall eindkkretionsscheibgsiehe vorderer Buchumschlag, Abbildungen
undb). Das Gas in der Akkretionsscheibe wird durch die starkeviBaion des kompakten
Objekts beschleunigt, wird erhitzt und sendet viel Ronggehlung aus. Wir sehen solche
Doppelsterne al®ontgendoppelsterng&-ray binaries). Wenn die Massenubertragungsge-
schwindigkeit hoch genug ist, kann ein Teil der Materie deppelstern verlassen.

Fullt ein Riesenstern sein Roche-Lobe, dann ist die Magsemtragungsgeschwindig-
keit oft sehr gross. Der Stern hat dann einen tiefen konvektMantel. Verliert ein solcher
Stern etwas Gas, weil er sein Roche-Lobe tUberfullt, dagimnd sich der Stern aus und
Uberfullt sein Roche-Lobe noch mehr. Dadurch steigt desd&niibertragungsgeschwin-
digkeit, der Stern dehnt weiter aus, und so weiter. Die Maislsertragung ist in diesem Fall
instabil und der Begleiter eines solchen Sterns kann imehtlginen nicht soviel Gas in so
kurzer Zeit einfangen. Der Mantel des Donorsterns dehntboedl aus, dass er auch den
Begleiter umhllt und so entsteht egemeinsamer Mantétommon envelope). Der Kern
des Donors und der Begleiter umkreisen einander jetzt halerdieses Mantels. Durch
den Widerstand vom Gas spiralisieren beide Sterne aufééraru (spiral-in) und wird die
Bahnperiode (viel) kiirzer. Abbildur§y4 auf Seitel 34 zeigt eine Skizze dieses Prozesses
der Einspiralisierung, siehe auch Abbildungatndd auf dem vorderen Buchumschlag.

4Mit dem Begriff Drehimpulswird in der Physik die Quantitat der Rotation ausgedrii€tehimpuls geht
wie Energie nicht verloren, kann aber ubertragen werdén.Krper hat mehr Drehimpuls, wenn er schneller
rotiert, schwerer ist oder einen grosseren DrehradiusHiatbekanntes Beispiel von Drehimpulserhaltung ist der
Eistanzer, der seine Arme einzieht; der Drehradius wieihidr und deswegen muss er schneller rotieren. Wenn die
Rotationsgeschwindigkeit nicht grosser wirde, gingeHimpuls verloren. Wenn der Eistanzer spontan schneller
rotierte, wirde Drehimpuls produziert.
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Die Messung der Geschwindigkeit von Sternen ist eine ankliethode um Doppel-
sterne zu erkennen. Wenn zwei Sterne einander umkreiseregb@amlich ein Stern auf
uns zu, wahrend der andere von uns weg bewegt, und umgekéstwiederholt sich mit
einer Periode, die gleich der Bahnperiode des DoppelsistrBurch den Doppler-EffeRt
kann diese periodischEnderung gefunden werden und das Verhaltnis der Radietyes-
digkeiten der beiden Sterne ist ein Mass fur das Masseéltait. Ein Beispiel fur eine
solche Beobachtung und die Radialgeschwindigkeiten, a@iau$ abgeleitet wurden, wird
in Abbildungl.3auf Seitel 1 gezeigt.

In der Nahe der Sonne ist die Durchschnittdistanz zwisatfemSternen mit ungefahr
einemParseé relativ gross. Die Chance, dass ein Doppelstern von eineraran Stern be-
einflusst wird, ist dadurch sehr gering und man kann annehdass Doppelsterne isoliert
evoluieren. Das ist aber anders in Gebieten mit viel hah&terndichten, so wie im Zen-
trum einer Galaxie oder in eineiugelsternhaufeifsieche Abbildung.5 auf Seitel35).
Im Zentrum eines Kugelsternhaufens kann die Sterndicime Kfillion mal dichter sein
als in der Nahe der Sonne und dadurch ist die Chance aufiskmien’ zwischen Sternen
eine Billion mal grosser. Eine sogenannte Kollision kaimealirekte Kollision zwischen
zwei Sternen sein, aber auch eine ‘Begegnung’ von einenm $téreinem Doppelstern
oder zwischen zwei Doppelsternen. Bei einer solchen Bagagkonnen Sterne des Dop-
pelsternsystems mit den begegnenden Sternen ausgetauesden und es kann ein ganz
anderer Doppelstern entstehen. Man beobachtet, dass iea@ahellen Rontgendoppel-
sternen in Kugelsternhaufen im Verhaltnis grosser istsalnstwo in unserer Milchstrasse.
Dies ist vermutlich die Folge der hoheren Sterndichte ig&sternhaufen, da ein solcher
Doppelstern beispielsweise durch eine direkte Kollisiaszhen einem Riesenstern und
einem Neutronenstern gebildet wird.

7.3 Diese Dissertation

In dieser Dissertation werden zwei Typen von kompakten [Rtgtprnen erforscht. In den
Kapiteln2 und3 untersuchen wir das Entstehen von hellen Rontgendogpedstin Kugel-
sternhaufen. Wir zeigen, dass eines der drei Szenariogrstiellt wurden um das Entste-
hen dieser Doppelsterne zu erklaren, zu wenig oder gaekeimtgendoppelsterne inner-
halb des Alters des Weltalls produziert. In Kap#etird ein heller Rontgendoppelstern in
unserer Milchstrasse untersucht. Aufgrund von beobaehtebntgenausbriichen auf dem
Neutronenstern und einem hohen Neon/Sauerstoff-Veris@eigen wir, dass der Donor-
stern wahrscheinlich der Rest eines Helium Weissen Zwestjeder moglicherweise durch
eine Einspiralisierung in eine enge Bahn um den Neutroremgfekommen ist. In Ka-
pitel5 untersuchen wir die Formation von doppelten Weissen Zwerde zwei Phasen
von Massenubertragung durchlaufen haben. Wir konklediggdass unsere Modelle die be-
obachteten Massen und Bahnperioden gut erklaren, absredaschwieriger ist auch den

5Der Doppler-Effekt ist auch die Ursache, dass sich der TarBitene verschiebt, wenn sich eine Ambulanz
nahert oder entfernt.
SEin Parsec sind 3,26 Lichtjahre, etwa 30 Billionen Kilonng&0 000 000 000 000 km).
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Altersunterschied zwischen den Sternen zu erklaren.

7.3.1 Formation und Evolution von kompakten Rontgendoppelsternen

In den Kugelsternhaufen unserer Galaxie sind 13 helle g&injuellen beobachtet wor-
den. Diese sind Rontgendoppelsterne und von den 13 Ddapp®a haben sicher 3, wahr-
scheinlich 5 und moglicherweise 6 bis 8 eine ultrakurzerigaiiode von weniger als circa
40 Minuten (siehe Tabelle 1 auf Seiteb). Das ist im Verhaltnis mehr als in unserer Gala-
xie und die Erklarung liegt vermutlich in der viel hdhergterndichte in Kugelsternhaufen.
In einem Kugelsternhaufen finden mehr Kollisionen zwiscB&rnen statt als in der ga-
laktischen Ebene und eine der Theorien sagt, dass ein saltttekompakter Doppelstern
durch die Kollision von einem (Unter-)Riesenstern mit @nleutronenstern entsteht. In
diesem Fall entsteht ein Weisser Zwerg, der sein Gas zunrdiearistern tibertragen kann.
Wahrend einer solchen Masseniibertragung nimmt die Baioge immer zu.

Laut einer anderen Theorie kann ein Stern von ungefalir,1 der sein Roche-Lobe am
Ende der Hauptreihe fullt und sein Gas zu einem Neutroremsibertragt, auch zu einem
ultrakompakten Rontgendoppelstern werden. Normalesveiird die Bahnperiode in so
einem Fall langer, aber falls der Stern ein starkes Magftetind einen starken Sternwind
hat, kann das zu kiirzeren Perioden fuhren. Das Gas, daStdamim Sternwind verlasst,
wird von den magnetischen Feldlinien mitgefuhrt und bisgrosse Distanz zu Korotation
mit dem Stern gezwungen. Dieser Effekt ist &hnlich wie lxe@n Eistanzer, der seine Arme
ausstreckt; er wird langsamer rotieren. Im Fall des Steshdér Grund, dass Drehimpuls
durch den Wind vom Stern abtransportiert wird. Dieser Bffisk nur schwach, er kann
aber Milliarden Jahre lang anhalten. Der Stern wird dadilanfsamer rotieren und dieser
Prozess wirdnagnetisches Bremsémagnetic braking) genannt.

Die Rotation eines Sterns, der Masse in einem Doppelststersyiibertragt, ist durch
Gezeitenkrafte an die Bahnbewegung vom Doppelstern getbfwie der Mond, der im-
mer die gleiche Seite zur Erde gekehrt hat). Der Drehimplgs,durch das magnetische
Bremsen verloren geht, wird dadurch effektiv aus der Balin@mmen, wodurch die Bahn
enger wird und die Periode kiirzer. Die Bahnperiode ertdieheinem bestimmten Wert ein
Minimum und nimmt daraufhin wieder zu. Andere Forscher magezeigt, dass auf diese
Weise Doppelsterne mit Minimumperioden von 5 Minuten gaidtilverden kdnnen. Dieses
Szenario wirdnagnetischer Fangenannt. Der Vorteil dieser Theorie ist, dass sie ein beob-
achtetes Doppelsternsystem erklaren kdnnte, von deBati@periode 11 Minuten betragt
und abzunehmen scheint. Unsere Untersuchungen dageggmzdass ein Doppelstern
langer braucht, als das Weltall alt ist, um eine Bahnperieon 5 Minuten zu erreichen.
Eine Minimumperiode von 11 Minuten ist gerade noch moglaiber eine sehr spezifische
Anfangssituation ist fuir eine so kurze Periode notwenBaglich ist die Chance sehr ge-
ring, dass diese Sterne in der Natur tatsachlich gebiléeten und daher konnen wir dieses
Entstehungsszenario wahrscheinlich ausschliessent@{api

In Kapitel3 fuhren wir die Untersuchungen des Szenarios des maghetigeangs fort.
Wir verwenden jetzt ein neueres Gesetz um das magnetisatra€®n zu beschreiben,
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das aus Beobachtungen von rotierenden Sternen empiristimb& wurde. Die Folge ist

ein schwacheres magnetisches Bremsen und eine Versogielau kirzesten Minimum-

perioden von circa 11 Minuten bis zu 70 Minuten. Damit ist &&&nario vom magneti-

schen Bremsen nicht mehr zutreffend. Das heisst aber, dasslthehmen der 11 Minuten-
Periode auf eine andere Weise erklart werden soll. Estsa¢alich moglich, dass der Dop-
pelstern im Gravitationsfeld des Kugelsternhaufens, im @e sich befindet, beschleunigt
wird. Ausserdem wurde vor einigen Monaten ein Artikel vo@aren Forschern publiziert,

in dem gezeigt wird, dass man mit Sternkollisionen alle laeblbeten Rontgenquellen in
Kugelsternhaufen erklaren kann.

Die hellen Rontgendoppelsterne in Kugelsternhaufemkaralso durch Kollisionen er-
klart werden. Eine solche Kollision ist mit einem (Unt&i¢sen am wahrscheinlichsten und
in diesem Fall wird der Begleiter des Neutronensterns eiis¥ee Zwerg sein. In der galak-
tischen Ebene ist die Sterndichte zu gering fir Sterngioltien. Man vermutet, dass die hel-
len Rdntgendoppelsterne hier durch eine Einspiralisigiin einem Doppelsternsystem mit
einem Neutronenstern entstehen. So kann ein Weisser Zwsrgelium, Kohlenstoff und
Sauerstoff, oder sogar Sauerstoff und Neon entstehen. dachinspiralisierung verliert
der Doppelstern durch Gravitationsstrahlung Drehimphils die Bahnperiode so kurz ist,
dass der Weisse Zwerg sein Roche-Lobe fullt und Materie Ki@utronenstern Ubertragt.
Ab diesem Moment sendet der Doppelstern Rontgenstralalusignd die Bahnperiode wird
wieder langer.

Ein solcher Rdontgendoppelstern in der galaktischen Els2& 0918-549. Weil dieses
System im optischen relativ schwach ist und im Rontgenblersehr hell, vermutet man,
dass es sich um einen ultrakompakten Doppelstern handedtdém Rontgenspektrum des
Doppelsterns schliesst man auf ein Verhaltnis Neon/Stoférdas hoher ist als zum Bei-
spiel in der Sonne. Daraus wird gefolgert, dass es sich uanaiveissen Zwerg aus Sauer-
stoff und Neon handelt. In Kapitélwird die Beobachtung eines langen Ausbruchs auf dem
Neutronenstern von 2S 0918-549 beschrieben. Solche lamiggg&ausbriiche konnen nur
erklart werden, wenn sich Wasserstoff und Helium auf dermathaenstern befinden. Das
kann nur der Fall sein, wenn sein Begleiter Wasserstoff ualiush zum Neutronenstern
Ubertragt. In einem Weissen Zwerg kommt kein Wasserstfund Helium wurde (noch)
nicht beobachtet. Die Frage, die wir in Kapidbeantworten wollen, ist also: Was ist der
Donorstern von 2S 0918-5497?

Ein Sauerstoff-Neon Weisser Zwerg scheint ausgeschlosssatens weil diese Art sehr
selten ist (und es wurden insgesamt vier dieser Doppetsgefunden) und zweitens weil
diese Weissen Zwerge schwerer sind algd und deswegen wahrscheinlich auseinander
gerissen werden, wenn sie Masse zu einem Neutronenstertradgen. Damit bleiben also
ein Helium Weisser Zwerg und ein Kohlenstoff-SauerstofdjG\Veisser Zwerg tbrig. Wir
berechneten Modelle fur Sterne mit verschiedenen Mastierzuerst einen Heliumkern
und spater einen CO-Kern produzieren. Wir zeigen, daswevil der Wasserstofffusion,
die zu der Formation eines Heliumkernes fuhren soll, Ssta#frzerstort wird und mit Ne-
on nichts passiert. Deswegen ist das Neon/Sauerstoffalteitin einem Heliumkern oder
Helium Weissen Zwerg hoch. Wahrend der Heliumfusion wiiel $auerstoff produziert,
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wodurch das Neon/Sauerstoff-Verhaltnis in CO Weissenrges sehr gering ist (siehe Ta-
belle4.4 auf Seite76). Wir folgern, dass der Donorstern in 2S 0918-549 wahrsdicbi
ein Helium Weisser Zwerg ist, basierend auf dem langen ga@mgusbruch und dem hohen
Neon/Sauerstoff-Verhaltnis. Daher schlagen wir in Kelgitvor, dass ein grosser Helium-
vorrat aufgebaut werden kann, wenn die Massenubertrag@sghwindigkeit nicht allzu
hoch ist. Wenn die Heliumschicht dann schliesslich endeifingibt es einen langen Aus-
bruch, wie auch beobachtet wurde. Was wir nicht erklar@mieh ist, dass kein Helium im
Spektrum beobachtet wird. Es ist aber auch nicht eindeetigésen, dass sich kein Helium
im Doppelstern befindet und eine zukiinftige Beobachtumgtelium konnte die Existenz
vom Heliumdonor in 2S 0918-549 bestatigen.

7.3.2 Die Formation von doppelten Weissen Zwergen

Wenn ein Riesenstern sein Roche-Lobe fllt, ist die Maskeriragung oft instabil und
ein gemeinsamer Mantel kann entstehen, gefolgt von eimesplitalisierung der zwei Ster-
ne innerhalb des Mantels (siehe Abbilduhg auf Seitel 34). Beim Einspiralisieren wird
Bahnenergie aus dem Doppelsternsystem frei. Um abzusaham wieviel die Bahnperi-
ode bei einer Einspiralisierung kirzer wird, wird oft amgenmen, dass gentigend Bahn-
energie freigemacht werden soll um den Mantel loszulosehins Weltall zu schicken. Die
Bindungsenergie des Sternmantels, die wir mit dem Evailstode ausrechnen kdnnen,
gibt also einen Hinweis auf die Quantitat der Energie, die der Bahn des Doppelsterns
freigemacht werden soll. Daraus konnen wir diederung der Bahnperiode wahrend der
Einspiralisierung berechnen. Dies nennt man die Method&dergiebilanz.

In Kapitel5 verwenden wir diese Methode um die Evolution von doppeltexisgén
Zwergen zu rekonstruieren. Fast alle dieser Weissen Zwsrgezu leicht um nicht in ei-
nem Doppelstern formiert zu sein. Die Bahnen der Doppelstsind nur einige Sonnen-
radien gross (siehe Tabebel auf SeiteB3) — viel kleiner also als der Riesenstern, der
einen solchen Weissen Zwerg produziert. Daher wissen a#s dlle dieser Weissen Zwer-
ge nach der Massenuibertragung im Doppelstern gebilddtigid dass die Bahnperiode
wahrend der letzten Masseniibertragungsphase bedddésmer geworden ist.Wir probie-
ren verschiedene Szenarios aus, so wie stabile Massédraerg, wobei der Begleiter das
ganze Gas einfangt und wir zeigen, dass der Prozess nietiebachteten Doppelsterne
erklaren kann. Auch die Einspiralisierung mit Energiahit reicht nicht aus um alle Dop-
pelsterne zu produzieren. Wir verwenden darum die Annaloneanderen Forschern, dass
wahrend einer Einspiralisierung nicht die Energie, sondker Drehimpuls erhalten wird.
Wir finden, dass eine Variante dieser Methode die beobaahtdassen und Bahnperioden
der doppelten Weissen Zwerge tatsachlich erklaren kahne dass Drehimpuls verloren
geht oder produziert wird. Wir finden auch, dass es viel sehggr ist die beobachtete
Altersdifferenz der beiden Komponenten zu reproduzielm Beispiel eines Evolutions-
szenarios, wobei ein doppelter Hauptreihenstern iberRPha&sen von Einspiralisierung zu
einem doppelten Weissen Zwerg evoluiert, wird in Abbildangauf Seitel 3 gezeigt.
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